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1. Introduction



超巨大ブラックホール
Supermassive black holes

ー 銀河中心に普遍的に存在

ー 非常に大質量：

ー 母銀河の性質と強い相関
(e.g. Magorrian et al. 1998; Ferrarese & Merritt 
2000; Marconi and Hunt 2003; Gultekin et al. 2009) 

106-10 Msun

http://www.daviddarling.info/encyclopedia/B/blackhole.html
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Figure 1. M–σ relation for galaxies with dynamical measurements. The symbol indicates the method of BH mass measurement: stellar dynamical (pentagrams), gas
dynamical (circles), masers (asterisks). Arrows indicate 3σ68 upper limits to BH mass. If the 3σ68 limit is not available, we plot it at three times the 1σ68 or at 1.5 times
the 2σ68 limits. For clarity, we only plot error boxes for upper limits that are close to or below the best-fit relation. The color of the error ellipse indicates the Hubble
type of the host galaxy: elliptical (red), S0 (green), and spiral (blue). The saturation of the colors in the error ellipses or boxes is inversely proportional to the area of
the ellipse or box. Squares are galaxies that we do not include in our fit. The line is the best fit relation to the full sample: MBH = 108.12 M⊙(σ/200 km s−1)4.24. The
mass uncertainty for NGC 4258 has been plotted much larger than its actual value so that it will show on this plot. For clarity, we omit labels of some galaxies in
crowded regions.

relation from sample S. The distribution of the residuals appears
consistent with a normal or Gaussian distribution in logarithmic
mass, although the distribution is noisy because of the small
numbers. For a more direct test of normality we look at log(MBH)
in galaxies with σe between 165 and 235 km s−1, corresponding
to a range in log(σe/200 km s−1) from approximately −0.075
to 0.075. The predicted masses for the 19 galaxies in this
narrow range differ by at most a factor of 4.3, given our
best-fit relation. The power of having a large number of
galaxies in a narrow range in velocity dispersion is evident
here, as there is no need to assume a value for the slope of

M–σ or even that a power-law form is the right model. The
only assumption required is that the ridge line of any M–σ
relation that may exist does not change substantially across
the range of velocity dispersion. The mean of the logarithmic
mass in solar units is 8.16, and the standard deviation is
0.45. The expected standard deviation in mass is 0.19, based
on the rms dispersion of log(σe/200 km s−1) (0.046) in this
range times the M–σ slope β; thus the variation in the ridge line
of the M–σ relation in this sample is negligible compared to
the intrinsic scatter. We perform an Anderson–Darling test for
normality with unknown center and variance on this sample of

MBH ∼ 106−10 M⊙ (17)

MBH ∝ σ4 (18)
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SMBHは銀河と共に進化してきた重要な構成要素



宇宙初期のSMBH

ー 最遠方は z=7.085 
　(ビッグバンから0.77Gyr)

ー 非常に大質量

MBH～108-9 Msun

Figure 9: MBH versus z for a low-z sample (grey dots Zamfir et al., 2010), and
several imtermediate to high z samples. Red circles: Marziani et al. (2009); open
squares: Dietrich et al. (2009); open triangles: Shemmer et al. (2004); filled pentagons:
Netzer et al. (2007); filled squares: Trakhtenbrot et al. (2011); open starred octagons:
Willott et al. (2010); filled octagons: Kurk et al. (2007); large spot at z ≈ 7: the high-z
quasar whose discovery was announced in late June 2011 (Mortlock et al., 2011). The
dashed line marks MBH = 5·109 M⊙.
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ー 非常に珍しい
NSMBH(z>6) ～ 10-8 cMpc-3

SMBHは銀河と共に進化してきた重要な構成要素
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SMBH形成のOverview

(e.g. Rees 1978)

BHへのガス降着

BH/星同士の合体
ガス雲 高密度星団

超大質量星 星団 + BHs

PopIII BHs (10-100 Msun)

Direct-collapse BHs  
(超大質量星; >105 Msun)

・BHの種モデル (初期質量)

・主な2つの過程



2.  SMBH formation via 	


stellar mass BHs



BHの成長時間

・ BH成長率 < Eddington降着率
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BHへの降着限界(1)

・ 外側からのガス供給率
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X-ray

UV

・ 輻射加熱によるfeedback
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BHへの降着限界(2)
・ 様々な加熱源
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GMBHṀacc

Rin
≃ 1

6
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ṀBH =
1− ϵ

ϵ

L

c2
<

1− ϵ

ϵ

LEdd

c2
=

1− ϵ

ϵ

MBH

tEdd
= (1− ϵ)Ṁacc (2)
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・ 臨界質量 (Eddington~Bondi)
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Ṁaccc

2 ≡ ϵṀaccc
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Figure 5. Evolution of heating time (top), distance from black hole to clump
(middle), and accretion rate (bottom). Solid lines are with feedback, dotted lines
are without feedback. The horizontal line in the top panel is the sound crossing
time across the Bondi radius at 3000 K (rB ∼ 0.1 pc), while the one in the
lower panel is the Eddington accretion rate for a 100 M⊙ black hole with 10%
radiative efficiency.

feedback lowers peak accretion rates from ∼10−7 M⊙ yr−1 to a
few times 10−11 M⊙ yr−1, indicating that radiative feedback is
very efficient at halting accretion. Furthermore, the feedback is
sufficiently strong to prevent further cooling and star formation
within its host minihalo, inhibiting star formation in the halo
over the 200 million years we have evolved it.

These results are in agreement with previous work, which
indicated that massive Pop III stars forming in minihalos with
mass ∼106 M⊙ photoevaporate the halo gas from the inside out,
leaving any remnant black hole starved, at least momentarily,
of accreting material (Whalen et al. 2004; Kitayama et al. 2004;
O’Shea et al. 2005). In particular, Johnson & Bromm (2007)
showed that this photoevaporation was likely to delay significant
accretion for on the order of 100 million years, creating an early
“bottleneck” in the black hole’s growth. Our results imply that
the situation is likely to be even more drastic, because radiative
feedback is so effective at preventing gas from reaching the
center of the halo, even without taking into account the effect
of lower mean free path photons or radiation pressure (e.g.,
Haehnelt 1995; Dijkstra & Loeb 2008; Milosavljevic et al.
2008).

The possibility that accretion onto black holes in minihalos
could power miniquasars (Kuhlen & Madau 2005) and even
lead to supermassive black hole formation (Madau et al. 2004;
Tanaka & Haiman 2009) has received a great deal of attention
lately. Radiation from such a population of miniquasars could
have significantly increased the ionizing photon budget of the
universe and extended the reionization process and altered its

topology (Ricotti & Ostriker 2004; Madau et al. 2004). They
could also change the pattern of 21 cm fluctuations before
reionization, as pointed out by Chuzhoy et al. (2006) and Chen
& Miralda-Escude (2006). The strong feedback effects and low
accretion rates we find here indicate that black hole remnants
of Pop III stars that formed in minihalos will have difficulty
accreting quickly enough to grow into the supermassive black
holes powering the quasars recently discovered at z > 6.
Specifically, we find that remnant black holes of Pop III stars
were not likely to have accreted efficiently while in minihalos.
Statistical merger-tree-based models of black hole growth in
minihalos such as those of Madau et al. (2004) and Tanaka &
Haiman (2009) may need to be revised to take this finding into
account. Because we do not have the dynamic range necessary to
follow the merger history of the host minihalo to the point where
atomic cooling becomes important (i.e., a virial temperature
! 104 K), we have not ruled out the possibility that Pop III
remnant black holes as modeled here could accrete efficiently
at that point.

What is the likely fate of a Pop III remnant black hole that
formed in a minihalo after it falls into a larger, metal-free atomic
cooling halo with Tvir ! 104 K? Although our simulations
could not address this question directly, our results hint at an
interesting new possibility. In particular, we find that these black
holes are likely to maintain a strong negative feedback effect on
star formation within tens of pc. Because these remnant black
holes are expected to occupy the inner regions of the atomic
cooling halos they fall into, they should continue to prevent star
formation within the central 10–100 pc, which could contain a
gaseous reservoir of perhaps 105 to 106 M⊙, perhaps allowing
that gas to collapse further into a massive central black hole
as described in, e.g., Bromm & Loeb (2003) and Begelman
et al. (2006). Rather than preventing fragmentation by external
radiation (e.g., Dijkstra et al. 2008; Shang et al. 2009) or
turbulent support (e.g., Begelman & Shlosman 2009), our results
imply yet another path to massive black hole formation in metal-
free atomic cooling halos: suppression of fragmentation by black
hole feedback from within.

This hypothesis has yet to be tested by cosmological simu-
lations that follow the formation history of an atomic cooling
halo, including feedback from all the star and black hole forma-
tion that took place in its minihalo progenitors. In addition, the
presence of metals and dust would complicate the picture even
further, perhaps making suppression of star formation more dif-
ficult. We are currently working to answer these questions by
including these effects in calculations like those of Wise & Abel
(2007) and Wise et al. (2008) which will be the subject of future
work.
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Figure 1. Central accretion rate and radiative luminosity as a function of time
for radiative efficiency ϵ = 0.1.

2.4. Mesh Refinement and Initial Conditions

We simulate a cylindrical domain in the upper hemisphere
0 < (R, z) < 1 pc with 18 levels of mesh refinement. Since
each AMR block contains 8 × 8 zones, the maximum spatial
resolution in the simulation is ∆x ∼ 3 × 1012 cm. We require
that the central hole, with radius rhole = 1014 cm, is always
resolved at the highest level of mesh refinement. We achieve
pseudo-logarithmic gridding by capping the resolution at radius
r with ∆x > 1

8ηr where we choose η = 0.1; this prevents
the use of excessive resolution far from the central hole. The
simulation domain initially contained uniform-density partially
ionized gas, with initial electron abundance of χe = 0.5, at
temperature 104 K and density nH = 107 cm−3. The initial value
for the central point mass was 100 M⊙.

3. RESULTS

The central accretion rate, shown in Figure 1, oscillates
between values close to, and occasionally mildly exceeding the
Eddington limit, Ṁmax ∼ ṀEdd ∼ 2×10−6 M⊙ yr−1, and a rate
lower by an order of magnitude, Ṁmin ∼ 2×10−7 M⊙ yr−1. The
accretion is approximately periodic with a mild trend toward
an increasing period separating consecutive peak episodes;
the period varies between 250 yr and 350 yr. Accretion rate
falloff following a maximum is roughly exponential, as may
be expected when photoheating and photoionization radiation
pressure in the ionized region surrounding the black hole drive
down the accretion rate (see Section 3 in Milosavljević et al.
2009). The average accretion rate and luminosity are ⟨Ṁ⟩ =
4.6×1019 g s−1 and ⟨L⟩ = 4.2×1039 erg s−1, which says that on
average, the black hole accretes at 32% of the Eddington limit.
The average accretion rate is still only ∼0.2% of the isothermal
“Bondi” accretion rate ṀBondi = e3/2π (GMbh)2nmp/c3

s (∞),
calculated ignoring radiative feedback, for an ambient sound
speed of cs(∞) = 14 km s−1.

During a central accretion maximum, electron scattering
and photoionization radiation pressure drive an outflow in the
ionized gas within the H ii region that has neutral fractions
χH ∼ 10−4 to 10−5 (Figure 2, lower panels). This leads to rar-
efaction and exponential drop in central accretion. Meanwhile,
as radiation pressure subsides, gas near the edge of the H ii
region accelerates inward. This acceleration is driven by a gas
pressure imbalance near the edge; the imbalance was inherited
from the preceding accretion maximum when an outward radi-
ation pressure force balanced an inward gas pressure gradient
force. The outflow intersects with the inflow, and the inflowing
gas ultimately arrives at the edge of the central hole and gives
rise to a new accretion maximum. The longest timescale in the
cycle is the inward acceleration and infall time, which is here a

Figure 2. Gas number density n (upper panels) and neutral fraction χH (lower
panels) at two separate instances around t ∼ 4000 yr. The left panels show
the flow during a central accretion minimum; infalling gas is clearly visible at
r ∼ 1.5 × 1016 cm. The right panels show the flow during a central accretion
maximum. The structure near the central axis, in the conical region marked by
dashed lines, is an artifact of our having set the optical depth to zero along the
axis, for R/|z| < tan 5◦, to avoid numerical issues arising from the coordinate
singularity.

Figure 3. Minimum radius at which neutral gas, with ionization fraction
χH+ < 1

2 is found (lower boundary of the shaded region in panel (a)) and
maximum radius at which ionized gas, with χH+ > 1

2 , is found (upper boundary
of the shaded region). Panel (b) shows the minimum radius at which the radial
inflow is subsonic. Because of transient shock heating in the flow, the sonic
radius, which normally resides at rs ∼ 2.2 × 1014 cm, shrinks to the edge of the
hole at rhole = 1014 cm.

factor of ∼3 shorter than the radial sound crossing time of the
H ii region with typical temperature TH II ∼ 4 × 104 K.

To investigate the relative importance of radiation pressure
compared to heating, we continued the simulation shown in
Figures 1–3 with the radiation pressure force artificially set
to zero. The heating-only simulation exhibited a significantly
higher, super-Eddington mean accretion rate and a rapid,
monthly variability reflecting an episodic heating to the Comp-
ton temperature and convective transport at r ∼ rhole. The longer
period (∼300 yr) behavior observed in the simulation with the
radiation pressure was absent in the heating-only simulation.

20 40

20

40

Milosavljevic et al. (2009)
Alvarez et al. (2009)

・ 星質量BHの成長率/Eddington率
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Figure 1. Central accretion rate and radiative luminosity as a function of time
for radiative efficiency ϵ = 0.1.
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resolution in the simulation is ∆x ∼ 3 × 1012 cm. We require
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r with ∆x > 1
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an increasing period separating consecutive peak episodes;
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be expected when photoheating and photoionization radiation
pressure in the ionized region surrounding the black hole drive
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and photoionization radiation pressure drive an outflow in the
ionized gas within the H ii region that has neutral fractions
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efaction and exponential drop in central accretion. Meanwhile,
as radiation pressure subsides, gas near the edge of the H ii
region accelerates inward. This acceleration is driven by a gas
pressure imbalance near the edge; the imbalance was inherited
from the preceding accretion maximum when an outward radi-
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H ii region with typical temperature TH II ∼ 4 × 104 K.

To investigate the relative importance of radiation pressure
compared to heating, we continued the simulation shown in
Figures 1–3 with the radiation pressure force artificially set
to zero. The heating-only simulation exhibited a significantly
higher, super-Eddington mean accretion rate and a rapid,
monthly variability reflecting an episodic heating to the Comp-
ton temperature and convective transport at r ∼ rhole. The longer
period (∼300 yr) behavior observed in the simulation with the
radiation pressure was absent in the heating-only simulation.
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2 ≡ ϵṀaccc
2 (1)
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2 ≡ ϵṀaccc
2 (1)
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ṀBH =
1− ϵ

ϵ

L

c2
<

1− ϵ

ϵ

LEdd

c2
=

1− ϵ

ϵ

MBH

tEdd
= (1− ϵ)Ṁacc (2)
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ṀEdd

rs
2

(5)

c⃝ 0000 RAS, MNRAS 000, 000–000

降着率＞Eddington降着率

r < rtr

Eddington光度を越えない(　　　　　　　  )

1

L =
GMBHṀacc
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= (1− ϵ)Ṁacc (2)

LEdd =
4πcGMBH

κT
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Ṁ
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Figure 3. Snapshot of disk structures for density (left) and radiation energy
density (right) at time 1.13 × 104ts . Units for ρ and Er are ρ0 and arT

4
0

respectively.
(A color version of this figure is available in the online journal.)

Detailed structures of the disk will be studied quantitatively in
the following sections.

4.3. Inflow and Outflow

To see which part of the disk has reached inflow equilib-
rium, Figure 4 shows various mass fluxes through each radius
defined as

Ṁsum =
∮

ρv · dS,

Ṁin =
∫ Lz/2

−Lz/2
2πmin(vr, 0)rρdz,

Ṁout =
∫ Lz/2

−Lz/2
2πmax(vr, 0)rρdz,

Ṁz =
∫ r

0
2πvz(z = ±Lz/2)rρdr. (8)

Here, Ṁsum is the total mass flux through the cylinder with radius
r, Ṁin, and Ṁout are the inward and outward mass flux along the
radial direction, respectively, Ṁz is the mass flux through the
vertical direction. As the time-averaged value of Ṁsum is almost
a constant for different radii between time 10570ts and 12080ts
up to ∼20rs , this part of disk has reached inflow equilibrium
and will be the focus of our analysis. Figure 4 also shows that
starting from ∼4rs , there is a significant outward mass flux along
the radial and vertical directions. At 20rs, Ṁin = 3.01Ṁsum,
Ṁout = −1.72Ṁsum while Ṁz = −0.29Ṁsum.

Figure 5 shows the time and azimuthally averaged distribution
of ρ, v, Er, Fr in the r−z plane. Consistent with the snapshot
shown in Figure 3, the disk clearly has two distinct components,
namely the turbulent body of the disk and a strong outflow
region within ∼45◦ from the rotation axis. Most of the mass
is concentrated near the mid-plane of the disk, where accretion
happens. The outflow starts from a place well inside the electron
scattering photosphere and carries the lowest density gas in
the disk. However, a significant amount of radiation energy
is carried along with the outflow. The streamlines pointing
toward the inner boundary are probably an artifact of the

Figure 4. Averaged radial profiles of mass flux between time 10,570ts and
12,080ts. The red line is the net mass flux (Ṁsum). The solid and dashed black
lines are the inward and outward mass flux along radial directions (Ṁin and
Ṁout), while the blue line is the total mass flux along the vertical direction
within each radius (Ṁz). The dotted vertical line indicates the location of rISCO.
(A color version of this figure is available in the online journal.)

cylindrical coordinate we are using. The emerging flux from the
photosphere at each radius is a composition of photons generated
at different radii, which completely changes the radial profiles of
the radiation flux compared with the classical one zone models
where the radiation flux from photosphere at each radius is only
determined by the photons generated locally.

In order for the outward moving gas seen in the simulation to
be truly astrophysical outflow, the gas has to be unbound from
the gravitational potential. However, with radiative diffusion,
the classical Bernoulli number is no longer a constant. One
lower bound estimate is to treat the radiation acceleration as
an effective reduction of the gravitational acceleration and we
use the following quantity to determine whether the gas is
bound or not:

Et = 1
2
ρv2 +

γP

γ − 1
− Egrav +

Er

3
, (9)

where Egrav = −ρφ. The first three terms in this equation are
the classical Bernoulli constant, while the last term is to account
for the balance of gravity due to radiation force. We azimuthally
average Et between 10,570ts and 12,080ts, which is shown in
Figure 6. The outflow region seen in Figure 5 does have positive
Et while the turbulent part of the disk has negative Et. Although
Figure 5 shows that the gas with negative Et beyond 30rs can
also move outward, this is just the dynamic motion of the torus
and they cannot reach infinity. They will fall back at a larger
radius, which is not captured by the simulation domain. We
have done another simulation with similar setup but without
radiation field. The gas can have similar large-scale outward
motion but the Bernoulli constant is always negative.

4.4. Rotation Profile and Force Balance

When both gas and radiation pressure gradients along the
radial direction are negligible, gravitational force is balanced by
the centrifugal force and the disk is in Keplerian rotation. This is
what usually assumed in standard thin disk model. To check this,
Figure 7 shows the radial profile of density-weighted rotation

5

Jiang et al. (2014)3D-RMHD計算
RIAF, whereas it is mostly by photons in the present case. In
addition, since the RIAF simulations basically do not take into
account the radiative cooling, they would overestimate the
driving force of the outflows.

4.2. Photon Trapping

The photon trapping characterizes the supercritical accre-
tion flows. It works to reduce the energy conversion efficiency,
L /Ṁc2 (see, e.g., Paper I; Ohsuga et al. 2003). As a result, the
flow luminosity becomes insensitive to the mass accretion rate
when ṁ31. However, simple stream lines were assumed in
the previous studies on supercritical flows, including the slim-
disk model. Even if we do not consider possible multidimen-
sional gas motions, photon trapping works to some degree,
leading to a reduction in the energy conversion efficiency. Such
multidimensional gas motion and associated reaction of the
radiation can be calculated in the present RHD simulations,
since we have calculated the radiation energy transport, being
coupled with the gas dynamics.

Figure 7 plots the luminosity as a function of the mass ac-
cretion rate onto the black hole. The filled squares, circles, and
triangles indicate the results for Z ¼ 10, 1, and 0 Z", respec-
tively, with different mass input rates ṁinput ¼ 300, 1000, and
3000 from left to right. We also indicated in the same figure the
luminosity calculated based on the slim-disk model (Watarai et al.
2000) and the one based on model A of Paper I with dashed and
dotted curves, respectively. In Paper I, a simple model for the
accretion flow is employed, and the luminosity, carefully taking
into account the photon trapping, is calculated by solving en-
ergy transport inside the accretion flows. (More precisely, the
luminosity plotted in Fig. 7 is the corrected one, which fixes
initial small errors in their model A [see Fig. 1 in Paper I].) Here
it should be stressed that the mass accretion rate onto the black
hole is not an input parameter but is calculated dynamically in
the present simulations, although it was a parameter in both
model A of Paper I and the slim-disk model. The resulting ṁ
profile was shown in Figure 6.

It is evident in Figure 7 that the calculated luminosity agrees
more with model A of Paper I than with the slim-disk model, in
all the cases. This proves that the two-dimensional effects of
photon trapping are really significant in the supercritical ac-
cretion flows. This result is, in a sense, surprising. In model A in
Paper 1, we assumed that the viscous heating occurs only in the
vicinity of the equatorial plane, although the gas might be
heated up at a high altitude. Since the photons emitted at deep
inside the disk tend to be more effectively trapped in the flow,
we anticipated that the photon-trapping effects would be re-
duced in the realistic situation, compared with model A.

We also argued in Paper I that photon-trapping effects may be
attenuated by the presence of large-scale circulation motion,
which could help photon diffusion motion and thus consider-
ably reduce photon traveling time to the surface of the flow.
However, our current results show significant photon-trapping
effects even when we explicitly include complex flow motions.

Figure 7 also shows that the mass accretion rate onto the
black hole increases with an increase of the metallicity (for
fixed mass input rates). In our simulations the gas with higher
metallicity has larger absorption opacities so that the gas energy
can be more effectively converted into the radiation energy,
yielding smaller gas pressure than in the metal-poor case. The
gas could be effectively blown away by the strong gas pressure.
However, there is a countereffect. The gas with large absorption
opacity enhances the radiation energy. Enhanced radiation flux
and large opacity can drive strong radiation pressure–driven
outflows. The physical cause will be investigated in the future.

Let us see more explicitly how significant photon trapping is.
Figure 8 compares the distributions of the radial component of
the radiative flux in the comoving frame (top) and that in the
inertial frame (bottom) at t ¼ 10 s. Other parameters are the
same; the mass accretion rate is ṁinput ¼ 1000, and the metal-
licity is Z ¼ 1 Z". The former radiative flux (Fr

0) is roughly

Fig. 6.—Mass accretion rates as functions of the radius at t ¼ 10 s (solid
curve), 30 s (dotted curve), and 50 s (dashed curve). The adopted parameters
are ṁinput ¼ 1000 and Z ¼ 1 Z".

Fig. 7.—Luminosities as functions of the mass accretion rate onto the black
hole. The triangles, circles, and squares indicate metallicities of 0, 1, and 10 Z",
respectively. The normalized accretion rate of each symbol is ṁinput ¼ 10, 100,
and 1000 from the bottom left to the top right, respectively. For comparison, the
same but based on the slim-disk model and that based on model A of Paper I are
plotted by the dotted and dashed curves, respectively. The present results agree
more with the latter than with the former.
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Figure 11. Evolution of the gas distribution in a major merger of two disk galaxies. Colour hue encodes gas temperature, while brightness
indicates gas density. Each frame measures 50 h−1kpc on a side, and the corresponding time of each image is given by the labels. In this
simulation, a slightly softer EOS (qEOS = 0.25) than in our default multiphase model was used.

bursts are triggered in each disk in the case when bulges are
not present. Galaxies with bulges experience much weaker
starbursts during first passage. Mihos & Hernquist (1996)
showed that this difference arises from the relative ease with
which the disks can amplify m = 2 disturbances in response
to tidal forcing. During final coalescence, a much strong star-
burst is excited in the models with bulges because much of
the gas in the bulgeless galaxies has already been consumed
by this time. These trends agree well with those identified
by Mihos & Hernquist (1996).

The amplitudes of the starbursts shown in Figure 12 are

comparable to, but somewhat stronger than those shown
in Fig. 5a of Mihos & Hernquist (1996), and considerably
stronger than those found by Barnes (2004) (see e.g. his
Fig. 5). By varying the parameters of our simulations, we
have found that the evolution of the star formation rate
in mergers with only relatively weak feedback is sensitive
to numerical resolution. If the star formation rate is tied to
gas density, the amplitudes of merger-induced starbursts de-
pend on the compressibility of the gas, which is influenced
by both the stiffness of the EOS, as well as dynamic range in
resolution of the numerical algorithm. We have verified that

c⃝ 0000 RAS, MNRAS 000, 000–000

1426 J. Cuadra et al.

Figure 1. Logarithmic maps of the disc column density (in units of Ma−2
0 ) at different times during the simulation. The panel at t = 0 shows the smooth

initial conditions. Until t ≈ 350!−1
0 , material piles up at R ≈ 3a0 as a result of the torques shown in Fig. 3, forming a dense ring. The ring breaks due to its

self-gravity (see Fig. 4), spreading the gas approximately over the original radial range. A spiral pattern develops, and the disc stays in that state until at least
t ≈ 1200 !−1

0 , when the simulation ends.

Figure 2. Azimuthally averaged column density of the disc at times t !0 =
0, 50, 150, 250, . . . , 550. Initially (solid line), the disc has a surface density
profile " ∝ R−1 and extends for 2 < R/a0 < 5. Until t ! 350!−1

0 (dotted
lines) the material piles up at R ≈ 3 a0 and forms an increasingly dense ring.
This ring finally becomes unstable due to its self-gravity and breaks, making
the density profile flatter for t " 350 !−1

0 (dashed lines).

Figure 3. Azimuthally averaged differential torques dG/dR averaged over
the interval t!0 = 30–50. Torque is dominated by gravitational effects, both
due to the binary (green line) and the disc itself (purple). Pressure (blue)
and artificial viscosity (red) effects are negligible, except at the disc edges,
where a very small amount of gas is affected.

C⃝ 2009 The Authors. Journal compilation C⃝ 2009 RAS, MNRAS 393, 1423–1432
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重力波放射による反跳

・BH合体後 → 重力波反跳 

(Bekenstein 1973; Koppitz et al. 2007)

Vkick～数100km/s

Vkick >>Vesc～10km/s BH合体は非効率 !!

@初代星ハロー
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Fig. 5.— Magnitude of the recoil velocity V as a function of the
dimensionless spin parameter a. Solid circles are for resolutions h =
M/40, diamonds for resolutions h = M/32 and inverted triangles
for resolutions h = M/30. In each case, the results at different
resolution cluster more tightly than the conservatively estimated
error bars (Table 2).

bars correspond to the conservatively estimated errors
listed in Table 2, and are larger than the actual scatter
of the results at different resolution.

In order to estimate these errors, for each spin case,
we perform Richardson error estimates of the total recoil
velocity V assuming 2nd order convergence. We then in-
crease these errors to take into account factors such as the
deterioration of convergence in the weak mode-overlaps
(see below). We believe these are conservative best-guess
errors that could be reduced with, among other things,
higher resolution.

Note in Figure 5 the linear dependence of the magni-
tude of the kick velocity V on the spin parameter, as
expected from the multipole example in Section 1. A fit
to the data yields V = 475 km s−1 a .

An interesting aspect of the spin configuration we have
considered is the fraction of radiated energy ∆E and an-
gular momentum ∆J . The fraction radiated is approxi-
mately constant within the accuracy of our simulations.
One possible reason why ∆E and ∆J do not seem to
depend on the spins of the holes could be due to the set
up of our initial data. By construction, the four cases
we considered have the same total initial angular mo-
mentum J/µ M = 3.3. In our case with spins oppositely
directed and with equal magnitude the variations in the
total ADM energy are < 0.05%, as can be seen from
Table 1.

5.2. Mode Analysis and Convergence

With the kick formula (13), we were able to investi-
gate the contribution of each mode-overlap ⟨ℓ, m|ℓ̄, m̄⟩ to
the total recoil velocity. Figure 6 shows the contribution
that each mode-overlap makes to the total kick veloc-
ity for the S0.10 case with h = M/40 resolution. The
mode-overlaps have been sorted from largest to smallest.
The total recoil is labeled with an inverted triangle. Pos-
itive mode-overlap contributions are labeled with circles
and negative with diamonds. There are two important
points to take from this figure: A) Note how quickly the
contribution to V x and V y from each mode-overlap falls
off; that is, there are few mode-overlaps that have signif-
icant contribution. B) The two most dominant mode-
overlaps ⟨2,−2|2,−1⟩ and ⟨2, 2|2, 1⟩ contribute almost
equally 54 % (note that other modes contribute nega-
tively) in V x and 40 % in V y.

Another way of showing the dominance of the
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Fig. 6.— Contribution to the recoil velocity components V x

and V y from each ⟨ℓ, m|ℓ̄, m̄⟩ mode-overlap for the S0.10 case with
resolution h = M/40 extracted at rdet = 30 M . The recoil from
combining all mode-overlaps is labeled with an inverted triangle.
Positive mode-overlap contributions are labeled with circles and
negative with diamonds.
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Fig. 7.— Recoil velocity components V x and V y versus time

for the case S0.10 case with resolution h = M/40 extracted at
rdet = 30 M . The solid line gives the accumulation in time of re-
coil from all mode-overlaps combined, dotted line denotes the com-
bined accumulations of only the two most dominant mode-overlaps,
⟨2,−2|2,−1⟩ and ⟨2, 2|2, 1⟩, and the dashed line the accumulation
in time of the ⟨2,−2|2,−1⟩ mode-overlap.

⟨2,−2|2,−1⟩ and ⟨2, 2|2, 1⟩ mode-overlaps is presented
in Figure 7. This figure shows the accumulated veloc-
ity as a function of time. The solid line gives the accu-
mulation in time of recoil from all mode-overlaps com-
bined, the dotted line shows the combined accumulations
of the two most dominant mode-overlaps, ⟨2,−2|2,−1⟩
and ⟨2, 2|2, 1⟩, and the dashed line displays the accumu-
lation in time of the ⟨2,−2|2,−1⟩ mode overlap.

Given that the mode-overlaps ⟨2,−2|2,−1⟩ and
⟨2, 2|2, 1⟩ are the principal contributors to the total
kick velocity, we analyzed the convergence properties
of these overlaps. Figure 8 displays the differences of
the ⟨2,−2|2,−1⟩ mode-overlap from three resolutions,
h/M = (1/32, 1/35, 1/40). The solid line is the differ-
ence between the coarse and medium resolutions (“c-
m”). The other lines show the difference between the
medium and fine resolutions (“m-f”), scaled to match
(“c-m”) for 3rd, 4th and 5th order convergence. It is
clear from this figure that this mode-overlap is close to
being 4th-order convergent. A similar situation occurs
for the other dominant mode-overlap ⟨2, 2|2, 1⟩. Unfor-
tunately, the situation is different for the other weaker
mode-overlaps. These overlaps involve higher modes of
Ψ4 that are much more difficult to resolve given the range
of resolutions we have. When these weaker modes are
added to obtain the total recoil, one is no longer able
to reach the desired 4th-order convergence. In some in-
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(Herrmann et al. 2007)

スピン軸・質量比に依存 
最大で4000km/s (Campanelli et al. 2007)

・原始銀河内でのBH合体



小まとめ
・超巨大ブラックホールが初期宇宙(z>6-7)に存在

・種BHは何か？ (Pop III vs direct collapse ?)

PopIII種の場合

ガス降着

BH合体

成長時間の問題 (Eddington限界、Bondi限界)

Super-Eddington降着の可能性(？)

合体時間の問題、GW放射によるキック

加熱の効果(UV, X-ray) 
photon trapping



3. SMBH formation via	


direct collapse BHs



Direct collapse BH
・シナリオの概略

(e.g. Rees 1978)

ガス雲 高密度星団

超大質量星

(2) 超大質量星 (種BH;~105Msun)

(1) 原始銀河中の巨大ガス雲

(3) high-z SMBH (~109Msun)

Loeb & Rasio (1994) 
Begelman et al. (2006)

ー SMBHの形成時間を短縮

ー Bondi limitを回避

・シナリオの利点



宇宙初期の星形成

・宇宙初期の星の材料

H, He, e-, H2 ...

始原ガス(重元素なし)

10 Chapter 2 Supermassive star formation in the first galaxies: Overview
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Figure 2.1: The cooling function (erg s−1 cm3) of primordial gas (Z = 0) for atomics

(solid) and H2 molecules (dashed) as a function of the temperature. The H2 abundance

is assumed as y(H2) = 10−3.

2.1.2 Cold accretion flows

In the first galaxies, the gas falls into the deep gravitational potential well of the massive

halo and heat up to the virial temperature > 104 K. After the virialization, the gas

begins to collapse via radiative cooling and finally form stars. Figure 2.1 shows the

cooling rate of primordial gas (Z = 0) for atomics (solid) and H2 molecules (dashed)

as a function of the temperature. The two peaks of the atomic cooling rate present the

transition of H (Lyα emission; ∼ 104 K) and He (∼ 105 K), respectively, wheres the

H2 cooling works for lower temperature regime (103 < T < 104 K) if H2 is formed in

the gas. Since the gas temperature rises to > 104 K at the center of the first galaxy,

the Lyα cooling become the main cooling process. Since the cooling rate via the Lyα

emission is high, the cooling time of the gas is shorter than the Hubble time (age of

the universe) and thus star formation is efficiently driven in the halo, which is called

the atomic cooling halo.

In the conventional description of the gas virialization, the gas fallen into the DM

halo heats up to the virial temperature and the shocks propagate toward the virial

radius. Since the cooling rate is high in the atomic cooling halos (Tvir > 104 K),

however, the behavior of the shock propagation should change depending on the cooling
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H原子冷却

H原子輝線 (高温)

・重要な冷却過程

H2 分子輝線(低温)
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巨大ガス雲の進化

Formation of supermassive black hole seeds in first galaxies 3
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Figure 2. Density-temperature diagram of a collapsing super-
massive cloud just after a protostar forms at the center. The color
bar indicates the sum of the cell mass for the grids.

First, we discuss the hot component, which is the main
part forming a protostar. Since most collapsing gas are
hot and the density profile follows a self-similar form, the
density-temperature distribution of the hot component is
well-understood from the radial profiles given in Figure
1. At low density regime (ρ < 10−13 g cm−3), the H2

fraction initially decreases and approaches the equilibrium
value (∼ 10−8), where the formation through the electron-
catalyzed reaction (H + e− → H− + γ; H− + H →H2 +
H) and the collisional dissociation (H2 + H → 3H) are bal-
anced. Here, we do not consider the H2 photodissociation by
FUV radiations, which is required to suppress the H2 cool-
ing. However, even for strong FUV radiation (J21 ! 103),
the self-shielding effect becomes effective at the H2 column
density higher than 1022 cm−2 (ρ ! 10−20 g cm−3), where
the collisional dissociation dominates instead of the photo-
dissociation. At high density regime (ρ > 10−13 g cm−3),
the three-body reaction (3H → H2 + H) rapidly enhances
the H2 fraction. In the central region of the cloud, the H2

fraction approaches ∼ 10−1, but both the H2 line and CIE
cooling never play a significant role for the thermal evolu-
tion at ρ ! 10−8 g cm−3. The interior of the protostar is so
hot that the H2 molecules are strongly dissociated.

Next, we consider the cold gas phase (T " 103 K) which
exists over the wide density range (10−18 " ρ " 10−11 g
cm−3). This components appear because of the adiabatic
cooling induced by the turbulent expansion and H2 molecu-
lar cooling. Once the gas temperature decreases by the adia-
batic cooling, the dissociation of H2 molecules becomes inef-
ficient, which promotes the H2 formation and its line cooling.
The abrupt cooling proceeds the temperature decreasing,
which is a kind of the thermal instability associated with
the chemical reactions. The cold component is too less mas-
sive to be bound by the self-gravity and have any influences
on the evolution of the central collapsing region.

3.2 Hydrodynamics

Figure 4 shows the density distribution at the end of this
simulation for each spatial scale; from top-left, clockwise,
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Figure 3. Density-H2 fraction diagram of a collapsing supermas-
sive cloud just after a protostar forms at the center.
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Figure 4. Density distribution in the collapsing cloud for each
scale: from top-left, clockwise, the large-scale gas distribution,
where some cold clumps are formed (∼ 1 pc), a collapsing core
by various continuum cooling (∼ 0.1 pc), the central around the
protostar (∼ 100 AU), and the final protostar (∼ 10 AU).

the large-scale gas distribution (∼ 1 pc), a collapsing core by
the continuum cooling (∼ 0.1 pc), the central region around
the protostar (∼ 100 AU), and the final protostar (∼ 10
AU). The central region of the cloud collapses to the high
density. Owing to turbulent motions, the filamentary gas
inflows hierarchically continue to the central protostar (ρ ∼
10−8 g cm−3) and rapidly feed the protostar. Left-bottom
panel presents the gas distribution of the protostar formed
at the center. At the end of this simulation, the protostellar
mass is as large as ∼ 1 M⊙ and its radius ∼ 1 AU, which is
well resolved in this simulation.

Figure 5 presents the temperature distribution and ve-
locity fields for two scales. For both panels, cold and hot
gas phases coexist. The cold regions are formed by the ther-
mal instability due to the H2 cooling. For each scale, the
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（KI, Omukai Tasker 2014）
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原始星の成長率

Formation of an embryo supermassive star in the first galaxy 9
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Figure 5. Profiles of the radial velocity (solid) and tangential velocity (long-dashed) at the end of the simulation. For com-
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Figure 6. Profile of the mass infall rate (Ṁ∗ = −4πρr2vrad) as a function of the enclosed mass at the end of the simulation.
The horizontal line shows the critical value 10−2 M⊙ yr−1, above which the protostar evolves to the supergiant protostar
phase (Hosokawa et al. 2012).

exceeds ∼ 105 M⊙, the SMS collapses to a BH by the general relativistic instability (e.g.,

Chandrasekhar 1964).

4 CONCLUSION AND DISCUSSION

We have performed numerical simulation of the collapse of a massive (! 105 M⊙) and warm

(∼ 8000 K) primordial gas cloud. We have found that the cloud collapses almost isothermally

by the H atomic cooling and does not experience major episode of fragmentation despite

with turbulence. Finally, a small protostar with mass ∼ 0.2 M⊙ is formed when the central

part becomes optically thick to the continuum at ρ ! 10−8 g cm−3.

The formed protostar grows via rapid accretion of the dense filamentary flows at an ap-

proximately constant rate ∼ 2 M⊙ yr−1. In cases with accretion rate higher than 10−2 M⊙ yr−1

(dashed line in Figure 6), the protostar is known to develop giant-like structure (“super-

giant” protostar) with a bloated stellar envelope and contracting central core (Hosokawa et

al. 2012, 2013). Since the effective temperature of such a supergiant protostar is " 104 K,

UV feedback is unlikely to prevent the mass accretion onto the star. Although a supergiant

c⃝ 0000 RAS, MNRAS 000, 000–000

stellar radius

protostar 
~ 1Msun

・等温 & 高温ガスの崩壊 （KI, Omukai Tasker 2014）
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・高い降着率 (>1Msun/yr) → 原始星は急激に成長
・星寿命以内に超大質量星に進化 (>105Msun)



超大質量星へ進化
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・超大質量原始星期  
　(supergiant protostars)

膨張外層 (Teff~5000K)

→ No UV feedback

不安定 (質量放出弱い)

・高い降着率の下、超大質量星が形成 (105Msun, 10AU)

・その後、一般相対論的不安定でBHに崩壊 (?)



(個人的に)疑問に思うこと

１、超大質量星形成の頻度 (数密度)

２、原始星へのガス降着

３、超大質量星の重力崩壊 (GRの効果)

４、種BHからSMBHまでの成長



超大質量星形成の必要条件

(e.g.Omukai 2001; Bromm & Loeb 2003;  
Shang et al. 2010; Sugimura et al.2014)

・必要な紫外線強度 (FUV)

(in 10-21 erg/s/cm2/Hz)

　
・DCBHsの数密度

1

tgrow = 0.05 ln(MBH/MBH,0) Gyr ∼ 0.8 Gyr > tH(z = 7) (1)

ṀBH/ṀEdd < 1 (2)

ṀBH ∼ max(ṀBondi, ṀEdd) (3)

ṀBH ∼ 4πρR2
Bcs ∝ M2

BHT
−3/2
∞ (4)

RB = GMBH/c
2
s (5)

MBH ! 4× 104 M⊙ (T∞,4n4ϵ−1)
−1 (6)

Jcrit ≃ 103 (7)

c⃝ 0000 RAS, MNRAS 000, 000–000

～ 10-9 × 10 (cMpc-3)

1

tgrow = 0.05 ln(MBH/MBH,0) Gyr ∼ 0.8 Gyr > tH(z = 7) (1)

ṀBH/ṀEdd < 1 (2)

ṀBH ∼ max(ṀBondi, ṀEdd) (3)

ṀBH ∼ 4πρR2
Bcs ∝ M2

BHT
−3/2
∞ (4)

RB = GMBH/c
2
s (5)

MBH ! 4× 104 M⊙ (T∞,4n4ϵ−1)
−1 (6)

Jcrit ≃ 103 (7)

NDCBH ∼ P (Jcrit)Nhalo > NSMBH(z = 6) (8)

c⃝ 0000 RAS, MNRAS 000, 000–000

～ 1 (cGpc-3)

1

tgrow = 0.05 ln(MBH/MBH,0) Gyr ∼ 0.8 Gyr > tH(z = 7) (1)

ṀBH/ṀEdd < 1 (2)

ṀBH ∼ max(ṀBondi, ṀEdd) (3)

ṀBH ∼ 4πρR2
Bcs ∝ M2

BHT
−3/2
∞ (4)

RB = GMBH/c
2
s (5)

MBH ! 4× 104 M⊙ (T∞,4n4ϵ−1)
−1 (6)

Jcrit ≃ 103 (7)

Nseed ∼ P (Jcrit)Nhalo ≪ NSMBH(z = 6) (8)

tmig < tUV (9)
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Figure 3. The probability distribution function (PDF) of atomic
cooling halos with Mac exposed to FUV radiation with the inten-
sity JLW for z = 9.94 (blue) and 19.91 (red). The solid (dashed)
lines show the cases the suppression of DCBH formation by metal
enrichment. The PDF is well characterized by a single power law
with the index of ≈ −5. The shaded region presents the condition
of JLW required to form DCBHs.
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power law over 103 ! JLW,21 ! 104 as

dP (JLW, z = 10)
d log JLW

≈ 3× 10−10

(
JLW,21

103

)−5

(21)

Combining this with Eq. (17), we can obtain

dP (Jcrit, z = 10)
d log JLW

≈ 2.4× 10−14

(
Jcrit,0

103

)−12 ( fX
fLW

)−6.7

.

(22)

Finally, the number density (comoving) of forming DCBHs
in atomic cooling halo with Mac is given by

nDCBH(z) =

∫ ∞

Mac

dM
dnST

dM
P (JLW,21 " Jcrit, z),

≈ nST(M " Mac, z)P (JLW,21 " Jcrit, z). (23)

BTW, where is the valid range to use the non-linear
bias formula???

5 DISCUSSION AND CONCLUSIONS

In this paper, we study the effect of X-ray irradiation on the
supermassive star (SMS) formation through the direct col-
lapse (DC) scenario aided by strong far-ultraviolet (FUV)
radiation. X-ray ionization promotes the H2 formation be-
cause H2 molecules are produced by the electron-catalyzed
reactions (eq. 2). Thus, the critical FUV flux Jcrit required
to suppress the H2 formation and cooling increases by the
X-ray irradiation. The actual value of Jcrit (FUV + X-ray)
is larger by a factor of ∼ 10− 30 than that with FUV only.
The resultant number density of the DCBH is much less than
∼ 1 Gpc−3 (comoving) which is the density of the observed
high-z SMBH at z # 6.

5.1 Constraints from 21 cm observations

X-ray ionization have a potential role in suppression of FUV-
aided DCBH formation. Seen in §?? (Fig. ??), the pre-
dicted number density of SMBHs at z # 6 for fX # 1
is much less than that of the observed high-z QSOs ∼
1 comoving Gpc−3. Even for fX = 0.1, if Jcrit,0 # 3 × 103,
which is a critical value for thermal spectra with T∗ # 2×104

K in three-dimensional numerical simulations (e.g., Wolcott-
Green, Haiman & Bryan 2011), this scenario could be ruled
out marginally. However, the possibility that fX is much
smaller than 0.1 is not excluded by any constraints from
current observations. (These value KI discuss here might
change...)

The 21-cm line transition of neutral hydrogen is one
of the most promising observations to probe thermal his-
tory of the intergalactic medium before the cosmic reion-
izaion. Future observations of 21-cm signals from the high-z
Universe could give a lower limit on fX. The power spec-
trum of the brightness temperature of the 21-cm line at the
scale of ≃ 0.1 Mpc−1 has three peaks as a function of red-
shift (e.g., Pritchard & Furlanetto 2007; Mesinger, Ferrara
& Spiegel 2013; Christian & Loeb 2013). The location and
amplitude of the second peak is sensitive to the value of
fX. As the X-ray intensity is weaker than that from star-
forming galaxies at the low-z universe (fX ≪ 0.1), the peak
position shifts toward lower-redshift and its amplitude be-
comes larger. In this case, the 21-cm signal can be observed
by 1st-generation interferometers; e.g. the Low Frequency
Array (LOFAR, van Haarlem et al. 2013) and Murchison
Wide Field Array (MWA, Tingay et al. 2013). On the other
hand, for stronger X-ray intensity (fX ≫ 0.1), the spin tem-
perature approaches the CMB temperature due to the X-
ray heating at higher redshift. Then, the peak of 21-cm sig-
nal moves to higher redshift and becomes smaller. We need
2nd-generation interferometers such as the Square Kilome-
tre Array (SKA, Mellema et al. 2013) to observe the signal
for larger fX. Nevertheless, we can test the possibility for
X-ray irradiation to suppress FUV-aided DCBH formation
because near-future observations can impose a lower limit
of X-rays in the early Universe around fX ∼ 0.1 at least
(e.g., Christian & Loeb 2013; Mesinger, Ewall-Wice & He-
witt 2014).

c⃝ 0000 RAS, MNRAS 000, 000–000

KI & Tanaka (2015 in prep)
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(e.g. Dijkstra et al. 2014)
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dP (JLW, z = 10)
d log JLW

≈ 3× 10−10

(
JLW,21
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)−5

(21)

Combining this with Eq. (17), we can obtain

dP (Jcrit, z = 10)
d log JLW

≈ 2.4× 10−14

(
Jcrit,0

103

)−12 ( fX
fLW

)−6.7

.

(22)

Finally, the number density (comoving) of forming DCBHs
in atomic cooling halo with Mac is given by

nDCBH(z) =

∫ ∞

Mac

dM
dnST

dM
P (JLW,21 " Jcrit, z),

≈ nST(M " Mac, z)P (JLW,21 " Jcrit, z). (23)

BTW, where is the valid range to use the non-linear
bias formula???

5 DISCUSSION AND CONCLUSIONS

In this paper, we study the effect of X-ray irradiation on the
supermassive star (SMS) formation through the direct col-
lapse (DC) scenario aided by strong far-ultraviolet (FUV)
radiation. X-ray ionization promotes the H2 formation be-
cause H2 molecules are produced by the electron-catalyzed
reactions (eq. 2). Thus, the critical FUV flux Jcrit required
to suppress the H2 formation and cooling increases by the
X-ray irradiation. The actual value of Jcrit (FUV + X-ray)
is larger by a factor of ∼ 10− 30 than that with FUV only.
The resultant number density of the DCBH is much less than
∼ 1 Gpc−3 (comoving) which is the density of the observed
high-z SMBH at z # 6.

5.1 Constraints from 21 cm observations

X-ray ionization have a potential role in suppression of FUV-
aided DCBH formation. Seen in §?? (Fig. ??), the pre-
dicted number density of SMBHs at z # 6 for fX # 1
is much less than that of the observed high-z QSOs ∼
1 comoving Gpc−3. Even for fX = 0.1, if Jcrit,0 # 3 × 103,
which is a critical value for thermal spectra with T∗ # 2×104

K in three-dimensional numerical simulations (e.g., Wolcott-
Green, Haiman & Bryan 2011), this scenario could be ruled
out marginally. However, the possibility that fX is much
smaller than 0.1 is not excluded by any constraints from
current observations. (These value KI discuss here might
change...)

The 21-cm line transition of neutral hydrogen is one
of the most promising observations to probe thermal his-
tory of the intergalactic medium before the cosmic reion-
izaion. Future observations of 21-cm signals from the high-z
Universe could give a lower limit on fX. The power spec-
trum of the brightness temperature of the 21-cm line at the
scale of ≃ 0.1 Mpc−1 has three peaks as a function of red-
shift (e.g., Pritchard & Furlanetto 2007; Mesinger, Ferrara
& Spiegel 2013; Christian & Loeb 2013). The location and
amplitude of the second peak is sensitive to the value of
fX. As the X-ray intensity is weaker than that from star-
forming galaxies at the low-z universe (fX ≪ 0.1), the peak
position shifts toward lower-redshift and its amplitude be-
comes larger. In this case, the 21-cm signal can be observed
by 1st-generation interferometers; e.g. the Low Frequency
Array (LOFAR, van Haarlem et al. 2013) and Murchison
Wide Field Array (MWA, Tingay et al. 2013). On the other
hand, for stronger X-ray intensity (fX ≫ 0.1), the spin tem-
perature approaches the CMB temperature due to the X-
ray heating at higher redshift. Then, the peak of 21-cm sig-
nal moves to higher redshift and becomes smaller. We need
2nd-generation interferometers such as the Square Kilome-
tre Array (SKA, Mellema et al. 2013) to observe the signal
for larger fX. Nevertheless, we can test the possibility for
X-ray irradiation to suppress FUV-aided DCBH formation
because near-future observations can impose a lower limit
of X-rays in the early Universe around fX ∼ 0.1 at least
(e.g., Christian & Loeb 2013; Mesinger, Ewall-Wice & He-
witt 2014).
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(NDCBH<< 1cGpc-3)FUVによるDCBH形成は厳しくなる

(KI & Omukai 2011)



H2分子の解離過程
・光解離 (FUV radiation)

H2 + γ → 2H

・衝突解離 (高密度ショック)

(e.g., Omukai 2001; Bromm & Loeb 2003; Shang, Bryan & Haiman. 2010)

H2 + H → 3H

(KI & Omukai 2012; Fernandez et al. 2014)

shock

(strong FUV is needed)

(FUV is not necessary)
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・光解離 (FUV radiation)
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(e.g., Omukai 2001; Bromm & Loeb 2003; Shang, Bryan & Haiman. 2010)
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uniformly in r, using the fact that the velocity along the streams is
roughly constant (Supplementary Information, sections 5 and 6).
This is convolved with the halo mass function23, n(Mv), to give

n ( _MM)~

ð?

0

P( _MM jMv)n(Mv) dMv

The desired cumulative abundance, n(. _MM), obtained by integration

over the inflow rates from _MM to infinity, is shown at z5 2.2 in Fig. 4.

Assuming that the SFR equals _MM , the curve referring to _MM lies safely
above the observed values,marked by the symbols, indicating that the

gas input rate is sufficient to explain the SFR. However, _MM and the
SFR are allowed to differ only by a factor of ,2, confirming our
suspicion that the SFR must closely follow the gas input rate. The
simulated SFR indeed traces the accretion rate to within a factor of
two, but, given that our disks are poorly resolved, we focus here on
the accretion as the more robustly simulated quantity. Because at
z< 2.2 the star-forming galaxies constitute only a fraction of the
observed ,1011M[ galaxies24,25, the requirement for a SFR almost

as great as _MM , based on Fig. 4, becomes even stronger.
By analysing the clumpiness of the gas streams, using the sharp

peaks of inflow in the _MM(r) profiles, we address the role of mergers
versus smooth flows. We evaluate each clump mass by integrating
Mclump~

Ð
( _MM(r)=vr (r)) dr across the peak, and estimate amass ratio

for the expected merger as m5Mclump/fbMv, ignoring further mass
loss in the clump on its way in and deviations of the galaxy baryon
fraction from fb. We use ‘merger’ to describe any major or minor
merger with m$ 0.1, as distinct from ‘smooth’ flows, which include
‘mini-minor’ mergers with m, 0.1. We find that about one-third of
the mass is flowing in as mergers and the rest as smoother flows.
However, the central galaxy is fed by a clump with m$ 0.1 less than
10% of the time; that is, the duty cycle for mergers is g= 0.1. A
similar estimate is obtained using EPS merger rates7 and starburst
durations of,50Myr at z5 2.5 from simulations26 (Supplementary
Information, section 5).

From the difference between the two curves of Fig. 4, we learn that
only one-quarter of the galaxies with a given _MM are to be seen during a
merger. The fact that the SFGs lie well above the merger curve even if
the SFR is , _MM indicates that in most of them the star formation is
driven by smooth streams. Thus, ‘SFG’ could also stand for ‘stream-
fed galaxy’. This may explain why these galaxies maintain an
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Figure 1 | Entropy, velocity and inward flux of cold streams penetrating hot
haloes. a, b, Maps referring to a thin slice through one of our fiducial
galaxies withMv5 1012M[ at z5 2.5. The arrows describe the velocity field,
scaled such that the distance between the tails is 260 km s21. The circlemarks
the halo virial radius, Rv. The entropy, logK5 log(T/r2/3), in units of the
virial quantities, highlights (in red) the high-entropymedium filling the halo
out to the virial shock outside Rv. It exhibits (in blue) three radial, low-
entropy streams that penetrate the inner disk, seen edge-on. The radial flux
per solid angle is _mm5 r2rvr, in solarmasses per year per square radian, where
r is the gas density and vr the radial velocity. It demonstrates that more than
90% of the inflow is channelled through the streams (blue), at a rate that

remains roughly the same at all radii. This rate is several times higher than
the spherical average outside the virial sphere, _mmvir < 8M[ yr21 rad22,
according to equation (1). The opening angle of a typical stream at Rv is
20u230u, so the streams cover a total angular area of,0.4 rad2, namely a few
per cent of the sphere. When viewed from a given direction, the column
density of cold gas below 105 K is above 1020 cm22 for 25% of the area within
the virial radius. Although the pictures show the inner disk, the disk width is
not resolved, so associated phenomena such as shocks, star formation and
feedback are treated in an approximate way only (see density maps and
additional cases in Supplementary Figs 3–5). Kvir, virial entropy.

Figure 2 | Streams in three dimensions. The map shows radial flux for the
galaxy of Fig. 1 in a box of side length 320 kpc. The colours refer to inflow rate
per solid angle of point-like tracers at the centres of cubic-grid cells. The
dotted circle marks the halo virial radius. The appearance of three fairly
radial streams seems to be generic in massive haloes at high redshift, and is a
feature of the cosmic web that deserves an explanation. Two of the streams
show gas clumps of mass on the order of one-tenth that of the central galaxy,
but most of the stream mass is smoother (Supplementary Fig. 6). The
>1010M[ clumps, which involve about one-third of the incomingmass, are
also gas rich—in the current simulation only 30% of their baryons turn into
stars before they merge with the central galaxy.
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H2分子の解離過程
・光解離 (FUV radiation)

H2 + γ → 2H

・衝突解離 (高密度ショック)

(e.g., Omukai 2001; Bromm & Loeb 2003; Shang, Bryan & Haiman. 2010)

H2 + H → 3H

(KI & Omukai 2012; Fernandez et al. 2014)

shock

(strong FUV is needed)

(FUV is not necessary)

instability18 and rotates at a speed of several hundred kilometres per
second within 50pc. The disk is stable against fragmentation (see
Supplementary Fig. 4) but the strong spiral pattern swiftly transports
mass inward and angular momentum outward (see Supplementary
Information). About 10,000 years after the merger is completed more
than 20% of the disk mass (at least 5|108M8) has already accumu-
lated within the central few parsecs (Fig. 2) where the inflow rate peaks
at over 104M8 per year (see Supplementary Fig. 3), orders of mag-
nitude above inflow rates in isolated protogalaxies10,16,17,20.

The gas funnelled to the central region (2–3 parsecs) of the nuclear
disk settles into a rotating, pressure-supported cloud. The density of
the cloud continuously increases as it gains mass from the inflow
until it becomes Jeans unstable and collapses to sub-parsec scales
on the local dynamical time of 1,000 years (Fig. 1). The supermassive
cloud contains around 13% of the disk mass (*2:6|108M8)
(Fig. 2). The simulation is stopped once the central cloud has con-
tracted to a size comparable to the spatial resolution limit. At this
point the cloud is still Jeans unstable. With greater resolution its
collapse should continue because the equation of state would become
essentially isothermal at even higher densities27.With its steep density
profile (r< r2a, with a. 2, where r is the radius of the cloud and r is
its density), at radii as small as a thousandth of a parsec the cloud
would be as massive and dense as a quasi-star that can collapse
directly into a massive black hole9. Alternatively, the cloud could
collapse into a supermassive star on its free-fall timescale, which
would later produce a black hole of comparable mass20.

The formation of the collapsing cloud occurs in just 100,000 years
after the completion of themerger, a timescale much shorter than the
108 years needed to convert most of the nuclear gas into stars during
the starburst (see Supplementary Information). Therefore themerger-
driven gas collapse overcomes the major difficulty of previous direct
collapse models in isolated protogalaxies: such models were forced to
suppress star formation owing to much weaker inflows10,16,20. The
rapid accumulation of more than 108M8 of gas in the central parsec
is confirmed by a complementary simulation which incorporates star
formation (see Supplementary Information and Supplementary Figs 1
and 2).

Assuming that the nuclear disk forms stars with an efficiency of
about 30%, the upper limit deduced from observation and models of
star-formingmolecular clouds26, a gasmass in excess of a billionM8 is
available to feed the black hole despite the concurrent starburst.
Considering Eddington-limited accretion28 a seed black holeweighing

only 105M8, and hence forming out of less than 1% of the super-
massive cloud, can grow to a billionM8 in as little as 3.63 108 years
(see Supplementary Information), explaining the rapid appearance of
bright quasars if themerger takes place at z< 7–8. In the concordance
WMAP5 cosmology, 1012M8 galaxies would correspond to fairly
high-density peaks collapsing at z< 7–8 (ref. 5), 4 to 5s, where s is
the root-mean-square variation of the cosmological density field). At
z. 6 at least one major merger between galaxies this massive is
expected22. At such early epochs the galaxy merger would take place
on a timescale much shorter than a billion years owing to the higher
densities and shorter orbital timescales of cold-dark-matter halos
compared to the present time29 (see Supplementary Information).
Finally, kiloparsec-scale rotating disks of stars and gas such as those

a b c

9.1 × 103 7.49 × 104 1.036 × 105

Years after merger

10 pc 10 pc 10 pc

0.4 pc0.4 pc0.4 pc

Figure 1 | Time evolution of the nuclear gas disk
from its formation until the onset of central
collapse. The surface densitymaps of the nuclear
disk are shown at large scales (a–c, top) and small
scales (a–c, bottom). Particles are colour-coded
on a logarithmic scale with brighter colours in
regions of higher density. The density ranges
from 23 104 to 108M8 per square parsec (upper
panels) and from 23 106 to 23 1010M8 per
square parsec (lower panels). The time of the
merger is defined as the time at which the two
density peaks associated with the merging
galactic cores are no longer distinguishable. For
reference, the disk orbital time at ,20 pc is
53 104 years, while at 1 pc it is ,43 103 years.
Global spiral modes, in particular the two-armed
spiral initially triggered by the final collision
between the two cores, are evident at scales of tens
of parsecs (top panels of a and b) and cause the
mass increase in the central parsec region
(bottom panels) that allows the collapse into a
massive central cloud (bottom panels of b and c).
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Figure 2 | Evolution of the mass distribution of the nuclear region. a, The
cumulative gas mass profile at scales of tens of parsecs is shown. b, The
cumulative gas mass profile within the inner few parsecs is displayed.
Profiles are normalized to the total gas mass within the radius of the nuclear
disk (100 pc). The disk radius is determined from the sharp drop in the
nuclear gas density distribution. The black, red and blue curves in each panel
correspond to the mass profile at the indicated times after the merger, these
being the same snapshots used in Fig. 1. Mass redistribution occurs as spiral
arms (at scales of tens of parsecs) push mass inward and shed angular
momentum outwards, gradually leading to an increasing mass
concentration in the very central region (blue line in b) and,
correspondingly, a flattening of the mass distribution at scales of tens of
parsecs (blue line in a). This triggers the Jeans collapse of the central inner
few parsecs into a supercloud containing,13%of the total diskmass, which
manifests as a strong flattening of the profile at parsec scales as the cloud
absorbs a large fraction of the mass in that region (red line in b).
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ity along the dense filamentary structure toward the central
region ! 0.1 Rvir. If the gas after passing the shock jumps
into the region where n " 104 cm−3 and T " 104 K, the
H2 cooling is suppressed by the collisional dissociation and
the gas can collapse isothermally by H atomic cooling (In-
ayoshi & Omukai 2012). This process has been confirmed
to work using three-dimensional numerical simulation (Fer-
nandez et al. 2014). However, the shocked gas is unlikely to
be denser than ∼ 102 cm−3 in case that the radiative cool-
ing of the pre-shock gas is inefficient (Fernandez et al. 2014;
Visbal, Haiman & Bryan 2014a).

Galaxy merger events also drive strong gas inflow and
produce dense shock regions at the center of the galaxy.
Mayer et al. (2010) performed a numerical simulation of
the major merger between two massive (∼ 1012 M⊙) and
metal-enriched (∼ Z⊙) galaxies. The relative velocity at the
merger is the circular velocity of the halos (" 100 km s−1).
After merging, the gas angular momentum is transported
efficiently by non-axisymmetric structures and a progenitor
cloud of a SMS forms at the center. A subsequent study
by Ferrara, Haardt & Salvaterra (2013) suggested that the
previous work underestimated the efficiencies of the metal-
cooling and the dissipation of turbulent energy. Therefore,
merging events of the evolved galaxies could not induce for-
mation of SMSs.

In this paper, we propose a new pathway to form SMSs
by the collision of two metal-poor protogalaxies with circu-
lar velocity of " 10 km s−1. Galaxy merger and collision
are very common events which occur in the course of large-
scale structure formation in the early universe. A burst of
star formation induced by shocks due to the galaxy mergers
and collisions is a well-known fact supported by observa-
tions of peculiar galaxies in the present-day universe (e.g.,
Larson & Tinsley 1978). Among them, we consider a rare
event that two galaxies with low metallicity collide having
a relative velocity higher than ∼ 300 km s−1 and with a
impact parameter smaller than the virial radius of the halos
(i.e., head-on collision). After the collision event, the central
gas cores with ∼ 8000 K heat up to " 106 K behind the
strong shock waves. When the gas cools to ∼ 8000 K again
by H and He atomic cooling, the gas density increases by 2-
3 order magnitudes than the pre-shock density. Even if the
density of the pre-shocked gas is ∼ 10 cm−3, then the post-
shock density can reach ∼ 104 cm−3. The dense and hot
gas at the post-shock region becomes gravitationally unsta-
ble with the Jeans mass of " 105 M⊙ and can form SMSs
potentially.

The rest of this paper is organized as follows. We de-
scribe in §2 the necessary condition to form SMSs in the
protogalaxy after the collision event. In §3, we estimate the
event rate of the rare galaxy collision and show that the
number density of DCBHs predicted by our scenario is con-
sistent with that of observed high-z SMBHs. In §4, we pro-
pose a method of ... Finally, in §5 we summary our conclu-
sion and discuss ...

2 NECESSARY CONDITIONS OF FORMING
SUPERMASSIVE STARS

In this section, we discuss the conditions to form SMSs
through the protogalaxy collision with high relative velocity.

First, we describe the gas properties in the protogalaxy
we focus on as a function of redshift. We consider the proto-
galaxies having massive dark-matter halos with virial tem-
perature of ∼ 104 K. The corresponding virial mass is a few
×107 M⊙ at z ∼ 10. The virial radius of the halo is given
by

Rvir ≃ 216.7 h−1 pc

(
Tvir

104 K

)1/2 (1 + z
16

)−3/2

. (1)

Before star formation occurs, the gas in the dark matter
halo has a density profile which consists of the core with a
constant density whose size is ∼ 0.1 Rvir and the envelope
as the power-law profile of ∝ r−2. So, we simply estimate
the size of the gas core as Rcore = 0.1 Rvir. In the massive
halo (" 107 M⊙), the entropy profile in the non-radiative

galaxy has a core K/Kvir ∼ 0.1, where K = kBTn
−2/3
0 and

Kvir = kBTvirn̄
−2/3
b (e.g., Visbal, Haiman & Bryan 2014a).

Since T ≃ Tvir at the central part of the halo, the (pre-shock)
gas density at the central core is given by

n0 ≃
(

K
Kvir

)−1.5

n̄b ≃ 21.5 cm−3

(
1 + z
16

)3

. (2)

Next, we show two necessary conditions for SMSs for-
mation in our scenario. First condition is that the gas enters
the region within which H2 molecules are dissociated suffi-
ciently by the reaction of H2 + H → 3H (Inayoshi & Omukai
2012). The condition for the shocked gas is given by

T " 5.2× 105 K
( n
100 cm−3

)−1
, (3)

for n ! 104 cm−3, where T and n are the post-shock temper-
ature and density, respectively (see Appendix A). Hereafter,
we call the region of Eq. (3) as the “zone of no return”. Since
the sound speed of the pre-shock gas (∼ 10 km s−1) is much
smaller than the relative velocity between the protogalaxies,
the post-shock temperature is given by

T =
3µmp

16kB
v2rel,

≃ 8.96× 105 K
( vrel
250 km s−1

)2
, (4)

where we set µ = 0.6. From Eq. (4), the condition of Eq. (3)
is rewritten as

n0 " 14.51 cm−3
( vrel
250 km s−1

)−2
, (5)

where n0 is the pre-shock gas density and n0 = n/4 under
the strong-shock limit.

Second condition is that the post-shock gas contracts by
the radiative cooling. If the radiative cooling is inefficient,
the shocked gas cools by adiabatic expansion in a timescale
when the shock wave pass the gas at the core. Thus, the gas
density increases when the shock-crossing time is longer than
the radiative cooling time of the post-shock gas, tsc " tcool.
The shock-crossing time is simply written as

tsc =
Rcore

vrel
, (6)

≃ 1.233× 105 yr

(
Rcore

30 pc

)( vrel
250 km s−1

)−1
. (7)

The cooling time is given by

tcool =
3kBT

2nΛrad(T )
, (8)
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perature of ∼ 104 K. The corresponding virial mass is a few
×107 M⊙ at z ∼ 10. The virial radius of the halo is given
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ature and density, respectively (see Appendix A). Hereafter,
we call the region of Eq. (3) as the “zone of no return”. Since
the sound speed of the pre-shock gas (∼ 10 km s−1) is much
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the post-shock temperature is given by
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where we set µ = 0.6. From Eq. (4), the condition of Eq. (3)
is rewritten as
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)−2
, (5)

where n0 is the pre-shock gas density and n0 = n/4 under
the strong-shock limit.

Second condition is that the post-shock gas contracts by
the radiative cooling. If the radiative cooling is inefficient,
the shocked gas cools by adiabatic expansion in a timescale
when the shock wave pass the gas at the core. Thus, the gas
density increases when the shock-crossing time is longer than
the radiative cooling time of the post-shock gas, tsc " tcool.
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cloud of a SMS forms at the center. A subsequent study
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previous work underestimated the efficiencies of the metal-
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merging events of the evolved galaxies could not induce for-
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are very common events which occur in the course of large-
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and collisions is a well-known fact supported by observa-
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Larson & Tinsley 1978). Among them, we consider a rare
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a relative velocity higher than ∼ 300 km s−1 and with a
impact parameter smaller than the virial radius of the halos
(i.e., head-on collision). After the collision event, the central
gas cores with ∼ 8000 K heat up to " 106 K behind the
strong shock waves. When the gas cools to ∼ 8000 K again
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3 order magnitudes than the pre-shock density. Even if the
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gas at the post-shock region becomes gravitationally unsta-
ble with the Jeans mass of " 105 M⊙ and can form SMSs
potentially.

The rest of this paper is organized as follows. We de-
scribe in §2 the necessary condition to form SMSs in the
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event rate of the rare galaxy collision and show that the
number density of DCBHs predicted by our scenario is con-
sistent with that of observed high-z SMBHs. In §4, we pro-
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through the protogalaxy collision with high relative velocity.
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we focus on as a function of redshift. We consider the proto-
galaxies having massive dark-matter halos with virial tem-
perature of ∼ 104 K. The corresponding virial mass is a few
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by
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(
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)1/2 (1 + z
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)−3/2

. (1)

Before star formation occurs, the gas in the dark matter
halo has a density profile which consists of the core with a
constant density whose size is ∼ 0.1 Rvir and the envelope
as the power-law profile of ∝ r−2. So, we simply estimate
the size of the gas core as Rcore = 0.1 Rvir. In the massive
halo (" 107 M⊙), the entropy profile in the non-radiative
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0 and
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n0 ≃
(

K
Kvir

)−1.5

n̄b ≃ 21.5 cm−3

(
1 + z
16

)3

. (2)

Next, we show two necessary conditions for SMSs for-
mation in our scenario. First condition is that the gas enters
the region within which H2 molecules are dissociated suffi-
ciently by the reaction of H2 + H → 3H (Inayoshi & Omukai
2012). The condition for the shocked gas is given by
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( n
100 cm−3

)−1
, (3)

for n ! 104 cm−3, where T and n are the post-shock temper-
ature and density, respectively (see Appendix A). Hereafter,
we call the region of Eq. (3) as the “zone of no return”. Since
the sound speed of the pre-shock gas (∼ 10 km s−1) is much
smaller than the relative velocity between the protogalaxies,
the post-shock temperature is given by

T =
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, (4)

where we set µ = 0.6. From Eq. (4), the condition of Eq. (3)
is rewritten as

n0 " 14.51 cm−3
( vrel
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)−2
, (5)

where n0 is the pre-shock gas density and n0 = n/4 under
the strong-shock limit.

Second condition is that the post-shock gas contracts by
the radiative cooling. If the radiative cooling is inefficient,
the shocked gas cools by adiabatic expansion in a timescale
when the shock wave pass the gas at the core. Thus, the gas
density increases when the shock-crossing time is longer than
the radiative cooling time of the post-shock gas, tsc " tcool.
The shock-crossing time is simply written as

tsc =
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, (6)

≃ 1.233× 105 yr
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)−1
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Figure 1. Condition to form a progenitor cloud of SMSs through
the protogalaxy collision: (z ! 15 and vrel ∼ 200− 400 km s−1)

where Λrad(T ) is the cooling function (in units of erg s−1

cm3), which consists of the He atomic transition (105 "
T " 106 K) and the bremsstrahlung emission (T ! 106

K). At 5 × 105 " T " 5 × 106 K, the radiative cooling is
approximated as a constant value Λrad(T ) ≃ 6 × 10−24 erg
s−1 cm3. The corresponding range of the relative velocity is
150 " vrel " 500 km s−1. Then, the cooling time is estimated
as

tcool ≃ 4.29× 104 yr
( vrel
250 km s−1

)2 ( n0

10 cm−3

)−1
. (9)

Therefore, the condition of the radiative shock (tsc ! tcool)
is rewritten by

n0 ! 3.491 cm−3
( vrel
250 km s−1

)3
(
Rcore

30 pc

)−1

. (10)

Combining the core properties (Eqs. 1 and 2) and the
above two conditions (Eq. 5 and 10), we rewrite the neces-
sary condition to form SMSs in terms of the relative velocity
and redshift (Figure 1). Our scenario operates in case of a
relative velocity as high as 200− 400 km s−1 at z ∼ 15.

3 DCBH ABUNDANCE FROM
HIGH-VELOCITY COLLISIONS

3.1 Collision rate

We estimate the high-velocity halo collision rate by consid-
ering the number of dark matter halos just below the atomic
cooling threshold that are encountered by halos of similar
mass moving at speeds high enough to produce a DCBH.
Over a short time interval, dt, this leads to a collision rate
per volume of

dncoll

dt
= nfastnh × vfast × πb2 = ffastn

2
h × vfast × πb2, (11)

where nh is the number density of all halos near the cooling
threshold, vfast is the collision velocity necessary to form a
DCBH, nfast = ffastnh is the number density of halos with
peculiar velocity greater than this value, and b is impact
parameter in a collision required for DCBH formation. We
compute the number density with the Sheth-Tormen mass
function and consider a mass range from 0.5−1Mcool (where

Mcool = 3× 107
(

11
1+z

)3/2
corresponding to Tvir = 104K for

a halo formed from neutral gas). We further assume that the
Lyman-Werner background at z < 20 suppresses star forma-
tion and subsequent metal enrichment in smaller halos. For
the impact parameter, b, we use ten per cent of the virial
radius, which corresponds roughly to the size of gas cores
before efficient cooling begins. We use the bottom curve in
Figure 1 for vfast. The fraction of fast-moving halos is given
by

ffast =

∫ vmax−vtyp

vfast−vtyp

p(v)dv, (12)

where vmax is given in Figure 1 and p(v) is the peculiar ve-
locity probability density function (PDF) which we estimate
in the following subsection. We subtract the typical peculiar
velocity of halos, vtyp ≈ 50km/s, from the limits of integra-
tion to account for relative velocity between the fast and
slow moving halos.

3.2 N-body simulations and velocity PDF

To estimate the dark matter halos’ peculiar velocity PDF,
we ran a cosmological N-body simulation with the publicly
available code gadget2. Our simulation has a box length of
10 Mpc/h and resolution of 7683 particles, corresponding to
a particle mass of 1.96× 105M⊙/h. We used the rockstar
halo finder to locate dark matter halos and determine their
masses and velocities.

In Figure 3.2, we plot the velocity PDF of M = 0.5 −
1Mcool dark matter halos from z = 20−10. We also plot fits
with a form guided by Sheth & Diaferio (2001); Hamana
et al. (2003) who argue that the PDF is a Gaussian dis-
tribution in each velocity component (Maxwell-Boltzmann
distribution for the total 1D velocity) at fixed halo mass and
local overdensity. For atomic cooling halos this leads to

p(v) =

∫
dδp(δ)(1 + bhδ)p(v|δ)∫

dδp(δ)(1 + bhδ)
, (13)

where p(δ) is the cosmological overdensity PDF, bh is the
Sheth-Tormen dark matter halo bias, and p(v|δ) is the ve-
locity PDF at fixed δ. The overdensity PDF is assumed to
be a lognormal distribution

p(δ) =
1√
2πσ2

δ

exp

(
− [ln(1 + δ) + σ2

δ/2]
2

2σ2
δ

)
1

1 + δ
. (14)

The velocity PDF at fixed overdensity is assumed to be a
Maxwell-Bolmann distribution with variance

σ2 = (1 + δ)2µ σ2
v. (15)

We set σδ = 0.5/
√
1 + z (Hamana et al. 2003) and fit two

parameters to our data, σv and µ.

3.3 DCBH number density

Using the best fit p(v) we find the number of DCBHs pro-
duced from z = 10− 20. This is given by

nDCBH =

∫
dz

dt
dz

dncoll

dt
. (16)

To get the velocity pdf at intermediate redshifts between our
simulation snapshots, we interpolate the results from Figure
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Figure 1. Condition to form a progenitor cloud of SMSs through
the protogalaxy collision: (z ! 15 and vrel ∼ 200− 400 km s−1)
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cm3), which consists of the He atomic transition (105 "
T " 106 K) and the bremsstrahlung emission (T ! 106
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approximated as a constant value Λrad(T ) ≃ 6 × 10−24 erg
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Combining the core properties (Eqs. 1 and 2) and the
above two conditions (Eq. 5 and 10), we rewrite the neces-
sary condition to form SMSs in terms of the relative velocity
and redshift (Figure 1). Our scenario operates in case of a
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ering the number of dark matter halos just below the atomic
cooling threshold that are encountered by halos of similar
mass moving at speeds high enough to produce a DCBH.
Over a short time interval, dt, this leads to a collision rate
per volume of

dncoll
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= nfastnh × vfast × πb2 = ffastn
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h × vfast × πb2, (11)

where nh is the number density of all halos near the cooling
threshold, vfast is the collision velocity necessary to form a
DCBH, nfast = ffastnh is the number density of halos with
peculiar velocity greater than this value, and b is impact
parameter in a collision required for DCBH formation. We
compute the number density with the Sheth-Tormen mass
function and consider a mass range from 0.5−1Mcool (where

Mcool = 3× 107
(

11
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)3/2
corresponding to Tvir = 104K for

a halo formed from neutral gas). We further assume that the
Lyman-Werner background at z < 20 suppresses star forma-
tion and subsequent metal enrichment in smaller halos. For
the impact parameter, b, we use ten per cent of the virial
radius, which corresponds roughly to the size of gas cores
before efficient cooling begins. We use the bottom curve in
Figure 1 for vfast. The fraction of fast-moving halos is given
by

ffast =

∫ vmax−vtyp

vfast−vtyp

p(v)dv, (12)

where vmax is given in Figure 1 and p(v) is the peculiar ve-
locity probability density function (PDF) which we estimate
in the following subsection. We subtract the typical peculiar
velocity of halos, vtyp ≈ 50km/s, from the limits of integra-
tion to account for relative velocity between the fast and
slow moving halos.

3.2 N-body simulations and velocity PDF

To estimate the dark matter halos’ peculiar velocity PDF,
we ran a cosmological N-body simulation with the publicly
available code gadget2. Our simulation has a box length of
10 Mpc/h and resolution of 7683 particles, corresponding to
a particle mass of 1.96× 105M⊙/h. We used the rockstar
halo finder to locate dark matter halos and determine their
masses and velocities.

In Figure 3.2, we plot the velocity PDF of M = 0.5 −
1Mcool dark matter halos from z = 20−10. We also plot fits
with a form guided by Sheth & Diaferio (2001); Hamana
et al. (2003) who argue that the PDF is a Gaussian dis-
tribution in each velocity component (Maxwell-Boltzmann
distribution for the total 1D velocity) at fixed halo mass and
local overdensity. For atomic cooling halos this leads to

p(v) =

∫
dδp(δ)(1 + bhδ)p(v|δ)∫

dδp(δ)(1 + bhδ)
, (13)

where p(δ) is the cosmological overdensity PDF, bh is the
Sheth-Tormen dark matter halo bias, and p(v|δ) is the ve-
locity PDF at fixed δ. The overdensity PDF is assumed to
be a lognormal distribution

p(δ) =
1√
2πσ2

δ

exp

(
− [ln(1 + δ) + σ2

δ/2]
2

2σ2
δ

)
1

1 + δ
. (14)

The velocity PDF at fixed overdensity is assumed to be a
Maxwell-Bolmann distribution with variance

σ2 = (1 + δ)2µ σ2
v. (15)

We set σδ = 0.5/
√
1 + z (Hamana et al. 2003) and fit two

parameters to our data, σv and µ.

3.3 DCBH number density

Using the best fit p(v) we find the number of DCBHs pro-
duced from z = 10− 20. This is given by

nDCBH =

∫
dz

dt
dz

dncoll

dt
. (16)

To get the velocity pdf at intermediate redshifts between our
simulation snapshots, we interpolate the results from Figure
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ṀBH ∼ max(ṀBondi, ṀEdd) (3)

ṀBH ∼ 4πρR2
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Figure 1. Density slices through the centre of the central object in each halo. The ‘up’ vector is chosen to be the angular momentum vector and so we are
looking down on to the central object. Each image is scaled in density and length in the same way. The colour scale for the density runs from 10−19 to
10−15 g cm−3. It is clearly visible that in each case a disc is formed, with well-defined spiral arms. The size of the plotted region in each panel is 1 pc.

maximum refinement level, following the growth of haloes to much
higher masses is currently extremely challenging. We will return to
this issue in Section 4 where we conduct further simulations with
different maximum resolutions.

3.4 Profiling the central object

As cooling is facilitated only via atomic hydrogen cooling in the
simulations performed here, the gas cannot cool below approxi-
mately 7000 K. In Fig. 2 (left-hand panel) we show the temperature
of the gas over several decades in radius. We plot the temperature
out to approximately the virial radius which is well outside the
realm of the collapse. The temperature of the gas is found by av-
eraging the temperature of cells in spherical shells outwards from

the densest point in the halo. As expected, the temperature remains
approximately constant as the density grows towards the centre of
the halo. Initially the gas is shock-heated to T ∼ 104 K, close to the
virial radius, from where it cools via atomic hydrogen transitions to
T ∼ 7000 K.

Fig. 2 (right-hand panel) shows the gas density profile of the halo
over the same range. The density profile is initially quite flat at, or
outside, the virial radius, but quickly steepens to attain a slope of
n ∝ r−2 as expected for an isothermal collapse. The profile is not
completely smooth due to the presence of small dense clumps within
the halo (as shown in Fig. 1). All simulations show similar profiles
with the maximum number density obtained in each simulation
found to be ≈1 × 1011 cm−3. The result here are in very good
agreement with those of our own previous simulations as well as

Figure 2. Left-hand panel: the temperature profile for the gas within the halo. As expected for a collapse mediated by atomic hydrogen cooling the temperature
remains constant at approximately T ∼ 6000–8000 K during the collapse. Right-hand panel: the density profile for each halo. Number densities reach values
of up to n ∼ 1 × 1011 cm−3 with a mean slope of ρ ∝ r−2.02 (i.e. an isothermal profile).

MNRAS 439, 1160–1175 (2014)
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Figure 2. The decay time of the clump’s orbit, for the case of
M∗ < 104 M⊙ (M∗ < Md), M∗ = 104 and 105 M⊙ (M∗ > Md),
respectively. In each case, the initial position of the clump is set
to the fragmentation radius Rf . In the first (M∗ < 104 M⊙) case,
we show the slow-down of the migration expected if the clump
grows by accretion at a rate of fṀtot with f = 0 (solid), 0.2
(dashed), and 0.5 (dotted).

imately given by the viscous time (Eq. 24; see also Duf-
fell et al. 2014 who find a factor of few faster migration
in the case they studied). Since H/R = Q/2 ≃ 0.5 at Rf ,
tmig ∼ 0.4 × (2π/Ωf) ∼ 4 × 103 yr. Thus, we find that the
clump orbit decays slightly faster than the orbital period.
This follows essentially from our assumption of αf = 1, and
leads to a complication: Eq. (24) for the Type II migra-
tion rate is strictly valid only for tmig > 2π/Ω because the
torques exerted on the clump are assumed to be averaged
over an orbit (at a fixed radius). Despite this complication,
we can still safely conclude tmig ! 2π/Ω. This is because
assuming a slower migration (tmig " 2π/Ω) would justify
the use of orbit-averaged Type II torques, which would then
yield the contradiction tmig < 2π/Ω.

When the clump migrates to ≃ 0.1 Rf , its mass becomes
comparable to the local disk mass (neglecting for now any
growth of either the disk or the clump during the migration).
Within ∼ 0.1 Rf , the migration speed slows down because
the disk outside the clump can no longer absorb the orbital
angular momentum of the clump (Syer & Clarke 1995). In
the clump-dominated case, the migration time is somewhat
modified as

tmig ≃ q−k
B tvis, (26)

where

qB =
(1 + q)Ṁtot

Mc
tvis (27)

≃ 0.9

(
1 + q
1.1

)(
Mc

30 M⊙

)−1 ( Ṁtot

0.1 M⊙ yr−1

)(
tvis

300 yr

)
,

and

k = 1−
(
1 +

∂ lnΣ

∂ ln Ṁtot

)−1

≃ 0.4. (28)

In Figure 2, we show the evolution of the orbital radius
of the clump (black lines: M∗ < 104 M⊙). The horizontal
axis is the time from the onset of the orbital decay at Rf . To
see the effect of the slow-down, we assume that the clump

grows at the accretion rate of fṀtot with f = 0 (solid curve),
0.2 (dashed), and 0.5 (dotted), respectively. In each case, the
clump’s orbit decays within 104 yr, even if we consider the
slow-down of the migration.

Next, we consider the case that the protostellar gravity
exceeds the self-gravity of the disk within Rf (i.e., t # tg∗).
In Figure 2, we show the corresponding orbital evolution for
M∗ = 104 (blue middle curve) and 105 M⊙ (red right-most
curve) as examples of this stage. In both the cases, we do not
consider the clump growth because the initial clump mass
is much smaller than the disk mass within Rf and thus the
slow-down effect works after the orbit decays enough. For
M∗ = 105 M⊙, the fragmentation radius moves out to ∼ 0.1
pc. In this case, the decay time becomes longer than the
orbital period, and the clump could evolve into a normal
massive star, rather than an SMS. However, this scenario is
realized only by assuming that a SMS with M∗ ∼ 105 M⊙
has already grown at the center of the disk.

3.2 Clump accretion and evolution

In the fragmenting disk, many clumps are formed within Rf

and their orbits decay through interaction with the accretion
disk. Since the typical density of the clumps is ∼ 109 cm−3

(Eq. 17) and since they are optically thin to the H− free-
bound emission, tiny protostars are formed in the clumps
within their free-fall time ∼ 103 yr, which is an order of
magnitude shorter than the orbital decay time. In this sec-
tion, we simply estimate the accretion rate onto the clumps
(which we assume quickly evolve to protostars), and then
discuss the possibility of forming ZAMS stars from the
clumps.

The accretion rate onto a point-like clump in a Keple-
rian disk, where we assume the rotationally supported disk
(Regan et al. 2014), is estimated as

Ṁc =
3
2
ΣΩ(fHRH)

2, (29)

where RH is the Hill radius defined by R(Mc/3M∗)
1/3 and

fH ∼ O(1) (e.g., Goodman & Tan 2004). We have also as-
sumed that the clump accretes gas orbiting in the nearby
disk, within an impact parameter fHRH. At the fragmenta-
tion radius, the accretion rate is given by

Ṁc|Rf =
3
2
ΣfΩff

2
HR

2
f

(
Mc

3M∗

)2/3

, (30)

≃ 1.1× 10−2 M⊙ yr−1

(
fH
1.5

)2 ( Mc

30 M⊙

)2/3

,

which is similar to the critical rate (≈ 4 × 10−3 M⊙ yr−1)
at which the evolution of a protostar changes qualitatively
(Omukai & Palla 2001, 2003). Below the critical rate, the
protostar grows to a usual ZAMS star. Above the critical
rate, the protostar evolves instead to a structure with a
bloated envelope resembling a giant star (Hosokawa et al.
2012). The accretion rate given by Eq. (30) is only a factor
of ≈ two above the critical value. We therefore consider the
case in which some of the clumps grow at a sub-critical rate
and form massive ZAMS stars.

The protostar embedded in the clump begins to un-
dergo Kelvin-Helmholtz (KH) contraction, loosing energy by
radiative diffusion. After the contraction, the star reaches
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FIG. 2.— Snapshots of the evolution of the cold-flow-fed massive black holes. The images visualise the projected gas distribution color coded by temperature
around three example quasars (one in each row) across five different redshifts (labelled on each of the five panels; left to right). The projected density ranges from
∼ 10−2 to ∼ 102 hM⊙ pc−2 and the temperature from∼ 104 (blue colors) to 108 K (red colors). The quasar positions are indicated by the green circles and the
virial radius of each halo by the blue circles. The images show the typical structure of cold streams that penetrate the halo all the way into the central regions of
galaxies. At first (z >

∼
7.5) the gas is cold and the black hole is still of relatively low mass, but then below this redshift the black hole growth exponentiates as

increasing amounts of cold gas is fed into the central regions. Black hole feedback heats the gas, but does not distrupt the cold streams until z <
∼
6.

accretion of surrounding gas according to ṀBH = 4πG2M2
BHρ

(c2s+v2)3/2

(where ρ and cs are the density and sound speed of the hot
and cold phase of the ISM gas which when taken into account
appropriately as in Pelupessy et al. (2007) - this eliminates the
need for a correction factor α previously introduced - and vBH
is the velocity of the black hole relative to the gas) and by
merging with other black holes. We limit the accretion rate to
Eddington (or a few times Eddington). A similar Bondi model
has also been used by Johnson & Bromm (2007) to study the
growth of the first massive PopII black holes remnants.
The radiated luminosity, Lr, from the black hole is related to

the accretion rate, ṀBH as Lr = ϵr (ṀBH× c2) , where we take
the standard mean value ϵr = 0.1. Some coupling between
the liberated luminosity and the surrounding gas is expected:
in the simulation 5% of the luminosity is (isotropically) de-
posited as thermal energy in the local black hole kernel, pro-
viding some form of feedback energy (Di Matteo et al. 2005).
This model of AGN feedback as isotropic thermal coupling
to the surrounding gas, albeit simple, is a reasonable approx-
imation to any physical mechanism which leads to a shock
front which isotropizes and becomes well mixed over physi-
cal scales smaller than those relevant in our simulations and
on timescales smaller than the dynamical timescales of the
halos (Di Matteo et al. 2008; Hopkins et al. 2006). Two black
hole particles merge if they come within the spatial resolu-
tion (i.e. within the local SPH smoothing length) with relative

speed below the local sound speed.
We note that at least two independent

groups(Booth & Schaye 2009; Johansson et al. 2008)
now have also adopted the same modeling for black hole
accretion, feedback and BH mergers in the context of hy-
drodynamic simulations. These independent works, and in
particular, the cosmological simulations by (Booth & Schaye
2009) (part of the OWL program) have allowed to indepen-
dently explore the parameter space of the reference model of
(Di Matteo et al. 2008), as well as variations of our model
prescriptions. This large body of already existing work and
investigations make this particular model a good choice for
more detailed studies of the growth of the first quasars which
is the subject we focus on here. In associated publications we
show that the MassiveBlack quasars are fully consistent with
all the fundamental statistical constraints for the observed
populations of high redshift quasars, and in particular with
the observed luminosity functions of quasars and the high
redshift clustering (DeGraf et al. 2011a) and basic properties
of quasar hosts (Khandai et al. 2011). To produce the black
hole history from the simulation data we rely on SQL
databases developed by Lopez et al. (2011).

3. RESULTS
The cosmological gas density distribution in the full volume

of theMassiveBlack is shown in the large scale image of Fig-
ure 1. The large panel shows the whole of the 3D simulation
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The cosmological gas density distribution in the full volume
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ure 1. The large panel shows the whole of the 3D simulation

4 Di Matteo et al.

FIG. 3.— The black hole mass and the black hole accretion rate versus redshift are shown in the top and bottom panel on the left. The corresponding gas
densities and temperatures of the accreting gas are shown in the top and bottom panels on the right. The lines represent the three black holes shown in Fig. 2 and
the shaded orange band indicates the full range of properties encompassed by our most massive black hole sample.

volume “unwrapped” into a 2D image slice (Feng et al. 2011)
at z = 5. At these large scales the density distribution of the
universe appears fairly uniform. The resolution however is
sufficiently fine to make it possible to zoom into increasingly
smaller regions and search for massive black holes that have
experienced significant growth. Superimposed onto the full
scale image we show a zoomed region (scale of 100Mpc h−1
and 10Mpc h−1 on a side from left to right, respectively)
around one of the largest black holes/quasars at this time.
On these scales the images show the typical filaments that
compose the cosmic web and in particular how the first mas-
sive quasars (the most massive black hole, at the center has
a mass MBH ∼ 3× 109 M⊙) form at the same type of inter-
section/nodes of filaments that are the expected locations of
rare (massive) dark matter halos. Remarkably we do find ten
black holes in the volume that have grown to about a billion
solar masses by z ∼ 6 or earlier (and many other of smaller
masses).
Figure 2 shows the environment and its evolution (five time-

lapses from about z ∼ 9 to z ∼ 5) of three examples from
within this sample. Their detailed mass assembly history is
shown in Fig. 3. The panels in Figure 2 show the evolu-
tion of the gas density color coded by temperature. These
objects are found to be continuously fed by intense streams
of high density gas (consistent with the cold-accretion pic-
ture for the growth of galaxies at intermediate/high redshift
by (Dekel & Birnboim 2006, e.g.). During these times Ed-
dington accretion is attained and sustained. By showing the
temperature of the gas, the images clearly make visible an ex-
panding ’bubble’ (emerging from about z ∼ 6.5− 7) of hot
gas (red colors) around the central quasars (whose positions
are indicated by green circles). This bubble created by the BH
feedback is more or less confined within the halo (the virial
radius of the halo is shown by the blue circles in Fig. 2) for
z <
∼ 6. Below this redshift, and rather abruptly, the energy re-
leased by the quasars heats and expels the gas as a wind well
beyond the halo. Black hole growth has now become self-
regulated (see also Figure 3, Eddington rates are reached only
sporadically). Although the effects of quasar feedback in our
model have been studied in detail previously (Di Matteo et al.

2005, 2008) what is remarkable here is that even though feed-
back energy consistently heats the gas within and eventually
beyond the scale of halos, it does not do much to the streams
of in-flowing cold gas. There the gas density is so high (e.g.
Fig. 3) that the gas cannot be stopped because, it is too dif-
ficult to couple enough feedback energy to it to disrupt the
flow. The streams get somewhat (albeit not completely) dis-
rupted only at z <

∼ 6. Before this happens billion solar mass
black holes are already assembled (see Fig. 3), a process that
takes a few hundred million years.
Sustained phases of Eddington accretion onto these black

holes start as early as z ∼ 9− 10 and go on uninterrupted
until z ∼ 6 − 7, leading to BH masses of the order of
109 M⊙ in the first massive halos of roughlyMhalo ∼ 1012 M⊙

at z ∼ 6 − 7 (rare 3 − 4σ peaks of the density distribu-
tion). We have indeed a few objects (the range of the 10
most massive is shown by the orange areas in Fig. 3) that
reach these high masses already at z ∼ 7 consistent with
(Mortlock et al. 2011). Interestingly, this process of BH as-
sembly is apparently facilited by the “cold flows” picture of
galaxy formation which has revolutionized our understand-
ing of galaxy assembly below the threshold dark matter mass
of Mhalo ∼ 1012 M⊙ (Dekel & Birnboim 2006; Dekel et al.
2009; Kereš et al. 2005, 2009). With MassiveBlack we are
able to trace the formation of the first, rare massive halos,
those which are mostly assembled by high density (high red-
shift) cold streams (Dekel et al. 2009). We find that these
same streams easily penetrate all the way into central re-
gions of galaxies even in the presence of strong feedback. We
find however that once Mhalo ∼ 1012 M⊙ and halos enter the
regime where they are shock-heated (Dekel et al. 2009) the
BH growth becomes finally self-regulated (see accretion rate
evolution in Fig. 3). The temperature of the accreting gas also
is raised well above the virial temperature, Tvir ∼ 107 K, ren-
dering some of the gas unbound; Fig. 3). This the point the
black hole masses level off at a few 109 M⊙ (Fig. 3). Even
though at z< 6 in massive halos the outflows clearly affect the
incoming gas it is not clear they fully distrupt the cold flows.
According to Dekel & Birnboim (2006, e.g), albeit based on
somewhat lower redshift than what we probe, cold streams

(Di Matteo et al. 2011)
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Ṁ
B

H
(1

)

!
10

4
cm

−
3

(2
)

W
e

pr
op

os
e

a
ne

w
sc

en
ar

io
fo

r
su

pe
rm

as
si

ve
st

ar
(S

M
S;

"
10

5
M
⊙

)
fo

rm
at

io
n

in
sh

oc
ke

d
re

gi
on

s
of

co
lli

di
ng

co
ld

ac
cr

et
io

n
flo

w
s

ne
ar

th
e

ce
nt

er
s

of
fir

st
ga

la
xi

es
.

R
ec

en
t

nu
m

er
ic

al
si

m
ul

at
io

ns
in

di
ca

te
th

at
as

se
m

bl
y

of
a

ty
pi

ca
l

fir
st

ga
la

xy
w

it
h

vi
ri

al
te

m
pe

ra
tu

re
T

v
ir

"
10

4
K

pr
oc

ee
ds

vi
a

co
ld

an
d

de
ns

e
flo

w
s

pe
ne

tr
at

in
g

de
ep

to
th

e
ce

nt
er

,w
he

re
th

e
su

pe
rs

on
ic

st
re

am
s

co
lli

de
ea

ch
ot

he
r

to
de

ve
lo

p
a

ho
t

(∼
10

4

K
)

an
d

de
ns

e
(∼

10
3

cm
−

3
)

sh
oc

ke
d

ga
s.

T
he

po
st

-s
ho

ck
la

ye
r

fir
st

co
ol

s
by

effi
ci

en
t

Ly
α

em
is

si
on

an
d

co
nt

ra
ct

s
is

ob
ar

ic
al

ly
un

ti
l≃

80
00

K
.W

he
th

er
th

e
la

ye
r

co
nt

in
ue

s
th

e
is

ob
ar

ic
co

nt
ra

ct
io

n
de

pe
nd

s
on

th
e

de
ns

ity
at

th
is

m
om

en
t:

if
th

e
de

ns
ity

is
hi

gh
en

ou
gh

fo
r

co
lli

si
on

al
ly

ex
ci

ti
ng

H
2

ro
vi

br
at

io
na

ll
ev

el
s

("
10

4
cm

−
3
),

en
ha

nc
ed

H
2

co
lli

si
on

al
di

ss
oc

ia
ti

on
su

pp
re

ss
es

th
e

ga
s

to
co

ol
fu

rt
he

r.
In

th
is

ca
se

,
th

e
la

ye
r

fr
ag

m
en

ts
in

to
m

as
si

ve
("

10
5

M
⊙

)
cl

ou
ds

,
w

hi
ch

co
lla

ps
e

is
ot

he
rm

al
ly

(∼
80

00
K

)
by

th
e

Ly
α

co
ol

in
g

w
it

ho
ut

su
bs

eq
ue

nt
fr

ag
m

en
ta

ti
on

.
A

s
an

ou
tc

om
e,

SM
Ss

ar
e

ex
pe

ct
ed

to
fo

rm
an

d
ev

ol
ve

ev
en

tu
al

ly
to

se
ed

s
of

su
pe

rm
as

si
ve

bl
ac

k
ho

le
s

(S
M

B
H

).
B

y
ca

lc
ul

at
in

g
th

er
m

al
ev

ol
ut

io
n

of
th

e
po

st
-s

ho
ck

ga
s,

w
e

de
lim

it
th

e
ra

ng
e

of
po

st
-

sh
oc

k
co

nd
it

io
ns

fo
r

th
e

SM
S

fo
rm

at
io

n,
w

hi
ch

ca
n

be
ex

pr
es

se
d

as
:

T
"

60
00

K
(n

H
/1

04
cm

−
3
)−

1
fo

r
n

H
!

10
4

cm
−

3
an

d
T

"
50

00
−

60
00

K
fo

r
n

H
"

10
4

cm
−

3
,

de
pe

nd
in

g
so

m
ew

ha
t

on
in

it
ia

l
io

ni
za

ti
on

de
gr

ee
.

W
e

fo
un

d
th

at
m

et
al

en
ri

ch
m

en
t

do
es

no
t

aff
ec

t
th

e
ab

ov
e

co
nd

it
io

n
fo

r
m

et
al

lic
it
y

be
lo

w
≃

10
−

3
Z ⊙

if
m

et
al

s
ar

e
in

th
e

ga
s

ph
as

e,
w

hi
le

co
nd

en
sa

ti
on

of
se

ve
ra

lp
er

ce
nt

of
m

et
al

s
in

to
du

st
de

cr
ea

se
s

th
is

cr
it

ic
al

va
lu

e
of

m
et

al
lic

ity
by

an
or

de
r

of
m

ag
ni

tu
de

.U
nl

ik
e

th
e

pr
ev

io
us

ly
pr

op
os

ed
sc

en
ar

io
fo

r
SM

S
fo

rm
at

io
n,

w
hi

ch
po

st
ul

at
es

ex
tr

em
el

y
st

ro
ng

ul
tr

av
io

le
t

ra
di

at
io

n
to

qu
en

ch
H

2
co

ol
in

g,
ou

r
sc

en
ar

io
he

re
na

tu
ra

lly
ex

pl
ai

ns
th

e
SM

B
H

se
ed

fo
rm

at
io

n
in

th
e

as
se

m
bl

y
pr

oc
es

s
of

th
e

fir
st

ga
la

xi
es

,e
ve

n
w

it
ho

ut
su

ch
a

st
ro

ng
ra

di
at

io
n.

K
ey

w
or

d
s:

st
ar

s:
fo

rm
at

io
n,

P
op

ul
at

io
n

II
I

—
da

rk
ag

es
,

re
io

ni
za

ti
on

,
fir

st
st

ar
s

—
ga

la
xi

es
:f

or
m

at
io

n,
nu

cl
ei

1
IN

T
R

O
D

U
C

T
IO

N

D
is

co
ve

ry
of

h
ig

h
-z

q
u
as

ar
s

h
as

d
em

on
st

ra
te

d
th

e
ex

is
te

n
ce

of
su

p
er

m
as

si
ve

b
la

ck
h
ol

es
(S

M
B

H
)

w
it

h
∼

10
9

M
⊙

al
-

re
ad

y
at

th
e

ag
e

of
th

e
u
n
iv

er
se

!
1

G
y
r

(e
.g

.,
F
an

20
06

;
W

il
lo

tt
et

al
.

20
07

;
M

or
tl

o
ck

et
al

.
20

11
).

A
s

an
or

ig
in

of
su

ch
S
M

B
H

s,
se

ed
B

H
fo

rm
at

io
n

as
a

re
m

n
an

t
of

p
op

u
-

la
ti

on
II

I
st

ar
s

(M
se

e
d

∼
10

0
M
⊙

)
an

d
th

ei
r

su
b
se

q
u
en

t
gr

ow
th

b
y

m
er

ge
r

an
d

ga
s

ac
cr

et
io

n
h
av

e
b
ee

n
st

u
d
ie

d
b
y

⋆
E

-m
a
il
:i
n
ay

o
sh

i@
ta

p
.s

cp
h
y
s.

k
y
o
to

-u
.a

c.
jp

†
E

-m
a
il
:o

m
u
ka

i@
ta

p
.s

cp
h
y
s.

k
yo

to
-u

.a
c.

jp

a
n
u
m

b
er

of
au

th
or

s
(e

.g
.,

H
ai

m
an

&
L
o
eb

20
01

;
V

ol
on

te
ri

,
H

aa
rd

t
&

M
ad

au
20

03
;
L
i
et

al
.
20

07
).

E
ve

n
w

it
h

th
e

E
d
-

d
in

gt
on

ac
cr

et
io

n
ra

te
Ṁ
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cold accretion flowとBH成長

・cold accretion flow

ー 高いガス流入率 (~1Msun/yr)

ー 高密度 (feedback; 弱)

種BH (~105Msun)

→ SMBH (~109Msun @z~7)



まとめ
・超大質量星(DCBH)は宇宙初期のSMBHの有望な起源

・重力崩壊期:

分裂せず単一星が形成、高い降着率で成長

・巨大ガス雲形成: H2 分子の解離が必要

FUV (H2 + γ → 2H) collision (H2 + H → 3H)

・円盤降着期:

円盤は分裂→UV放射の前に中心へ落下

X-ray電離の効果 銀河の衝突！


