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Detection of Astrophysical 
Neutrinos

• IceCube experiment reported 
detection of astro-ν (E ~ PeV) in 2013

• Shower: good for spectrum
• Track: good for source search
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Fig. 3. (a) Light pool produced in IceCube by a shower initiated by an electron or tau neutrino. The measured
energy is 1.14 PeV, which represents a lower limit on the energy of the neutrino that initiated the shower. White
dots represent sensors with no signal. For the colored dots, the color indicates arrival time, from red (early) to
purple (late) following the rainbow, and size reflects the number of photons detected. (b) An upgoing muon
track traverses the detector at an angle of 11◦ below the horizon. The deposited energy inside the detector is
2.6 PeV.

signals are sorted into telltale patterns of light that reveal the direction, energy, and flavor of the
incident neutrino.

Even at a depth of 1450 m, IceCube detects a background of atmospheric cosmic ray muons
originating in the Southern Hemisphere at a rate of 3000 per second. Two methods are used to identify
neutrinos. Traditionally, neutrino searches have focused on the observation of muon neutrinos that
interact primarily outside the detector to produce kilometer-long muon tracks passing through the
instrumented volume. Although this allows the identification of neutrinos that interact outside the
detector, it is necessary to use the Earth as a filter in order to remove the huge background of cosmic
ray muons. This limits the neutrino view to a single flavor and half the sky. An alternative method
exclusively identifies neutrinos interacting inside the detector [9]. It divides the instrumented volume
of ice into an outer veto shield and a 500-megaton inner fiducial volume. The advantage of focusing
on neutrinos interacting inside the instrumented volume of ice is that the detector functions as a total
absorption calorimeter, measuring the neutrino energy with a 10%–15% resolution. Furthermore,
with this method, neutrinos from all directions in the sky can be identified, including both muon
tracks as well as secondary showers, produced by charged-current interactions of electron and tau
neutrinos, and neutral current interactions of neutrinos of all flavors. The Cherenkov patterns initiated
by an electron (or tau) neutrino of 1 PeV energy and a muon neutrino depositing 2.6 PeV energy
while traversing the detector are contrasted in Fig. 3.

In general, the arrival times of photons at the optical sensors determine the particle’s trajectory
[10], while the number of photons is a proxy for the deposited energy. The two methods for separating
neutrinos from the cosmic ray muon background have complementary advantages. The long tracks
produced by muon neutrinos can be pointed back to their sources with a ≤ 0.4◦ angular resolution.
In contrast, the reconstruction of the direction of secondary showers, in principle possible to a few
degrees, is still in the development stage in IceCube [11]. They can be pointed to within ∼10◦–15◦

of the direction of the incident neutrino. Determining the deposited energy from the observed light
pool is, however, relatively straightforward, and a resolution of better than 15% is possible; the same
value holds for the reconstruction of the energy deposited by a muon track inside the detector.
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Neutrino Spectrum

• Track analysis: flat spectrum (E > 200 TeV)
• Cascade analysis: soft spectrum (E > 1 TeV)
• Hint of 2 component??      Uncertainty of analyses??
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independent sample of starting events designed to study the inelasticity distribution [14]. Figure 1
shows the best fit flux normalization and spectral index for the through-going track sample, the
starting event sample, and also the sample of contained cascades presented in 2017 [15]. There is
no evidence of the prompt atmospheric neutrino component in the sample; work to place an upper
limit on the prompt neutrino flux is ongoing. A global fit of the diffuse samples is forthcoming.

Figure 1: Best fit flux normalization and spectral index for a single power law fit to through-going tracks
(blue), contained cascades (green) and starting tracks + cascades (yellow). Inner/outer contours are 68%
and 99% uncertainties respectively. Note that the all-flavor flux normalization of the starting event sample is
divided by 3 to compare to single-flavor normalizations.

2.3 Tau Neutrino Searches

Assuming that the flavor ratio at the source is 1:2:0::ne :nµ :nt , standard neutrino oscillation
physics predicts a flavor ratio of 1:1:1 in IceCube. Even in extreme cases such as pure ne or pure nµ
composition at the source, the flavor ratio in IceCube will still include a significant fraction of nt
after standard oscillations. Several analyses of the flavor ratio in IceCube have been performed [14,
16, 17] but a limiting factor has been the lack of clearly identified tau neutrino candidates. Most nt
appear as single cascades in IceCube, and therefore the experimental signal is degenerate with that
of neutral current events and ne charged current events. The signature of a high energy nt charged
current event is a cascade from the neutrino deep inelastic scattering interaction, followed by a
signature from the decay of the tau lepton. The tau lepton decays 65% of the time to hadrons and
18% to electrons. In both cases a second cascade is seen, producing a double cascade signature [18].
The remaining decays are to muons; this decay mode is not considered here. In some cases, even
if the event appears as a single cascade, the two cascades may be distinguished as double pulses in
individual IceCube DOMs, thanks to the digitized PMT signal (waveform) captured by the DOM.
A search for double pulses was published by IceCube using three years of data [19] with negative
results.

The 7.5 year starting event sample includes for the first time a double cascade topology iden-
tifier [20]. Each event is fitted to a double cascade likelihood hypothesis and double cascade can-
didates are selected based on the event length, the asymmetry between the two fitted cascade ener-
gies, and the fraction of the total energy deposited close to the fitted cascade vertices. Individual
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Arrival Direction

• Isotropic → Extragalactic origin
• No point-source detection so far
• Neutrino flavor ratio is consistent with 

pion decay   
[(1:2:0) at Source]
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a harder spectral index of −2.3 ± 0.3, but with larger
uncertainties. The result is compatible with the one obtained
here.60

We have tested the hypothesis of isotropy by fitting a model
with two astrophysical components, one in the northern and
one in the southern sky. Compared to the all-sky result, the fit
prefers a harder spectrum E 2.0 0.4

0.3( )( )- -
+

in the northern sky and a
slightly softer spectrum E 2.56 0.12( )- in the southern sky with a
significance of 1.1σ (p = 13%). The result is not conclusive;
the discrepancy could be caused by a statistical fluctuation or
by an additional component that is present in only one of the
hemispheres (either an unmodeled background component or,
e.g., a component from the inner Galaxy, although a single
point source of the required strength to create the anisotropy
anywhere in that region has already been excluded (Adrián-
Martínez et al. 2014)). Further analysis including R.A.
information will be helpful in testing the hypothesis of isotropy
in the future.

Finally, we performed a measurement of the flavor
composition of the astrophysical neutrino flux. In a first test,
we have measured the electron-neutrino fraction at Earth in a
tribimaximal mixing scenario, with equal νμ and ντ fluxes at
Earth. The best-fit fraction is 0.18 ± 0.11, a value compatible
with the fractions expected from pion-decay sources (0.33) and
muon-damped sources (0.22), but incompatible with that
expected from neutron-beam sources (0.56), see Figure 7. In
a second, more general test, we allow the normalizations of all
three flavor components to vary independently and compare the
result to compositions expected for different astrophysical

scenarios in Figure 8. In agreement with the first test, we find
that pion-decay sources and muon-damped sources are well
compatible with our data, while neutron-beam sources are
disfavored with a significance of 3.6σ (p = 0.014%). We do not
find indications for non-standard oscillation scenarios.
Previous measurements of the flavor composition were

presented by Mena et al. (2014) and Palomares-Ruiz et al.
(2015; based on event sample H1, presented in Aartsen
et al. 2014e), and by Palladino et al. (2015), Pagliaroli et al.
(2015), and Aartsen et al. (2015b; based on event samples that
were extended with respect to H1). With respect to these
measurements, the constraints presented here are significantly
improved; we attribute this to the fact that the combined event
sample analyzed here contains a significant number of shower
events as well as track events. Though the best-fit flavor
composition obtained in Aartsen et al. (2015b) (white “+” in
Figure 8) lies outside the 95% C.L. region, the 68% C.L. region
obtained here is completely contained within that obtained in
the previous work, demonstrating the compatibility of the two
results. Because neither analysis was designed to identify tau
neutrinos, a degeneracy with respect to the ντ-fraction is
observed in both; the slight preference toward a smaller ντ-
contribution found here is likely connected to the slight
differences in the energy distributions of the three neutrino
flavors. In future, the identification of tau neutrinos will enable
us to place stronger constraints on the flavor composition of the
astrophysical neutrino flux.
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U.S. National Science Foundation–Office of Polar Programs,
U.S. National Science Foundation–Physics Division, Univer-
sity of Wisconsin Alumni Research Foundation, the Grid
Laboratory Of Wisconsin (GLOW) grid infrastructure at the
University of Wisconsin–Madison, the Open Science Grid
(OSG) grid infrastructure; U.S. Department of Energy, and
National Energy Research Scientific Computing Center, the
Louisiana Optical Network Initiative (LONI) grid computing
resources; Natural Sciences and Engineering Research Council
of Canada, WestGrid and Compute/Calcul Canada; Swedish
Research Council, Swedish Polar Research Secretariat, Swed-
ish National Infrastructure for Computing (SNIC), and Knut
and Alice Wallenberg Foundation, Sweden; German Ministry
for Education and Research (BMBF), Deutsche Forschungsge-
meinschaft (DFG), Helmholtz Alliance for Astroparticle
Physics (HAP), Research Department of Plasmas with Com-
plex Interactions (Bochum), Germany; Fund for Scientific
Research (FNRS-FWO), FWO Odysseus programme, Flanders
Institute to encourage scientific and technological research in
industry (IWT), Belgian Federal Science Policy Office
(Belspo); University of Oxford, United Kingdom; Marsden
Fund, New Zealand; Australian Research Council; Japan
Society for Promotion of Science (JSPS); the Swiss National
Science Foundation (SNSF), Switzerland; National Research
Foundation of Korea (NRF); Danish National Research
Foundation, Denmark (DNRF).

APPENDIX A
TABLE OF INTERACTION TYPES

Table 10 lists the fractions of neutrino interaction types that
contribute to the event samples introduced in Section 2.

Figure 8. Profile likelihood scan of the flavor composition at Earth. Each point
in the triangle corresponds to a ratio : :en n nm t as measured on Earth, the
individual contributions are read off the three sides of the triangle. The best-fit
composition is marked with “×”; 68% and 95% confidence regions are
indicated. The ratios corresponding to three flavor composition scenarios at the
sources of the neutrinos, computed using the oscillation parameters in
Gonzalez-Garcia et al. (2014, inverted hierarchy), are marked by the square
(0:1:0), circle (1:2:0), and triangle (1:0:0), respectively. The best-fit composi-
tion obtained in an earlier IceCube analysis of the flavor composition (Aartsen
et al. 2015b) is marked with a “+.”

60 We have established the compatibility in a separate fit without the
corresponding data set, i.e., without sample H1. The 68% uncertainty interval
for the spectral index obtained in this fit (−2.45 ± 0.10) overlaps with that
obtained in Aartsen et al. (2014e).
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 Neutrino Production Process
• pp inelastic collision
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IV. PRODUCTION OF
ELECTRON-POSITRON PAIRS

At energies below the photomeson production, the main
channel of inelastic interactions for protons with ambient
photons proceeds through the direct production of
electron-positron pairs. In the rest frame of the proton,
this process is described by the so-called Bethe-Heitler
cross section. In astrophysical environments, the process

is more often realized when ultrarelativistic protons collide
with low energy photons,

pþ ! ! eþ þ e" þ p: (44)

The process is energetically allowed when

!p">mec
2; (45)

where !p ¼ Ep=mpc
2 is the proton Lorentz factor, " is the

soft photon energy, and me is the mass of electron. The
maximum energy of the electron (positron) is determined
by the kinematics of the process

Eemax ¼
!p

1þ 4!p"=ðmpc
2Þ ð

ffiffiffiffiffiffiffiffiffi
!p"

p þ
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
!p""mec

2
q

Þ2:

(46)

This equation is valid when !p & 1 and " ' mp!pc
2. In

the interval

mec
2 ' !p" ' mpc

2; (47)

the maximum electron energy is

Eemax ¼ 4!2
p": (48)

This applies for Eemax ' Ep. In the limit of !p" & mpc
2

Eemax ¼ mpc
2!p ¼ Ep; (49)

i.e., the whole energy of the proton is transferred to one of
the electrons.
Let us denote by d# the differential cross section of the

process. The interaction rate is

dw ¼ c3
ðk ( pÞ
"Ep

d# ¼ c2
ðk ( upÞ
"!p

d#; (50)

where k and p are four-momenta of the photon and proton,
up ¼ p=mpc is the four-velocity of the proton, ðk ( pÞ ¼
"Ep=c

2 " kp is the scalar product of four-vectors. Let us
assume that in a unit volume we have fphð"Þd"d!=4$
photons between the energy interval ð"; "þ d"Þ and mov-
ing within the solid angle d!. Then the number of inter-
actions per unit of time is

N ¼ c2
Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
d#; (51)

where the integration is performed over all variables.
Below we perform calculations based on the following

approach. If we are interested in a distribution of some
variable %, which is a function ’ of particle momenta, this
distribution can be found introducing an additional
& function under the integral in Eq. (51):

dN

d%
¼ c2

Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
&ð%" ’Þd#: (52)

In particular, the energy distribution of electrons in the
laboratory frame can be calculated using the following

FIG. 9. The total cross sections of production of $þ and
$0 mesons as a function of energy of the incident gamma ray
in the rest frame of a proton. The experimental points are taken
from http://wwwppds.ihep.su:8001.

FIG. 8. The multiplicity of photons and leptons produced in
one interaction of a relativistic proton with 2.7 CMBR.

ENERGY SPECTRA OF GAMMA RAYS, ELECTRONS, AND . . . PHYSICAL REVIEW D 78, 034013 (2008)
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Eγ’[GeV]

σ[mb]

 q!!E!" # ~n
cnH
K!

"inel

!
mp $

E!
K!

"
Jp

!
mp $

E!
K!

"
; (77)

where K! # #=~n. For the procedure described below, ~n
and K! are free parameters.

The emissivity of gamma rays is related to q!!E!"
though the equation

 

dN$
dE$

# 2
Z 1
Emin

q!!E!"####################
E2
! % m2

!

p dE!; (78)

where Emin # E$ $ m2
!=4E$.

The feasibility of the %-functional approximation in the
energy range E< 100 GeV is explained by the following
reasons:

(1) In the energy range 1& E & 100 GeV the cross
section given by Eq. (73) is almost constant, and the
spectrum of protons given by Eq. (74) has a power-
law form. Therefore, the spectra of gamma rays and
leptons are also power law with the same index&. In

this case the %-functional approximation leads to
power-law spectra for any choice of parameters ~n
andK!. Therefore, for the givenK! and defining the
value of ~n from the condition of continuity of the
spectrum at the point E # 100 GeV, one can obtain
correct dependence and absolute value of the
gamma ray spectrum at 1& E & 100 GeV.

(2) For the value of K! # 0:17, the %-functional ap-
proximation for power-law proton spectra agrees
quite well, as is demonstrated in Ref. [13], with
numerical Monte Carlo calculations [12], even at
energies as low as E'1 GeV (see also discussion
in [16]).
At lower energies one has to use, instead of Eq. (73),
a more accurate approximation for the inelastic
cross section:
 

"inel1!Ep" # !34:3 $ 1:88L $ 0:25L2"

(
$

1 %
!
Eth

Ep

"
4
%

2
mb; (79)

where Eth # mp $ 2m! $ m2
!=2mp # 1:22 )

10% 3 TeV is the threshold energy of production of
!0 mesons. Equation (79) correctly describes the
cross section also at energies close to the threshold
and at Ep > 3Eth almost coincides with Eq. (73).
The comparison with experimental data [26] shows
that Eq. (79) can be used in a wider energy range of
protons, as it is demonstrated in Fig. 11.

In Fig. 12 we show the spectra of gamma rays and
leptons calculated for the proton distribution given by
Eq. (74). The constant A is determined from the condition

 

Z 1
1 TeV

EpJp!Ep"dEp # 1 erg cm% 3: (80)

In the energy range E * 0:1 TeV, calculations are per-
formed using Eq. (72) with functions Fj!x; Ep" presented
in Sec. IV; at lower energies the %-functional approxima-
tion is used with K! # 0:17. As discussed above, ~n is
treated as a free parameter determined from the condition
to match the spectrum based on accurate calculations at

FIG. 12. Energy spectra of gamma rays and leptons from p-p interactions calculated for the distribution of protons given by Eq. (74)
with parameters E0 # 1000 TeV, ' # 1 and (a) & # 2, (b) & # 1:5. The dashed curves are calculated in the %-functional
approximation.

inel = (34 .3 + 1 .88 L + 0 .25 L 2)×

1 −
E th

E p

4 2

, mb

FIG. 11. Inelastic cross section of p-p interactions approxi-
mated by Eq. (79). The experimental data are from
http:wwwppds.ihep.su:8001/c5-5A.HTML, the open points cor-
respond to the cross sections which are used in the SIBYLL code.
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Neutrino Production Process
• pp inelastic collision
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from http://wwwppds.ihep.su:8001.

FIG. 8. The multiplicity of photons and leptons produced in
one interaction of a relativistic proton with 2.7 CMBR.
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 q!!E!" # ~n
cnH
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!
mp $

E!
K!

"
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!
mp $

E!
K!

"
; (77)

where K! # #=~n. For the procedure described below, ~n
and K! are free parameters.

The emissivity of gamma rays is related to q!!E!"
though the equation

 

dN$
dE$

# 2
Z 1
Emin

q!!E!"####################
E2
! % m2

!

p dE!; (78)

where Emin # E$ $ m2
!=4E$.

The feasibility of the %-functional approximation in the
energy range E< 100 GeV is explained by the following
reasons:

(1) In the energy range 1& E & 100 GeV the cross
section given by Eq. (73) is almost constant, and the
spectrum of protons given by Eq. (74) has a power-
law form. Therefore, the spectra of gamma rays and
leptons are also power law with the same index&. In

this case the %-functional approximation leads to
power-law spectra for any choice of parameters ~n
andK!. Therefore, for the givenK! and defining the
value of ~n from the condition of continuity of the
spectrum at the point E # 100 GeV, one can obtain
correct dependence and absolute value of the
gamma ray spectrum at 1& E & 100 GeV.

(2) For the value of K! # 0:17, the %-functional ap-
proximation for power-law proton spectra agrees
quite well, as is demonstrated in Ref. [13], with
numerical Monte Carlo calculations [12], even at
energies as low as E'1 GeV (see also discussion
in [16]).
At lower energies one has to use, instead of Eq. (73),
a more accurate approximation for the inelastic
cross section:
 

"inel1!Ep" # !34:3 $ 1:88L $ 0:25L2"

(
$

1 %
!
Eth

Ep

"
4
%

2
mb; (79)

where Eth # mp $ 2m! $ m2
!=2mp # 1:22 )

10% 3 TeV is the threshold energy of production of
!0 mesons. Equation (79) correctly describes the
cross section also at energies close to the threshold
and at Ep > 3Eth almost coincides with Eq. (73).
The comparison with experimental data [26] shows
that Eq. (79) can be used in a wider energy range of
protons, as it is demonstrated in Fig. 11.

In Fig. 12 we show the spectra of gamma rays and
leptons calculated for the proton distribution given by
Eq. (74). The constant A is determined from the condition

 

Z 1
1 TeV

EpJp!Ep"dEp # 1 erg cm% 3: (80)

In the energy range E * 0:1 TeV, calculations are per-
formed using Eq. (72) with functions Fj!x; Ep" presented
in Sec. IV; at lower energies the %-functional approxima-
tion is used with K! # 0:17. As discussed above, ~n is
treated as a free parameter determined from the condition
to match the spectrum based on accurate calculations at

FIG. 12. Energy spectra of gamma rays and leptons from p-p interactions calculated for the distribution of protons given by Eq. (74)
with parameters E0 # 1000 TeV, ' # 1 and (a) & # 2, (b) & # 1:5. The dashed curves are calculated in the %-functional
approximation.

inel = (34 .3 + 1 .88 L + 0 .25 L 2)×

1 −
E th

E p

4 2

, mb

FIG. 11. Inelastic cross section of p-p interactions approxi-
mated by Eq. (79). The experimental data are from
http:wwwppds.ihep.su:8001/c5-5A.HTML, the open points cor-
respond to the cross sections which are used in the SIBYLL code.
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Neutrino Production Process
• pp inelastic collision

• Photomeson production (pγ)
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IV. PRODUCTION OF
ELECTRON-POSITRON PAIRS

At energies below the photomeson production, the main
channel of inelastic interactions for protons with ambient
photons proceeds through the direct production of
electron-positron pairs. In the rest frame of the proton,
this process is described by the so-called Bethe-Heitler
cross section. In astrophysical environments, the process

is more often realized when ultrarelativistic protons collide
with low energy photons,

pþ ! ! eþ þ e" þ p: (44)

The process is energetically allowed when

!p">mec
2; (45)

where !p ¼ Ep=mpc
2 is the proton Lorentz factor, " is the

soft photon energy, and me is the mass of electron. The
maximum energy of the electron (positron) is determined
by the kinematics of the process

Eemax ¼
!p

1þ 4!p"=ðmpc
2Þ ð

ffiffiffiffiffiffiffiffiffi
!p"

p þ
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
!p""mec

2
q

Þ2:

(46)

This equation is valid when !p & 1 and " ' mp!pc
2. In

the interval

mec
2 ' !p" ' mpc

2; (47)

the maximum electron energy is

Eemax ¼ 4!2
p": (48)

This applies for Eemax ' Ep. In the limit of !p" & mpc
2

Eemax ¼ mpc
2!p ¼ Ep; (49)

i.e., the whole energy of the proton is transferred to one of
the electrons.
Let us denote by d# the differential cross section of the

process. The interaction rate is

dw ¼ c3
ðk ( pÞ
"Ep

d# ¼ c2
ðk ( upÞ
"!p

d#; (50)

where k and p are four-momenta of the photon and proton,
up ¼ p=mpc is the four-velocity of the proton, ðk ( pÞ ¼
"Ep=c

2 " kp is the scalar product of four-vectors. Let us
assume that in a unit volume we have fphð"Þd"d!=4$
photons between the energy interval ð"; "þ d"Þ and mov-
ing within the solid angle d!. Then the number of inter-
actions per unit of time is

N ¼ c2
Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
d#; (51)

where the integration is performed over all variables.
Below we perform calculations based on the following

approach. If we are interested in a distribution of some
variable %, which is a function ’ of particle momenta, this
distribution can be found introducing an additional
& function under the integral in Eq. (51):

dN

d%
¼ c2

Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
&ð%" ’Þd#: (52)

In particular, the energy distribution of electrons in the
laboratory frame can be calculated using the following

FIG. 9. The total cross sections of production of $þ and
$0 mesons as a function of energy of the incident gamma ray
in the rest frame of a proton. The experimental points are taken
from http://wwwppds.ihep.su:8001.

FIG. 8. The multiplicity of photons and leptons produced in
one interaction of a relativistic proton with 2.7 CMBR.
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where K! # #=~n. For the procedure described below, ~n
and K! are free parameters.

The emissivity of gamma rays is related to q!!E!"
though the equation

 

dN$
dE$

# 2
Z 1
Emin

q!!E!"####################
E2
! % m2

!

p dE!; (78)

where Emin # E$ $ m2
!=4E$.

The feasibility of the %-functional approximation in the
energy range E< 100 GeV is explained by the following
reasons:

(1) In the energy range 1& E & 100 GeV the cross
section given by Eq. (73) is almost constant, and the
spectrum of protons given by Eq. (74) has a power-
law form. Therefore, the spectra of gamma rays and
leptons are also power law with the same index&. In

this case the %-functional approximation leads to
power-law spectra for any choice of parameters ~n
andK!. Therefore, for the givenK! and defining the
value of ~n from the condition of continuity of the
spectrum at the point E # 100 GeV, one can obtain
correct dependence and absolute value of the
gamma ray spectrum at 1& E & 100 GeV.

(2) For the value of K! # 0:17, the %-functional ap-
proximation for power-law proton spectra agrees
quite well, as is demonstrated in Ref. [13], with
numerical Monte Carlo calculations [12], even at
energies as low as E'1 GeV (see also discussion
in [16]).
At lower energies one has to use, instead of Eq. (73),
a more accurate approximation for the inelastic
cross section:
 

"inel1!Ep" # !34:3 $ 1:88L $ 0:25L2"

(
$

1 %
!
Eth

Ep

"
4
%

2
mb; (79)

where Eth # mp $ 2m! $ m2
!=2mp # 1:22 )

10% 3 TeV is the threshold energy of production of
!0 mesons. Equation (79) correctly describes the
cross section also at energies close to the threshold
and at Ep > 3Eth almost coincides with Eq. (73).
The comparison with experimental data [26] shows
that Eq. (79) can be used in a wider energy range of
protons, as it is demonstrated in Fig. 11.

In Fig. 12 we show the spectra of gamma rays and
leptons calculated for the proton distribution given by
Eq. (74). The constant A is determined from the condition

 

Z 1
1 TeV

EpJp!Ep"dEp # 1 erg cm% 3: (80)

In the energy range E * 0:1 TeV, calculations are per-
formed using Eq. (72) with functions Fj!x; Ep" presented
in Sec. IV; at lower energies the %-functional approxima-
tion is used with K! # 0:17. As discussed above, ~n is
treated as a free parameter determined from the condition
to match the spectrum based on accurate calculations at

FIG. 12. Energy spectra of gamma rays and leptons from p-p interactions calculated for the distribution of protons given by Eq. (74)
with parameters E0 # 1000 TeV, ' # 1 and (a) & # 2, (b) & # 1:5. The dashed curves are calculated in the %-functional
approximation.

inel = (34 .3 + 1 .88 L + 0 .25 L 2)×

1 −
E th

E p

4 2

, mb

FIG. 11. Inelastic cross section of p-p interactions approxi-
mated by Eq. (79). The experimental data are from
http:wwwppds.ihep.su:8001/c5-5A.HTML, the open points cor-
respond to the cross sections which are used in the SIBYLL code.
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Point Source Constraint

• No point-source detection  
→ High number density of neutrino sources

• IceCube already disfavors luminous sources 
(GRBs, Blazars, Jetted TDEs)
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Figure 2: Left: Comparison of the diffuse neutrino emission (solid magenta band) to the effec-
tive local density and luminosity of extragalactic neutrino source populations. We indicate sev-
eral candidate populations (î) by the required neutrino luminosity to account for the full diffuse
flux [17] (see also [25]). The lower (upper) edge of the band assumes rapid (no) redshift evolu-
tion. The dark-blue-shaded region indicates IceCube’s discovery potential of the closest source
of the population (E2fnµ+n̄µ ⌃ 10�12 TeV/cm2/s in the Northern Hemisphere [26]). Right: The
same comparison for transient neutrino sources parametrized by their local density rate and bolo-
metric energy [27]. The discovery potential of the closest source is based on 10 years of livetime
(E2Fnµ+n̄µ ⌃ 0.1 GeV/cm2 in the Northern Hemisphere [28]).

ingly, several IceCube analyses [10,58] show an excess of neutrinos below 100 TeV, indicating that
the sources are opaque to g-rays, as expected, e.g., for intense X-ray and soft g-ray sources [59].

B) Precision measurements of the neutrino flux can test the idea of cosmic particle unifica-
tion, in which sub-TeV g-rays, PeV neutrinos, and UHE cosmic rays can be explained simultane-
ously [17, 41, 60, 61]. If the neutrino flux is related to the sources of UHE cosmic rays, then there
is a different theoretical upper limit (the dashed green line in Fig. 3) to the neutrino flux [62, 63].
UHE cosmic ray sources can be embedded in environments that act as “cosmic-ray reservoirs”
where magnetic fields trap cosmic rays with energies far below the highest cosmic-ray energies.
The trapped cosmic rays collide with gas and produce a flux of g-rays and neutrinos. The measured
IceCube flux is consistent with predictions of some of these models [29,39,40]; see, however, [64].

C) The attenuation of UHE cosmic rays through resonant interactions with cosmic microwave
background photons results in the production of UHE neutrinos. This mechanism, first pointed out
by Greisen, Zatsepin and Kuzmin [67, 68] (GZK), causes a suppression of the UHE cosmic ray
proton flux beyond 5✓ 1010 GeV [67, 68] and gives rise to a flux of UHE neutrinos [69], not yet
detected, shown in Fig. 3. The observation of these cosmogenic neutrinos at ⇥EeV, or a stringent
upper limit on their flux, will severely restrict models of acceleration, source evolution, cosmic ray
composition, and transition from Galactic to extragalactic components, and serve as a complement
to cosmic-ray measurements to limit possible sources (e.g., [56, 69–87]).

The strong correspondence of high-energy messengers — suggested by the diffuse data in
Fig. 3 — provides excellent motivation for multi-messenger observations. Linking together obser-
vations of multiple messengers in time and space will allow direct correlation of neutrino sources

3

see Murase & Waxman 16



Gamma-ray Constraints

• Astrophysical νs are accompanied with γ rays
• ν intensity at 10 TeV > γ-ray intensity at 100 GeV  
→ accompanying γ rays overshoot Fermi data 
→ ν sources should be opaque to γ rays

11

Murase et al. 2013, 2016
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Active Galactic Nuclei 
(AGNs)

• Radio-quiet AGNs
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• Radio-loud AGNs

• No prominent jet
• 90% of AGNs

• Powerful Jets
• 1-10 % of AGNs

M77 (NGC 1068): Wikipedia©

M87 (NGC 4486): Wikipedia©
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(AGNs)

• Radio-quiet AGNs
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• Radio-loud AGNs

• Hottest Point in Northern Sky (2.9 σ ) • IC 170922 (3 σ)

• 2014-2015 Neutrino flare (3.5 σ)

10yr point source search (IceCube 2019)
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Outlook on Results
● NGC 1068 alone shows a 2.9σ 
deviation from background. 

! all-sky hotspot ~ 1 diameter�: its ⁰

center is o✓set 0.35° from coords of 
NGC 1068. 

! this o✓set and size of hotspot is 
consistent with simulated tests for a 
soft ⌫ux at a point source. 

● Best 6t normalisation is greater than 
current Gamma-ray observations. 

● Best 6t spectrum ∝ E-3.16

 
Multi-wavelength Observations around NGC 1068

TXS 0506
NGC 1068

GB6 J1542+6129
PKS 1424+240

lower limit of 183 TeV, depending onlyweakly on
the assumed astrophysical energy spectrum (25).
The vast majority of neutrinos detected by

IceCube arise from cosmic-ray interactions within
Earth’s atmosphere. Although atmospheric neu-
trinos are dominant at energies below 100 TeV,
their spectrum falls steeply with energy, allowing
astrophysical neutrinos to be more easily identi-
fied at higher energies. The muon-neutrino as-

trophysical spectrum, together with simulated
data, was used to calculate the probability that a
neutrino at the observed track energy and zenith
angle in IceCube is of astrophysical origin. This
probability, the so-called signalness of the event
(14), was reported to be 56.5% (17). Although
IceCube can robustly identify astrophysical neu-
trinos at PeV energies, for individual neutrinos
at several hundred TeV, an atmospheric origin

cannot be excluded. Electromagnetic observations
are valuable to assess the possible association of
a single neutrino to an astrophysical source.
Following the alert, IceCube performed a

complete analysis of relevant data prior to
31 October 2017. Although no additional excess
of neutrinoswas found from the direction of TXS
0506+056 near the time of the alert, there are
indications at the 3s level of high-energy neutrino

The IceCube Collaboration et al., Science 361, eaat1378 (2018) 13 July 2018 2 of 8

Fig. 1. Event display for
neutrino event IceCube-
170922A. The time at which a
DOM observed a signal is
reflected in the color of the hit,
with dark blues for earliest hits
and yellow for latest. Times
shown are relative to the first
DOM hit according to the track
reconstruction, and earlier and
later times are shown with the
same colors as the first and
last times, respectively. The
total time the event took to
cross the detector is ~3000 ns.
The size of a colored sphere is
proportional to the logarithm
of the amount of light
observed at the DOM, with
larger spheres corresponding
to larger signals. The total
charge recorded is ~5800 photoelectrons. Inset is an overhead perspective view of the event. The best-fitting track direction is shown as an arrow,

consistent with a zenith angle 5:7þ0:50
"0:30 degrees below the horizon.

Fig. 2. Fermi-LATand MAGIC observations of IceCube-170922A’s
location. Sky position of IceCube-170922A in J2000 equatorial coordinates
overlaying the g-ray counts from Fermi-LAT above 1 GeV (A) and the signal
significance as observed by MAGIC (B) in this region. The tan square
indicates the position reported in the initial alert, and the green square
indicates the final best-fitting position from follow-up reconstructions (18).
Gray and red curves show the 50% and 90% neutrino containment regions,
respectively, including statistical and systematic errors. Fermi-LATdata are
shown as a photon counts map in 9.5 years of data in units of counts per

pixel, using detected photons with energy of 1 to 300 GeV in a 2° by 2°
region around TXS0506+056. The map has a pixel size of 0.02° and was
smoothed with a 0.02°-wide Gaussian kernel. MAGIC data are shown as
signal significance for g-rays above 90 GeV. Also shown are the locations of
a g-ray source observed by Fermi-LAT as given in the Fermi-LAT Third
Source Catalog (3FGL) (23) and the Third Catalog of Hard Fermi-LAT
Sources (3FHL) (24) source catalogs, including the identified positionally
coincident 3FGL object TXS 0506+056. For Fermi-LAT catalog objects,
marker sizes indicate the 95% CL positional uncertainty of the source.
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• Radio-loud AGNs

• Hottest Point in Northern Sky (2.9 σ ) • IC 170922 (3 σ)

• 2014-2015 Neutrino flare (3.5 σ)
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Radio-quiet AGNs
• QSO: Blue bump & X-ray  
→Optically thick disk + coronae

• LLAGN: No blue bump & X-ray  
→Optically thin flow  
[Radiatively Inefficient  
Accretion Flow (RIAF)]
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Figure 7
Composite SEDs for radio-quiet AGNs binned by Eddington ratio. The SEDs are normalized at 1 µm.
(Adapted from L.C. Ho, in preparation.)

nuclei (Ho 1999b, 2002a; Ho et al. 2000) and a substantial fraction of Seyfert nuclei (Ho & Peng
2001). Defining radio-loudness based on the relative strength of the radio and X-ray emission,
RX ≡ νLν (5 GHz)/LX, Terashima & Wilson (2003b) also find that LINERs tend to be radio-
loud, here taken to be RX > 10−4.5. Moreover, the degree of radio-loudness scales inversely with
Lbol/LEdd (Ho 2002a; Terashima & Wilson 2003b; Wang, Luo & Ho 2004; Greene, Ho & Ulvestad
2006; Panessa et al. 2007; Sikora, Stawarz & Lasota 2007; L.C. Ho, in preparation; see Figure 10b).

In a parallel development, studies of the low-luminosity, often LINER-like nuclei of FR I radio
galaxies also support the notion that they lack a UV bump. M84 (Bower et al. 2000) and M87
(Sabra et al. 2003) are two familiar examples, but it has been well documented that FR I nuclei
tend to exhibit flat αox (Donato, Sambruna & Gliozzi 2004; Balmaverde, Capetti & Grandi 2006;
Gliozzi et al. 2008) and steep slopes in the optical (Chiaberge, Capetti & Celotti 1999; Verdoes
Kleijn et al. 2002) and optical-UV (Chiaberge et al. 2002).

Finally, I note that the UV spectral slope can be indirectly constrained from considering the
strength of the He II λ4686 line. Although this line is clearly detected in Pictor A (Carswell et al.
1984, Filippenko 1985), its weakness in NGC 1052 prompted Péquignot (1984) to deduce that
the ionizing spectrum must show a sharp cutoff above the He+ ionization limit (54.4 eV). In this
respect, NGC 1052 is quite representative of LINERs in general. He II λ4686 was not detected
convincingly in a single case among a sample of 159 LINERs in the entire Palomar survey (Ho,
Filippenko & Sargent 1997a). Starlight contamination surely contributes partly to this, but the line
has also eluded detection in HST spectra (e.g., Ho, Filippenko & Sargent 1996; Nicholson et al.
1998; Barth et al. 2001b; Sabra et al. 2003; Sarzi et al. 2005; Shields et al. 2007), which indicates
that it is truly intrinsically very weak. To a first approximation, the ratio of He II λ4686 to Hβ

reflects the relative intensity of the ionizing continuum between 1 and 4 Ryd. For an ionizing
spectrum fν ∝ να , case B recombination predicts He II λ4686/Hβ = 1.99 × 4α (Penston &
Fosbury 1978). The current observational limits of He II λ4686/Hβ ! 0.1 thus imply α ! − 2,
qualitatively consistent with the evidence from the SED studies.

Maoz (2007) has offered an alternative viewpoint to the one presented above. Using a sample
of 13 LINERs with variable UV nuclei, he argues that their SEDs do not differ appreciably from
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Radio-quiet AGNs
• QSO: Blue bump & X-ray  
→Optically thick disk + coronae

• LLAGN: No blue bump & X-ray  
→Optically thin flow  
[Radiatively Inefficient  
Accretion Flow (RIAF)]
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Figure 7
Composite SEDs for radio-quiet AGNs binned by Eddington ratio. The SEDs are normalized at 1 µm.
(Adapted from L.C. Ho, in preparation.)

nuclei (Ho 1999b, 2002a; Ho et al. 2000) and a substantial fraction of Seyfert nuclei (Ho & Peng
2001). Defining radio-loudness based on the relative strength of the radio and X-ray emission,
RX ≡ νLν (5 GHz)/LX, Terashima & Wilson (2003b) also find that LINERs tend to be radio-
loud, here taken to be RX > 10−4.5. Moreover, the degree of radio-loudness scales inversely with
Lbol/LEdd (Ho 2002a; Terashima & Wilson 2003b; Wang, Luo & Ho 2004; Greene, Ho & Ulvestad
2006; Panessa et al. 2007; Sikora, Stawarz & Lasota 2007; L.C. Ho, in preparation; see Figure 10b).

In a parallel development, studies of the low-luminosity, often LINER-like nuclei of FR I radio
galaxies also support the notion that they lack a UV bump. M84 (Bower et al. 2000) and M87
(Sabra et al. 2003) are two familiar examples, but it has been well documented that FR I nuclei
tend to exhibit flat αox (Donato, Sambruna & Gliozzi 2004; Balmaverde, Capetti & Grandi 2006;
Gliozzi et al. 2008) and steep slopes in the optical (Chiaberge, Capetti & Celotti 1999; Verdoes
Kleijn et al. 2002) and optical-UV (Chiaberge et al. 2002).

Finally, I note that the UV spectral slope can be indirectly constrained from considering the
strength of the He II λ4686 line. Although this line is clearly detected in Pictor A (Carswell et al.
1984, Filippenko 1985), its weakness in NGC 1052 prompted Péquignot (1984) to deduce that
the ionizing spectrum must show a sharp cutoff above the He+ ionization limit (54.4 eV). In this
respect, NGC 1052 is quite representative of LINERs in general. He II λ4686 was not detected
convincingly in a single case among a sample of 159 LINERs in the entire Palomar survey (Ho,
Filippenko & Sargent 1997a). Starlight contamination surely contributes partly to this, but the line
has also eluded detection in HST spectra (e.g., Ho, Filippenko & Sargent 1996; Nicholson et al.
1998; Barth et al. 2001b; Sabra et al. 2003; Sarzi et al. 2005; Shields et al. 2007), which indicates
that it is truly intrinsically very weak. To a first approximation, the ratio of He II λ4686 to Hβ

reflects the relative intensity of the ionizing continuum between 1 and 4 Ryd. For an ionizing
spectrum fν ∝ να , case B recombination predicts He II λ4686/Hβ = 1.99 × 4α (Penston &
Fosbury 1978). The current observational limits of He II λ4686/Hβ ! 0.1 thus imply α ! − 2,
qualitatively consistent with the evidence from the SED studies.

Maoz (2007) has offered an alternative viewpoint to the one presented above. Using a sample
of 13 LINERs with variable UV nuclei, he argues that their SEDs do not differ appreciably from
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Protons in coronae & RIAFs are collisionless 
→ Non-thermal proton production

** electrons are collisional **



light [19]. We adopted the shearing box boundary condition
established by MHD simulations [20].
For the initial condition, a drifting Maxwellian velocity

distribution function was assumed in the local rotating
frame with angular velocityΩ0ðr0Þ. The drift velocity in the
y direction vyðxÞ was given by vyðxÞ ¼ rΩðrÞ − rΩ0ðr0Þ≃
−qΩ0ðr0Þx, and the radial velocity vx and the vertical
velocity vz were both zero. In order to save CPU time, we
set up the pair plasma, but the linear behavior of the MRI in
the pair plasma was the same as that of ion-electron
plasmas [19]. A nonrelativistic isotropic plasma pressure
with a high plasma β ¼ 8πðpþ þ p−Þ=B2

0 ¼ 1536 was
assumed, where the electron and positron gas pressures
were related to the thermal velocities vt% by
p% ¼ ð3=2Þm%nv2t%. The initial magnetic field was ori-
ented purely vertical to the accretion disk, i.e.,
~B ¼ ð0; 0; B0Þ. The ratio of the cyclotron frequency to
the disk angular velocity was fixed at Ωc%=Ω0 ¼ %10,
where Ωc% ¼ e%B0=m%c. The grid size Δ was set to
23=2ðvt%=Ωp%Þ, where Ωp% ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πne2=m%

p
is the pair

plasma frequency. The Alfvén velocity is defined as
VA ¼ B=

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πm%n

p
, so that the plasma β is equal to

3v2t%=V
2
A. The parameters used were ðVA=Ω0Þ=Δ ¼ 25,

ðvt%=Ωc%Þ=Δ ¼ 56.4, VA=c ¼ 6.25 × 10−3. Nx, Ny, and
Nz are the grid sizes in the x, y, and z directions,
respectively, and we assumed Nx ¼ Nz ¼ Nz ¼ 300 in

this Letter. Lx ¼ Ly ¼ Lz ¼ ðNxΔÞ=λ ¼ 1.91 is the physi-
cal size normalized by λ ¼ 2πVA=Ω0. The number of
particles per cell was set to Np=cell ¼ 40.
Figure 1 shows the time evolution of the magnetic field

lines (greenish lines) and the structure of the high-density
regions (sandwiched by the reddish curved planes). Color
contours in the background at Y ¼ 1.91 and X ¼ 1.91
show the angular velocity vy in the local rotating frame. In
the early stage at Torbit ¼ Ω0t=2π ¼ 0.31 in Fig. 1(a), the
magnetic field lines are parallel to the z axis, and the
Keplerian motion or differential motion of vy can be seen as
the color contour at Y ¼ 1.91, where the reddish (bluish)
region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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respectively, and we assumed Nx ¼ Nz ¼ Nz ¼ 300 in

this Letter. Lx ¼ Ly ¼ Lz ¼ ðNxΔÞ=λ ¼ 1.91 is the physi-
cal size normalized by λ ¼ 2πVA=Ω0. The number of
particles per cell was set to Np=cell ¼ 40.
Figure 1 shows the time evolution of the magnetic field

lines (greenish lines) and the structure of the high-density
regions (sandwiched by the reddish curved planes). Color
contours in the background at Y ¼ 1.91 and X ¼ 1.91
show the angular velocity vy in the local rotating frame. In
the early stage at Torbit ¼ Ω0t=2π ¼ 0.31 in Fig. 1(a), the
magnetic field lines are parallel to the z axis, and the
Keplerian motion or differential motion of vy can be seen as
the color contour at Y ¼ 1.91, where the reddish (bluish)
region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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Although the Lorentz contraction may also affect the length
scale that CRs travel, we ignore its effect for simplicity.

We note that the boundary condition for CRs described
above is different from that for the MHD simulations. The latter
use the Galilean transformation, since the fluid velocity is non-
relativistic, �G - 1 1. We cannot use the Galilean transfor-
mation as the boundary condition for CRs because the velocity
of CRs after the Galilean transformation could exceed the
speed of light, ¢ = + W ~ + W >v v L c L c1.5 1.5y y x xK K .

We set the time step as ( )D = D Dt t tmin ,gyro cell , where
( )D =t C E ceBpgyro safe ,0 max and D = Dt C x ccell safe . Note that

the velocities of CRs are always almost the speed of light
because we focus on the ultrarelativistic particles. We use the
maximum value of the magnetic field in the box Bmax to
estimate Dtgyro, and set =C 0.01safe .

3.2. Results

We show the results of the simulations and discuss the
evolution of the distribution function. The parameter sets are
tabulated in Table 2. The letters A, B, and C represent the
different times T of snapshot data, and we use the numbers 1, 2,
and 3 to distinguish between the initial energy �gyro. Group X
will be discussed in Section 4.2. We use = =N 2 32768p

15 CR
particles and calculate their orbits until half of CRs escape from
the system, the times of which are tabulated in Table 2 in units
of the initial gyro-period, p=t r c2gyro,0 gyro,0 . For all the
models, the CRs randomly gain or lose their energies through
interactions with turbulent fields, and diffuse in both the
configuration and momentum spaces.

3.2.1. Lab Frame, Box Frame, and Shear Frame

There are three frames for evaluating the positions and
momenta of CRs. One is the rest frame of the initial box where
the CRs are initially located (lab frame), another is the rest
frame of a box where each CR is located at the evaluation time
(box frame), and the other is the rest frame of the MHD fluid
element in the mean flow (i.e., the unperturbed flow) in each
box (shear frame).

Figure 3 shows the evolution of the energy of a CR in the
shear frame (thick solid line) and the box frame (dashed line).
When we measure the energy in the box frame, the CR energy
jumps due to the Lorentz transformation. In Figure 3, we can

see two jumps of energy at ~t t240 gyro,0 and ~t t243 gyro,0,
which coincide with the CR’s crossing the box boundary
(shown by the dotted lines) in the x direction. The CR position
is represented by the thin solid line. On the other hand, the
energy measured in the shear frame does not have such jumps
but smoothly evolves with time. Since the box boundaries are
not special surfaces in nature, we use the shear frame for
discussing the evolution of CR energy unless otherwise noted.
As mentioned above, we find that CRs randomly gain or lose

a small amount of energy through their interaction with
turbulent fields. A small fraction of CRs continuously gain
(lose) energies, so that they can reach several times higher
(lower) energies than their initial energies. Figure 4 shows the
long-term evolution of the energies of such CRs in the shear
frame. The most energetic CR at =t t400 gyro,0 has about six
times higher energy than the average value. This gradual
change of particle energy implies that there is no “hot spot,”
where CRs gain energy efficiently, in the MRI turbulence. Note
that the average energy, shown as the dotted line in Figure 4, is
gradually increasing. This is consistent with the quasi-linear
theory of stochastic acceleration (e.g., Stawarz &
Petrosian 2008).

Table 2
Model Parameters and Physical Quantities

Model T �gyro Cesc g0 tend
a dta Dx

b Dy
b Dz

b q D0
c A

A1 T20 rot 4 2 ´3.4 108 416 50 2.3 17 1.6 2.38 ´ -1.59 10 4 0.30
A2 T20 rot 1 2 ´8.5 107 5628 200 2.4 24 1.6 1.91 ´ -3.17 10 5 0.25
A3 T20 rot 8 2 ´6.8 108 94 40 2.0 16 2.0 2.79 ´ -5.38 10 4 0.25
B1 T15 rot 4 2 ´3.5 108 447 50 2.2 19 1.5 2.38 ´ -1.50 10 4 0.31
C1 T25 rot 4 2 ´3.7 108 438 50 2.2 17 1.6 2.46 ´ -1.45 10 4 0.28

X1 T20 rot 4 ¥ ´3.4 108 ¥ 200 3.1 19 2.0 0.969 ´ -5.83 10 5 0.54
X2 T20 rot 1 ¥ ´8.5 107 ¥ 200 2.5 20 1.5 1.31 ´ -2.88 10 5 0.46
X3 T20 rot 8 ¥ ´6.8 108 ¥ 200 3.5 21 3.0 0.654 ´ -6.44 10 5 0.58

Notes.
a In unit of tgyro,0.
b In unit of DBohm.
c In unit of Dp.

Figure 3. Evolution of the energy of a CR in the shear frame (thick solid line)
and the box frame (dashed line) for model A1. The thin solid and dotted lines
show the position x of the CR and the box boundary, respectively. The particle
energy jumps in the box frame, while it smoothly changes in the shear frame.
These jumps coincide with the CR’s crossing the box boundaries in the x
direction.
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Figure 3. Colormaps in the meridional plane for run A. Left: density on the φ = 0 plane. Center: magnetic energy density, B2/(8π ), on the φ = 0 plane. Right:
Azimuthally averaged Vφ , ⟨Vφ⟩L, on the R − φ plane. The white lines are iso-contours of ⟨Vφ⟩L.

Vbul, φ as the background velocity for analyses of the test-particle
simulations in Section 3.2.

Fig. 4 plots the colormaps of the density (upper) and the magnetic
energy (lower) on the equatorial plane. The magnetic fields are
frozen in the differentially rotating fluid elements that fall to the
BH. This creates the spiral structure as seen in the figure. We can
also see that the fluctuation of the density is much smaller than
that of the magnetic field energy density. This implies that the fast
modes are a sub-dominant component in the MRI turbulence.

To clarify the importance of the modes of the MHD waves (fast,
slow, and Alfven), we evaluate the Pearson correlation coefficients
between the fluctuations of the density, δρ(R, θ,φ) = ρ − ⟨ρ⟩L,
and the magnetic energy, δB2(R, θ, φ) = B2 − ⟨B2⟩L. According
to the linear MHD wave theory, the fast mode has a positive
correlation, the slow mode has a negative correlation, and the Alfven
mode has no correlation. We evaluate the correlation coefficients
as a function of R and θ , and average over them with weights
associated with the area in the meridional plane. The resulting
coefficients indicate that the density and magnetic energy are weakly
anticorrelated: the value of the coefficient is −0.22 in the disc
region (|cos θ ! 0.45|) for run A. The lower resolution runs have
higher coefficients, i.e. the anticorrelations are weaker, but no run
has a positive correlation. Therefore, the fast modes do not play
an important role in this system. This result is natural in the sub-
Alfvenic and sub-sonic turbulence.

Finally, we discuss the azimuthal power spectra of the turbulence
(cf. Sorathia et al. 2012; Suzuki & Inutsuka 2014; see Parkin &
Bicknell 2013 for three-dimensional power spectra). We take the
Fourier transformation in the azimuthal direction,

Xm = 1√
2π

!
X exp(−imφ)dφ, (13)

where m = kφR (kφ is the wavenumber in the φ direction). Then,
we take the average of the power spectrum over the disc region:

Pm =
"

|Xm|2RdRdθ"
RdRdθ

, (14)

where the integration region is set to be 0.1Rc ≤ R ≤ 0.6Rc and
|cos θ | ≤ 0.45. We plot the power spectra, mPm, for the magnetic

Figure 4. Colormaps in the equatorial plane for run A. The upper and lower
panels show the density and the magnetic energy density, respectively.
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD

Coronae in QSOs
Murase, SSK et al. 2019

Mahadevan et al. 1997; SSK et al. 2015
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Fig. 6.— テスト粒子のエネルギーの時間発展の様子 (model A1)。上
図：エネルギーが最大、2番目に大きい、最小の粒子のエネルギーの時間
進化。ランダムにエネルギーを増減させながら加速・減速していく。下
図：計算終盤のエネルギーが最大と 2番目の粒子の時間進化。time! 30
付近でこれらの粒子は指数関数的にエネルギーが増えている。

つの典型的な振る舞いを示す。太線が x座標、細線がエネ
ルギー、点線が Box境界を表す。上図では境界を横切る
ことなく粒子はエネルギーを増加させており、電磁場との
相互作用によりエネルギーを得ている。一方、下図では粒
子が境界を横切る度に階段的にエネルギーを増やしている
のが見て取れる。こちらはローレンツ変換のせいでエネル
ギーを増やしている。今回の実験では電磁場によるエネル
ギー増加が支配的であると考えられる (議論の項を参照)。

3.4. Evolution in momentum space

次に各方向の運動量の数スペクトル dN/dpi を図 8 示
す。点線が初期の数スペクトル、実践が計算終了時の数ス
ペクトルである。初期に等方な速度分布を持った粒子群は
計算終了時もほぼ等方のままである。計算途中もずっと等
方であり、時間とともに各方向の分散が同時に大きくなっ
ていく。
今回の実験で得られた分布関数の時間進化は、等方な運
動量空間の拡散方程式でよく記述される。

∂f

∂t
=

1

p2
∂

∂p

!
p2Dp

∂f

∂p

"
+ ḟinj (24)

これは一回の散乱でエネルギーの変化が少なく、多数回の
散乱を統計的に扱う見方が良い場合に有効な式である。こ
の方程式を Fokker-Planck Equation と呼ぶこともある。
ここで pは運動量の大きさであり、超相対論的を仮定して
p = γmc2という関係で表される。今回の実験では、初期
に同じエネルギーを持った粒子を用意した後は粒子の注入

Fig. 7.— エネルギーの増減と、粒子位置の x 座標 (model A1)。太
線が x座標、細線がエネルギー、点線が境界を表している。上図：境界
を横切らない時にエネルギーは緩やかに増減する。下図：境界を横切る
とシャープにエネルギーが増減する。

Fig. 8.— 各方向の運動量でみた数スペクトル (model A1)。粒子分
布は等方であり、時間とともに分散が増えている。

を行わないので、
ḟinj = Npδ(p− p0)δ(t) (25)

と表される。
分布関数が運動量空間で広がっていく様はこの式で記述
できそうなので、実験で得られる運動量空間の拡散係数
Dp を評価したい。拡散係数は

Dp = A⟨δp2⟩/δt (26)

の形で表されると考えられる。⟨δp2⟩ は時間が δt たった
ときの運動量変化の二乗平均であり、数係数を Aで表し

E’ > E0 E’< E0

＜〜〜〜
waveparticle

＜〜〜〜

waveparticle

E0 E0

E’
E’

e.g.) Fermi 1949, Stawarz & Petrosian 2008, SSK et al. 2015

According to quasi-linear theory,   
gyro-resonant scattering results in 
             Dp ∝ pq     (power-spectrum Pk = P0k-q)
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD
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turbulence. We compute steady state CR spectra by solv-
ing the following Fokker-Planck equation (e.g., [75–78]),

∂Fp

∂t
=

1

ε2p

∂

∂εp

!

ε2pDεp
∂Fp

∂εp
+

ε3p
tp−cool

Fp

"

− Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the CR distribution function, Dεp ≈ ε2p/tacc
is the diffusion coefficient in energy space, t−1

p−cool = t−1
pp +

t−1
pγ +t−1

BH+t−1
p−syn is the total cooling rate, t

−1
esc = t−1

fall+t−1
diff

is the escape rate, and Ḟp,inj is the injection function
(see Appendix [79]). The stochastic acceleration time is
given by tacc ≈ η(c/VA)

2(R/c)(εp/eBR)2−q, where VA

is the Alfvén velocity and η is the inverse of the turbu-
lence strength [80, 81]. We adopt q = 5/3, which is con-
sistent with the recent MHD simulations [56], together
with η = 10. Because the dissipation rate in the coronae
is expected to be proportional to LX , we assume that the
injection function linearly scales as LX . To explain the
ENB, the CR pressure required for LX = 1044 erg s−1

turns out to be ∼ 1% of the thermal pressure, which is
reasonable. We plot εpLεp ≡ 4π(ε4p/c

3)FpV(t−1
esc+t−1

p−cool)
in Fig. 2, where V is the volume.
While the CRs are accelerated, they interact with

matter and radiation modeled in the previous section,
and produce secondary particles. Following Ref. [82, 83],
we solve the kinetic equations taking into account elec-
tromagnetic cascades. In this work, secondary injections
by the Bethe-Heitler and pγ processes are approx-
imately treated as ε2e(dṄ

BH
e /dεe)|εe=(me/mp)εp ≈

t−1
BHε

2
p(dNCR/dεp), ε2e(dṄ

pγ
e /dεe)|εe=0.05εp ≈

(1/3)ε2ν(dṄ
pγ
ν /dεν)|εν=0.05εp ≈ (1/8)t−1

pγ ε
2
p(dNCR/dεp),

and ε2γ(dṄ
pγ
γ /dεγ)|εγ=0.1εp ≈ (1/2)t−1

pγ ε
2
p(dNCR/dεp).

The resulting cascade spectra are broad, being deter-
mined by synchrotron and inverse Compton emission.
In general, stochastic acceleration models naturally

predict reacceleration of secondary pairs populated by
cascades [84]. The critical energy of the pairs, εe,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te−cool.
We find that whether the secondary reacceleration oc-
curs or not is rather sensitive to B and tacc. For ex-
ample, with β = 3 and q = 1.5, the reaccelerated pairs
can upscatter x-ray photons up to ∼ (εe,cl/mec2)

2
εX ≃

3.4 MeV (εe,cl/30 MeV)2(εX/1 keV), which may form a
gamma-ray tail. However, if εe,cl <∼ 1 MeV (for β = 1
and q = 5/3), reacceleration is negligible, and small-scale
turbulence is more likely to be dissipated at high Tp [85].

IV. NEUTRINO BACKGROUND AND MEV
GAMMA-RAY CONNECTION

We calculate neutrino and gamma-ray spectra for dif-
ferent source luminosities, and obtain the EGB and ENB
through Eq. (31) of Ref. [91]. We use the x-ray luminos-
ity function dρX/dLX , given by Ref. [14], taking into
account a factor of 2 enhancement by Compton thick
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FIG. 3. EGB and ENB spectra in our RQ AGN core model.
The data are taken from Swift-BAT [86] (green), Nagoya bal-
loon [87] (blue), SMM [88] (purple), COMPTEL [89] (gray),
Fermi-LAT [90] (orange), and IceCube [5] for shower (black)
and upgoing muon track (blue shaded) events. A possible
contribution of reaccelerated pairs is indicated (thin solid).

AGNs. Results are shown in Fig. 3. Our RQ AGN core
model can explain the ENB at ∼ 30 TeV energies if the
CR pressure is ∼ 1% of the thermal pressure.
In the vicinity of SMBHs, high-energy neutrinos

are produced by both pp and pγ interactions. The
disk-corona model indicates τT ∼ 1 (see Table 1), which
leads to the effective pp optical depth fpp ≈ tesc/tpp ≈
np(κppσpp)R(c/Vfall) ∼ 2τT (αVK/4000 km s−1)

−1
. Note

that VK is a function ofM (and LX). X-ray photons from
coronae provide target photons for the photomeson pro-
duction, whose effective optical depth [8, 92] is fpγ [εp] ≈
tesc/tpγ ≈ ηpγ σ̂pγR(c/Vfall)nX(εp/ε̃pγ−X)ΓX−1 ∼
0.9LX,44R

−1
15 (αVK/4000 km s−1)

−1
(1 keV/εX)ηpγ(εp/ε̃pγ−X)ΓX−1,

where ηpγ ≈ 2/(1 + ΓX), σ̂pγ ∼ 0.7 × 10−28 cm2

is the attenuation cross section, ε̄∆ ∼ 0.3 GeV,
ε̃pγ−X = 0.5mpc2ε̄∆/εX ≃ 0.14 PeV (εX/1 keV)−1,
and nX ∼ LX/(4πR2cεX) is used. The total meson
production optical depth is given by fmes = fpγ + fpp,
which always exceeds unity in our model.
Importantly, ∼ 10− 100 TeV neutrinos originate from

CRs with ∼ 0.2− 2 PeV. Different from previous studies
explaining the IceCube data [93, 94], disk photons are
irrelevant for the photomeson production because its
threshold energy is ε̃pγ−th ≃ 3.4 PeV (εdisk/10 eV)−1.
However, CRs in the 0.1-1 PeV range should efficiently
interact with disk photons via the Bethe-Heitler pro-
cess because the characteristic energy is ε̃BH−disk =
0.5mpc2ε̄BH/εdisk ≃ 0.47 PeV (εdisk/10 eV)−1, where
ε̄BH ∼ 10(2mec2) ∼ 10 MeV [95, 96]. Approximating the
number of disk photons by ndisk ∼ Lbol/(4πR2cεdisk),
the Bethe-Heitler effective optical depth [97] is
estimated to be fBH ≈ ndiskσ̂BHR(c/Vfall) ∼
20Lbol,45.3R

−1
15 (αVK/4000 km s−1)

−1
(10 eV/εdisk),

5

TABLE II. Physical quantities of the RIAF in the nearby LLAGNs. The values of Lp and PCR/Pg are for models A/B/C.
Units are [cm] for R, [cm�3] for np, [G] for B, [MeV] for "�� , and [erg s�1] for Lp.

ID log ṁ logR log np logB log ⌧T ✓e log "�� logLp PCR/Pg

NGC [cm] [cm�3] [G] [MeV] [erg s�1] [%]
4565 -1.78 13.90 9.45 2.81 -0.83 1.09 2.78 41.23/41.05/41.74 10/6/37
3516 -1.55 14.54 9.04 2.61 -0.60 0.93 2.22 42.10/41.92/42.61 8/4/29
4258 -2.08 14.09 8.96 2.57 -1.13 1.39 3.50 41.11/40.94/41.63 12/8/44
3227 -1.62 13.90 9.61 2.89 -0.67 0.96 2.39 41.39/41.21/41.90 9/5/32
4138 -1.67 13.64 9.82 3.00 -0.72 0.99 2.51 41.08/40.90/41.59 9/6/34
3169 -2.13 14.63 8.37 2.27 -1.18 1.47 3.63 41.61/41.43/42.13 12/8/44
4579 -2.07 14.33 8.73 2.45 -1.12 1.39 3.48 41.37/41.19/41.89 12/8/43
3998 -2.68 15.70 6.75 1.46 -1.73 2.25 4.52 42.13/41.95/42.65 14/10/50
3718 -2.08 14.24 8.81 2.49 -1.13 1.39 3.50 41.27/41.09/41.79 12/8/43
4203 -2.48 14.36 8.29 2.23 -1.53 1.84 4.12 40.98/40.81/41.51 14/9/49
4486 -3.02 15.89 6.22 1.20 -2.07 2.74 5.56 41.97/41.80/42.50 15/10/52
3031 -2.89 14.29 7.95 2.06 -1.94 2.30 5.14 40.50/40.33/41.03 15/10/52
5866 -3.54 14.39 7.20 1.69 -2.59 2.85 5.89 39.96/39.82/40.58 16/12/66

TABLE III. Parameters in our models.

Common parameters
↵ � R bol/X ✏rad,sd
0.1 3.2 10 15 0.1

Model dependent parameters and quantities
Parameters ✏p ⇣ q sinj ⌘acc
Model A 3.0⇥10�3 7.5⇥10�3 1.666 - -
Model B 2.0⇥10�3 - - 1.0 1.0⇥ 106

Model C 0.010 - - 2.0 2.0⇥ 105

Ref. [105]):

Rcrit ' 35↵4/3
�1

ṁ
�2/3
�2

. (7)

As long as ṁ . ṁcrit with a fixed value of ↵ & 0.1,
the RIAF consists of collisionless plasma at R . 10RS .
Hence, one may naturally expect non-thermal particle
production there. On the other hand, another accretion
regime with a higher luminosity, such as the standard
disk [79] and the slim disk [141], are made up by colli-
sional plasma because the density and temperature there
are orders of magnitude higher and lower than that in
the RIAF, respectively. Therefore, particle acceleration
is not guaranteed due to the thermalization via Coulomb
collisions.

B. Stochastic acceleration model (A)

In the stochastic acceleration model, protons are ac-
celerated through scatterings with the MHD turbulence.
The proton spectrum is obtained by solving the di↵usion
equation in momentum space (e.g., Ref. [142, 143]):
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FIG. 2. Relationship between the observed X-ray luminos-
ity, LX,obs, and the X-ray luminosity obtained by the model
calculation, LX,calc. The green squares are LLAGNs with
ṁ > 10�3, while the blue circles are those with ṁ < 10�3.
The dotted line represents LX,obs = LX,calc, and cyan band
indicates LX,obs/1.7 < LX,calc < 1.7LX,obs, in which all the
green squares are located.

where Fp is the momentum distribution function
(dN/d"p = 4⇡p2Fp/c), D"p is the di↵usion coe�cient,
tcool is the cooling time, tesc is the escape time, and
Ḟp,inj is the injection term to the stochastic acceleration.
Considering resonant scatterings with Alfven waves, the
di↵usion coe�cient is represented as [144–146]

D"p ⇡ ⇣c

H

✓
VA

c

◆2 ⇣
rL

H

⌘q�2

"
2

p, (9)
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TABLE I. Parameters in our models.

Common parameters
↵ � R ⌘rad,sd log(MBH/M�) bol/X X/H↵

0.1 3.16 10 0.1 8.0 15.0 6.0
Model parameters

Parameters ⌘p ⇣ q sinj gacc
Model A 3.0⇥10�3 7.5⇥10�3 1.666 - -
Model B 2.0⇥10�3 - - 1.0 1.0⇥ 106

Model C 0.010 - - 2.0 2.0⇥ 105

In the RIAF, photons are mainly created by the ther-
mal electrons through synchrotron, bremsstrahlung, and
inverse Compton scattering. We calculate the photon
spectrum by the method given in Ref. [26]. The elec-
tron temperature is determined so that the resulting pho-
ton luminosity is equal to the bolometric luminosity es-
timated by ṁ. Assuming that Coulomb collisions are
the dominant heating process for the electrons, we write
relation between ṁ and bolometric luminosity, Lbol, as
Lbol ⇡ ⌘rad,sdṁcritLEdd(ṁ/ṁcrit)2,where ⌘rad ⇠ 0.1 is
the radiation e�ciency for the standard disk [41], and
ṁcrit is the critical mass accretion rate above which
the RIAF no longer exists [28, 42–44]. Here, we set
ṁ ⇡ 3↵2 ' 0.03↵2

�1
according to Ref. [43]. Note that

this treatment is di↵erent from Ref. [26] where Lbol / ṁ

is assumed. Such a treatment may be appropriate if the
electrons are directly heated by the plasma dissipation
process [45–47].

Observationally, the 2–10 keV X-ray luminosity is cor-
related with the bolometric luminosity [48–51]. The bolo-
metric correction factor, bol/X = Lbol/LX,obs, is con-
stant with values around 5 � 20 at the low-luminosity
end. In this paper, we set bol/X = 15 for simplicity. We
provide LX,obs as a primary parameter and convert it to
ṁ using bol/X and the relation between ṁ and Lbol.

For the parameter set in Table I, values of the physi-
cal quantities, including Thomson optical depth, ⌧T , and
electron temperature, ⇥e = kBTe/(mec

2), are given in
Table II, and we show the soft photon spectra in Fig-
ure 1 for various LX . The synchrotron emission gener-
ates a peaky feature in the radio band, and the inverse
Compton scattering e�ciently produces infrared to MeV
photons. Our model is roughly consistent with the X-ray
observations of LLAGNs (see the accompanying paper
for details).

Non-thermal particle spectra.— The protons can be ac-
celerated by magnetohydrodynamic (MHD) turbulence
and/or magnetic reconnection generated by the magne-
torotational instability (MRI; [52, 53]). Since particle
acceleration processes in RIAFs are not established, we
discuss three models here. In model A, we consider the
stochastic acceleration and solve the di↵usion equation

in momentum space [54]:
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(1)
where Fp is the momentum distribution function for
protons (dN/d"p = 4⇡p2Fp/c), D"p is the di↵usion
coe�cient, tcool is the cooling time for protons, tesc

is the escape time, and Ḟp,inj is the injection func-
tion. The di↵usion coe�cient can be written as D"p ⇡
⇣�

2

A(c/H)(rL/H)q�2
"
2

p, where �A = B/
p

4⇡mpc
2Np is

the Alfven velocity, H ⇡ R/2 is the scale height, rL =
"p/(eB) is the Larmor radius, ⇣ is the turbulent strength,
and q is the power-law index of the turbulence power
spectrum [55]. We set Ḟp,inj = Ḟ0�("p � "p,inj) with
"p,inj = 1.5mpc

2. Note that the value of "p,inj has no
influence on the resulting spectrum as long as the injec-
tion energy is much lower than the cuto↵ energy. Ḟ0 is
determined so that the condition

R
L"pd"p = ⌘pṁLEdd is

satisfied, where L"p = t
�1

loss
"pdN/d"p is the proton lumi-

nosity, ⌘p is the injection parameter and t
�1

loss
= t

�1

cool
+t

�1

esc

is the total loss rate. We use the Chang-Cooper method
to solve the di↵usion equation [56, 57].
In models B and C, we generalize the accelera-

tion process by a power-law injection term, Ṅ"p,inj =

Ṅ0("p/"p,cut)�sinj exp(�"p/"p,cut), where "cut is the cut-
o↵ energy and Ṅ0 is normalized by

R
"pṄ"p,injd"p =

⌘pṁLEdd. "cut is obtained by equating the infall time,
tfall ⇡ R/VR, and the acceleration time, tacc = gaccrL/c

(gacc is the acceleration parameter). We solve a trans-
port equation of protons that consists of cooling, escape,
and injection terms, which has an analytic steady state
solution [58]:

N"p =
tcool

"p

Z 1

"p

d"pṄ"p,inj exp (�G("p, "p)) , (2)

where G("1, "2) =
R "2
"1

(tcool/tesc)(d"0/"0).We numerically
integrate this solution using the Simpson’s rule with more
than 100 grid points per energy decade to accurately ob-
tain the spectrum.
For all the models, we consider the proton synchrotron,

Bethe-Heitler, photomeson and pp inelastic collision pro-
cesses as the proton cooling mechanism. The calculation
methods for the cooling timescales by these processes are
given in Ref. [59]. In terms of the escape process, we
ignore the di↵usive escape and set tesc ⇡ tfall, because
the high-energy protons tend to move in the azimuthal
direction due to the magnetic field configuration in RI-
AFs [37, 60]. The di↵usive escape time in the vertical
or radial direction can be much longer than the simple
estimate done in the previous literature [26, 55].
Figure 1 shows "pL"p and "

2

pṄ"p,inj for ṁ ⇠ 10�2

and ṁ ⇠ 10�3 with model parameters in Table I. In
Model A, the hard power-law spectrum is achieved by
stochastic acceleration. Although the acceleration time,

• Escape   : Diffusive escape & infall to SMBH
• Coolings: pp inelastic collision,  photomeson production  

              proton synchrotron, Bethe-Heitler process (p+γ→p+e++e-)
• Muon & Pion Coolings are negligibly inefficient
• HE γ-rays are absorbed by target photons (γ+γ → e++e-)   
→ electron & positron emit high-energy gamma-rays  
→ Calculate electromagnetic cascades

cf.) Dermer et al. 2012, SSK et al. 2015



Target Photon Field
• Luminous objects 
→ Rich observational data  
→ We can use empirical relation 
based on observations

• Opt-UV photons from accretion disk
• X-rays from hot coronae above thin 

disk
• Higher Lopt/Lx for higher Lx AGNs
• Softer spectra for higher Lx AGNs
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD

Pringle 1981, Ho 2008, Hopkins 2007
Bat AGN Spectroscopic Survey 2017, 2018,

 Mayers et al. 2018
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• Ep,max ~ 105 GeV by tacc = tBH

• BH suppresses ν production 
at Ep ~ 3x104 - 3x106 GeV

• Escape is inefficient

• Hard spectrum due to SA
• Pile up around Emax

• Higher Lx → lower Emax 
because of efficient cooling
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3
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is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given
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TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD

HE particles from  
Nearby Seyfert Galaxies

• A typical Seyfert at 100 Mpc
• pγ neutrinos are detectable 

by IceCube-Gen2
• MeV γ-rays can be detected 

by future satellites.
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• MeV γ-ray luminosity is determined by B-H pair production  
→ Ratio of γ to ν flux is fixed by the observed photon field 
→ We can robustly test our model by future experiments

4

in fact the disk photons are irrelevant for the pho-
tomeson production because its threshold energy is
"̃p��th ' 3.4 PeV ("disk/10 eV)�1. Rather, CRs protons
with ⇠ 0.1 � 1 PeV should e�ciently interact with
disk photons via the Bethe-Heitler process because the
characteristic energy is "̃BH�disk = 0.5mpc

2
"̄BH/"disk '

0.47 PeV ("disk/10 eV)�1, where "̄BH ⇠ 10(2mec
2) ⇠

10 MeV [97, 98]. Approximating the number of disk
photons by ndisk ⇠ 3Lbol/(4⇡r2c"disk) and using
�̂BH ⇠ 0.8 ⇥ 10�30 cm2, the e↵ective Bethe-Heitler
optical depth [99] becomes fBH ⇡ ndisk�̂BHr(c/Vfall) ⇠
60Lbol,45.3r

�1

15
(↵VK/4000 km s�1)

�1
(10 eV/"disk),

which is much larger than fp� . The dominance of the
Bethe-Heitler cooling is a direct consequence of the
observed disk-corona SEDs. The 10� 100 TeV neutrino
flux is suppressed by ⇠ fmes/fBH, which also predicts
the robust relationship with the MeV gamma-ray flux.

Analytically, the medium-energy ENB flux is given by

E
2

⌫�⌫ ⇠ 10�7 GeV cm�2 s�1 sr�1

✓
2K

1 +K

◆
R�1

p

✓
⇠z

3

◆

⇥
✓

20fmes

1 + fBH + fmes

◆✓
⇠CR,�1LX⇢X

3⇥ 1046 erg Mpc�3 yr�1

◆
. (1)

which is indeed consistent with the numerical results
shown in Fig. 3. Here K = 1 and K = 2 for p� and pp in-
teractions, respectively, ⇠z ⇠ 3 due to the redshift evolu-
tion of the AGN luminosity density [100], Rp is the con-
version factor from bolometric to di↵erential luminosi-
ties, and ⇠CR is the CR loading parameter defined against
the x-ray luminosity, where PCR/Pth ⇠ 0.01 corresponds
to ⇠CR ⇠ 0.1 in our model. The ENB and EGB are dom-
inated by AGNs with LX ⇠ 1044 erg s�1, for which the
local number density is ⇢X ⇠ 3⇥ 10�6 Mpc�3 [100].

The pp, p� and Bethe-Heitler processes all initiate cas-
cades, whose emission appears in the MeV range. Thanks
to the dominance of the Bethe-Heitler process, AGNs re-
sponsible for the medium-energy ENB should contribute
a large fraction >⇠ 10� 30% of the MeV EGB.

In general, stochastic acceleration may be accompa-
nied by the reacceleration of secondary pairs populated
by cascades [101], which can potentially enhance the MeV
gamma-ray flux. The critical energy of the pairs, "e,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te�cool

(see Supplementary Material). We find that the condi-
tion for the secondary reacceleration is rather sensitive
to B and tacc. For example, with � = 3 and q = 1.5, the
reaccelerated pairs can upscatter x-ray photons up to ⇠
("e,cl/mec

2)
2
"X ' 3.4 MeV ("e,cl/30 MeV)2("X/1 keV),

which may form a gamma-ray tail. Such a case is shown
in Fig. 3, for the purpose of demonstration, where a reac-
celeration e�ciency of 0.03% is assumed.

Multimessenger Tests.—For luminous Seyfert galaxies,
the fact that x rays come from thermal Comptonization
implies that the photon energy density is larger than
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FIG. 4. Point source fluxes of all flavor neutrinos and gamma
rays from a nearby AGN with a standard disk. A possible ef-
fect of secondary reacceleration is indicated (thin solid). For
eASTROGAM [102] and AMEGO [103] sensitivities, the ob-
servation time of 106 s is assumed. The IceCube eight-year
sensitivity [104] and the 5 times better case [105] are shown.

the magnetic field energy density. An explanation of
the 10 � 100 TeV neutrinos based on the present mech-
anism implies that secondary pairs are injected in the
100� 300 GeV range (see Fig. 4) and form a fast cooling
"
�2

e spectrum down to MeV energies in the steady state.
Thus, in the simple inverse Compton cascade scenario,
the cascade spectrum is extended up to a break energy
around MeV, above which gamma rays are suppressed
by �� ! e

+
e
�. In reality, both synchrotron and inverse

Compton processes can be important. The characteristic
frequency of synchrotron emission by Bethe-Heitler pairs
is "

BH

syn
⇠ 0.8 MeV B2.5("p/0.5 PeV)2 [87]. Because disk

photons lie in the ⇠ 1�10 eV range, the Klein-Nishina ef-
fect is moderately important for these pairs. Synchrotron
cascades become dominant if the photon energy density is

smaller than ⇠ 10B2
/(8⇡), i.e., B >⇠ 200 G L

1/2
bol,45.3R

�1

15
.

MeV gamma rays are produced in either a synchrotron
or an inverse Compton cascade scenario.

The detectability of nearby Seyferts such as NGC 1068
and ESO 138-G001 is crucial for testing the model (see
also Supplementary Material), which is challenging for
existing gamma-ray telescopes. However, it would be
feasible with future telescopes like eASTROGAM [102],
GRAMS [106], and AMEGO [103] (see Fig. 4). In par-
ticular, AMEGO’s di↵erential sensitivity suggests that
point sources with LX ⇠ 1044 erg s�1 are detectable
up to d ⇠ 50 Mpc. A few of the brightest sources
will be detected, and detections or nondetections of the
MeV gamma-ray counterparts will support or falsify our
corona model as the origin of ⇠ 30 TeV neutrinos. The
brightest Seyferts may be seen by IceCube-Gen2, and
stacking with x-ray bright AGNs is also promising.



Extragalactic γ & ν 
Backgrounds

• We choose the injection efficiency 
so that our model can explain  
the MESE excess. 

• Energetically reasonable:  
PCR/Pth ~ PCR/PB ~ 0.01

• Cascade emission provides 10 - 30 
% of MeV γ-ray background
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• AGNs with Lx ~1044 erg/s provide the dominant contribution 2

FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD

e.g., Ueda et al. 2014

actions reaches 1 at a smaller proton (and, hence, neu-
trino) energy due to the denser photon target, and as a
consequence the E!2

! behavior of the spectrum starts at a
lower energy than in the nominal AGN. Besides, since for
fixed black hole mass the pion synchrotron break energy
scales as L!1=2

X [see Eq. (22)], the flux starts to fall as E!4
!

at a lower energy than for the lower luminosity AGN.

B. Diffuse neutrino flux

The cumulative neutrino flux from all radio-quiet
AGNs in the Universe is obtained by convolution of the
observed point source neutrino flux with the luminosity
function, taking into account its cosmological evolution,

!diff
!;ob"E!;ob# $

1

4"

Z Lmax

Lmin

dLX

Z zmax

0
dz

dn0
dLX

f"z# dV
dz

!!;ob;

(36)

where dn0=dLX describes the present day x-ray lumi-
nosity function of the sources and f"z# is its cosmolog-
ical evolution. We have used the broken power-law
luminosity and evolution functions of Ref. [9] (model
I). In a Friedmann-Robertson-Walker universe the co-
moving volume element is dV=dz $ 4"D2

Lcjdt=dzj="1 %
z# and the derivative of the cosmic time t with re-
spect to redshift z is "dt=dz#!1 $ !H0"1 % z# &
!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!!

"1 % "mz#"1 % z#2 !"#"2z % z2#
p

, where we have
used a standard #CDM cosmology with "m $ 0:3 and
"# $ 0:7. The neutrino energy in the observer’s frame
and the source frame are related by E! $ E!;ob"1 % z#,

and the luminosity at the source is "1 % z#2 the luminosity
observed today. In the integration, we take into account
that the shape of the observed individual neutrino spec-
trum depends on the luminosity of the source as illus-
trated in Fig. 4.

We have performed the calculation of the diffuse flux
in two different ways. First, we assume that in all the
individual sources the same fraction of the Eddington
luminosity (#X $ 0:01) is converted to x rays, adjusting
the mass of the black hole in order to get the necessary x-
ray luminosity (variable MBH case). As an alternative
calculation, we assume the black hole has the same
mass in all sources (MBH $ 108M') and we vary the
efficiency of conversion of Eddington luminosity into x
rays, i.e., we vary #X, adjusting its value so that we get the
required LX (fixed MBH case).

In Fig. 5, we plot the diffuse !$ % $!$ flux as obtained
in both calculations. The contribution to the total neutrino
flux from radio-quiet AGNs in different luminosity bins
is shown. The less luminous AGNs, although more abun-
dant, do not contribute much to the total because the
neutrino flux scales with luminosity. The most luminous
sources, although powerful neutrino emitters, are less
abundant and contribute very little to the total flux.

In the case of fixed black hole mass (bottom panel), the
dimensions of the accretion disk and black hole region are
also fixed, and as luminosity increases the density of
protons and x rays increases linearly with LX. Proton
interactions with x rays start to become important at an
increasingly smaller energy as LX increases due to the
denser x-ray target. At the same time, the synchrotron
break occurs at an increasingly lower energy because the
magnetic field increases as L1=2

X [see Eq. (4)]. The two
effects are visible in Fig. 5.

In the case of variable MBH (top panel), an increase in
luminosity for a fixed accretion efficiency is accompanied
by an increase of the black hole mass, i.e., the accretion
disk and black hole region becomes larger, and the proton
and photon density actually decrease as M!1

BH. This has the
effect of decreasing the magnetic field intensity in the
source and, hence, the synchrotron break occurs at larger
energy as LX increases. However, the optical depth to p%
interactions stays the same as MBH increases and as a
consequence the proton energy at which it reaches 1, i.e.,
the energy at which the neutrino flux starts falling as E!2

! ,
stays the same. The two effects are again visible in the top
panel of Fig. 5.

Using Eq. (19), one sees that for low luminosity AGNs,
LX < 1041 erg s!1, &Xp% < 1 for all proton energies up to
Emax
p , and protons can escape from the sources contribut-

ing to the observed cosmic ray spectrum. As a conse-
quence, neutrinos produced in the blob-blob shocks in
low luminosity AGNs would in principle be affected by
the Waxman-Bahcall bound: E2

!dN!=dE! < "1– 4# &
10!8 GeV cm!2 s!1 [15]. However, the contribution of
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FIG. 4. Solid line: Neutrino flux reaching Earth for the
nominal radio-quiet quasar: MBH $ 108M', #X $ 0:01 (LX (
1044 erg s!1) and #UV $ 0:05 at a luminosity distance DL $
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duced in pp and p% interactions are shown in the figure.
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for technical details). The stochastic acceleration time is
given by tacc ⇡ ⌘(c/VA)

2(H/c)("p/eBH)2�q, where VA

is the Alfvén velocity and ⌘ is the inverse of the tur-
bulence strength [79, 80]. We consider q ⇠ 3/2 � 5/3,
which is consistent with the recent simulations [58], to-
gether with ⌘ = 10. The stochastic acceleration process
is known to be rather slow, competing with cooling and
escape processes. For luminous AGNs, the Bethe-Heitler
pair production (p� ! pe

+
e
�) is the most important

cooling process because of copious disk photons, which
determines the proton maximum energy (see also Sup-
plementary Material). For the model parameters given
in Table I, we find that the CR spectrum has a cuto↵ at
"p ⇠ 0.1�1 PeV, leading to a cuto↵ at "⌫ ⇠ 5�50 TeV in
the neutrino spectrum. Note that all the loss time scales
are uniquely evaluated in the disk-corona model, and this
result is only sensitive to ⌘ and q. Although CR spectra
that are known to be hard are numerically obtained in
this work, we stress that spectra of p� neutrinos are inde-
pendently predicted to be hard, because the photomeson
production occurs only for protons whose energies exceed
the pion production threshold [10, 78]. The CR pressure
to explain the ENB turns out to be ⇠ 1% of the thermal
pressure, by which the normalization of CRs is set.

For coronae considered here, the infall and dissipation
times are tfall ' 2.5⇥106 s RRS,15(↵VK/4000 km s�1)

�1

and tdiss ' 1.8⇥105 s RRS,15(VK/40000 km s�1)
�1

�
1/2,

respectively, where ↵ ⇠ 0.1 is the viscosity parame-
ter [64]. The Coulomb relaxation time for protons,

tC,pe ⇠ 7⇥105 sRRS,15(⌧T /0.5)
�1(kBTe/0.1 MeV)3/2, is

longer than tdiss, so turbulent acceleration is promising
for protons rather than electrons (although fast accel-
eration by small-scale reconnections may occur [81, 82]).
The situation is analogous to that in RIAFs (e.g., [78, 83–
85]; see also Supplementary Material). This justifies our
assumption on proton acceleration, although the above
time scales are not directly used in the calculations.

Connection between 10� 100 TeV Neutrinos and MeV
gamma rays.— Accelerated CR protons interact with
matter and radiation modeled in the previous section,
producing secondary particles. We compute neutrino
and gamma-ray spectra as a function of LX , by utilizing
the code to solve kinetic equations with electromagnetic
cascades taken into account [78, 86, 87]. Secondary
injections by the Bethe-Heitler and p� processes are
approximately treated as "

2

e(dṄ
BH

e /d"e)|"e=(me/mp)"p ⇡
t
�1

BH
"
2

p(dNCR/d"p), "
2

e(dṄ
p�
e /d"e)|"e=0.05"p ⇡

(1/3)"2⌫(dṄ
p�
⌫ /d"⌫)|"⌫=0.05"p ⇡ (1/8)t�1

p� "
2

p(dNCR/d"p),

and "
2

�(dṄ
p�
� /d"�)|"�=0.1"p ⇡ (1/2)t�1

p� "
2

p(dNCR/d"p).
The cascade photon spectra are broad, being determined
by the energy reprocessing via two-photon annihilation,
synchrotron and inverse Compton emissions.
The EGB and ENB are numerically calculated via the

line-of-sight integral with the convolution of the x-ray
luminosity function given by Ref. [16] (see also Supple-
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FIG. 3. EGB and ENB spectra in our AGN corona model.
The data are taken from Swift-BAT [88] (green), Nagoya
balloon [89] (blue), SMM [90] (purple), COMPTEL [91]
(gray), Fermi-LAT [92] (orange), and IceCube shower events
(black) [5] (consistent with the global fit [4]). A possible con-
tribution of reaccelerated pairs is indicated (red thin solid).

mentary Material), including a factor of 2 enhancement
by Compton thick AGNs. Note that the luminosity den-
sity of AGNs evolves as redshift z, with a peak around
z ⇠ 1� 2. The results are shown in Fig. 3, and our AGN
corona model can explain the ENB at ⇠ 30 TeV energies
with a steep spectrum at higher energies (due to di↵erent
proton maximum energies). The energetics requirement
is not demanding in our AGN corona model (see Table I).
Remarkably, we find that high-energy neutrinos

are produced by both pp and p� interactions. The
disk-corona model indicates ⌧T ⇠ 0.1 � 1 (see Table 1),
leading to the e↵ective pp optical depth fpp ⇡ tesc/tpp ⇡
np(pp�pp)r(c/Vfall) ⇠ 1(⌧T /0.5)(↵VK/4000 km s�1)

�1
,

where �pp ⇠ 4 ⇥ 10�26 cm2 is the pp cross section
and pp ⇠ 0.5 is the proton inelasticity. Note that
VK is a function of M (and LX). Coronal x rays
provide target photons for the photomeson production,
whose e↵ective optical depth [10, 94] is fp� ["p] ⇡
tesc/tp� ⇡ ⌘p� �̂p�r(c/Vfall)nX("p/"̃p��X)�X�1 ⇠
3LX,44r

�1

15
(↵VK/4000 km s�1)

�1
(1 keV/"X)⌘p�("p/"̃p��X)�X�1,

where ⌘p� ⇡ 2/(1 + �X), �̂p� ⇠ 0.7 ⇥ 10�28 cm2 is
the attenuation p� cross section, "̄� ⇠ 0.3 GeV,
"̃p��X = 0.5mpc

2
"̄�/"X ' 0.14 PeV ("X/1 keV)�1,

and nX ⇠ 3LX/(4⇡r2c"X) is used. The total meson
production optical depth is given by fmes = fp� + fpp,
which always exceeds unity in our model. Note that the
spectrum of p� neutrinos should be hard at low ener-
gies, because only su�ciently high-energy protons can
produce pions via p� interactions with x-ray photons.
Importantly, ⇠ 10 � 100 TeV neutrinos originate

from CRs with ⇠ 0.2 � 2 PeV. Unlike in previous
studies explaining the IceCube data [95, 96], here
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turbulence. We compute steady state CR spectra by solv-
ing the following Fokker-Planck equation (e.g., [75–78]),

∂Fp

∂t
=

1

ε2p

∂

∂εp

!

ε2pDεp
∂Fp

∂εp
+

ε3p
tp−cool

Fp

"

− Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the CR distribution function, Dεp ≈ ε2p/tacc
is the diffusion coefficient in energy space, t−1

p−cool = t−1
pp +

t−1
pγ +t−1

BH+t−1
p−syn is the total cooling rate, t

−1
esc = t−1

fall+t−1
diff

is the escape rate, and Ḟp,inj is the injection function
(see Appendix [79]). The stochastic acceleration time is
given by tacc ≈ η(c/VA)

2(R/c)(εp/eBR)2−q, where VA

is the Alfvén velocity and η is the inverse of the turbu-
lence strength [80, 81]. We adopt q = 5/3, which is con-
sistent with the recent MHD simulations [56], together
with η = 10. Because the dissipation rate in the coronae
is expected to be proportional to LX , we assume that the
injection function linearly scales as LX . To explain the
ENB, the CR pressure required for LX = 1044 erg s−1

turns out to be ∼ 1% of the thermal pressure, which is
reasonable. We plot εpLεp ≡ 4π(ε4p/c

3)FpV(t−1
esc+t−1

p−cool)
in Fig. 2, where V is the volume.
While the CRs are accelerated, they interact with

matter and radiation modeled in the previous section,
and produce secondary particles. Following Ref. [82, 83],
we solve the kinetic equations taking into account elec-
tromagnetic cascades. In this work, secondary injections
by the Bethe-Heitler and pγ processes are approx-
imately treated as ε2e(dṄ

BH
e /dεe)|εe=(me/mp)εp ≈

t−1
BHε

2
p(dNCR/dεp), ε2e(dṄ

pγ
e /dεe)|εe=0.05εp ≈

(1/3)ε2ν(dṄ
pγ
ν /dεν)|εν=0.05εp ≈ (1/8)t−1

pγ ε
2
p(dNCR/dεp),

and ε2γ(dṄ
pγ
γ /dεγ)|εγ=0.1εp ≈ (1/2)t−1

pγ ε
2
p(dNCR/dεp).

The resulting cascade spectra are broad, being deter-
mined by synchrotron and inverse Compton emission.
In general, stochastic acceleration models naturally

predict reacceleration of secondary pairs populated by
cascades [84]. The critical energy of the pairs, εe,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te−cool.
We find that whether the secondary reacceleration oc-
curs or not is rather sensitive to B and tacc. For ex-
ample, with β = 3 and q = 1.5, the reaccelerated pairs
can upscatter x-ray photons up to ∼ (εe,cl/mec2)

2
εX ≃

3.4 MeV (εe,cl/30 MeV)2(εX/1 keV), which may form a
gamma-ray tail. However, if εe,cl <∼ 1 MeV (for β = 1
and q = 5/3), reacceleration is negligible, and small-scale
turbulence is more likely to be dissipated at high Tp [85].

IV. NEUTRINO BACKGROUND AND MEV
GAMMA-RAY CONNECTION

We calculate neutrino and gamma-ray spectra for dif-
ferent source luminosities, and obtain the EGB and ENB
through Eq. (31) of Ref. [91]. We use the x-ray luminos-
ity function dρX/dLX , given by Ref. [14], taking into
account a factor of 2 enhancement by Compton thick
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FIG. 3. EGB and ENB spectra in our RQ AGN core model.
The data are taken from Swift-BAT [86] (green), Nagoya bal-
loon [87] (blue), SMM [88] (purple), COMPTEL [89] (gray),
Fermi-LAT [90] (orange), and IceCube [5] for shower (black)
and upgoing muon track (blue shaded) events. A possible
contribution of reaccelerated pairs is indicated (thin solid).

AGNs. Results are shown in Fig. 3. Our RQ AGN core
model can explain the ENB at ∼ 30 TeV energies if the
CR pressure is ∼ 1% of the thermal pressure.
In the vicinity of SMBHs, high-energy neutrinos

are produced by both pp and pγ interactions. The
disk-corona model indicates τT ∼ 1 (see Table 1), which
leads to the effective pp optical depth fpp ≈ tesc/tpp ≈
np(κppσpp)R(c/Vfall) ∼ 2τT (αVK/4000 km s−1)

−1
. Note

that VK is a function ofM (and LX). X-ray photons from
coronae provide target photons for the photomeson pro-
duction, whose effective optical depth [8, 92] is fpγ [εp] ≈
tesc/tpγ ≈ ηpγ σ̂pγR(c/Vfall)nX(εp/ε̃pγ−X)ΓX−1 ∼
0.9LX,44R

−1
15 (αVK/4000 km s−1)

−1
(1 keV/εX)ηpγ(εp/ε̃pγ−X)ΓX−1,

where ηpγ ≈ 2/(1 + ΓX), σ̂pγ ∼ 0.7 × 10−28 cm2

is the attenuation cross section, ε̄∆ ∼ 0.3 GeV,
ε̃pγ−X = 0.5mpc2ε̄∆/εX ≃ 0.14 PeV (εX/1 keV)−1,
and nX ∼ LX/(4πR2cεX) is used. The total meson
production optical depth is given by fmes = fpγ + fpp,
which always exceeds unity in our model.
Importantly, ∼ 10− 100 TeV neutrinos originate from

CRs with ∼ 0.2− 2 PeV. Different from previous studies
explaining the IceCube data [93, 94], disk photons are
irrelevant for the photomeson production because its
threshold energy is ε̃pγ−th ≃ 3.4 PeV (εdisk/10 eV)−1.
However, CRs in the 0.1-1 PeV range should efficiently
interact with disk photons via the Bethe-Heitler pro-
cess because the characteristic energy is ε̃BH−disk =
0.5mpc2ε̄BH/εdisk ≃ 0.47 PeV (εdisk/10 eV)−1, where
ε̄BH ∼ 10(2mec2) ∼ 10 MeV [95, 96]. Approximating the
number of disk photons by ndisk ∼ Lbol/(4πR2cεdisk),
the Bethe-Heitler effective optical depth [97] is
estimated to be fBH ≈ ndiskσ̂BHR(c/Vfall) ∼
20Lbol,45.3R

−1
15 (αVK/4000 km s−1)

−1
(10 eV/εdisk),

5

TABLE II. Physical quantities of the RIAF in the nearby LLAGNs. The values of Lp and PCR/Pg are for models A/B/C.
Units are [cm] for R, [cm�3] for np, [G] for B, [MeV] for "�� , and [erg s�1] for Lp.

ID log ṁ logR log np logB log ⌧T ✓e log "�� logLp PCR/Pg

NGC [cm] [cm�3] [G] [MeV] [erg s�1] [%]
4565 -1.78 13.90 9.45 2.81 -0.83 1.09 2.78 41.23/41.05/41.74 10/6/37
3516 -1.55 14.54 9.04 2.61 -0.60 0.93 2.22 42.10/41.92/42.61 8/4/29
4258 -2.08 14.09 8.96 2.57 -1.13 1.39 3.50 41.11/40.94/41.63 12/8/44
3227 -1.62 13.90 9.61 2.89 -0.67 0.96 2.39 41.39/41.21/41.90 9/5/32
4138 -1.67 13.64 9.82 3.00 -0.72 0.99 2.51 41.08/40.90/41.59 9/6/34
3169 -2.13 14.63 8.37 2.27 -1.18 1.47 3.63 41.61/41.43/42.13 12/8/44
4579 -2.07 14.33 8.73 2.45 -1.12 1.39 3.48 41.37/41.19/41.89 12/8/43
3998 -2.68 15.70 6.75 1.46 -1.73 2.25 4.52 42.13/41.95/42.65 14/10/50
3718 -2.08 14.24 8.81 2.49 -1.13 1.39 3.50 41.27/41.09/41.79 12/8/43
4203 -2.48 14.36 8.29 2.23 -1.53 1.84 4.12 40.98/40.81/41.51 14/9/49
4486 -3.02 15.89 6.22 1.20 -2.07 2.74 5.56 41.97/41.80/42.50 15/10/52
3031 -2.89 14.29 7.95 2.06 -1.94 2.30 5.14 40.50/40.33/41.03 15/10/52
5866 -3.54 14.39 7.20 1.69 -2.59 2.85 5.89 39.96/39.82/40.58 16/12/66

TABLE III. Parameters in our models.

Common parameters
↵ � R bol/X ✏rad,sd
0.1 3.2 10 15 0.1

Model dependent parameters and quantities
Parameters ✏p ⇣ q sinj ⌘acc
Model A 3.0⇥10�3 7.5⇥10�3 1.666 - -
Model B 2.0⇥10�3 - - 1.0 1.0⇥ 106

Model C 0.010 - - 2.0 2.0⇥ 105

Ref. [105]):

Rcrit ' 35↵4/3
�1

ṁ
�2/3
�2

. (7)

As long as ṁ . ṁcrit with a fixed value of ↵ & 0.1,
the RIAF consists of collisionless plasma at R . 10RS .
Hence, one may naturally expect non-thermal particle
production there. On the other hand, another accretion
regime with a higher luminosity, such as the standard
disk [79] and the slim disk [141], are made up by colli-
sional plasma because the density and temperature there
are orders of magnitude higher and lower than that in
the RIAF, respectively. Therefore, particle acceleration
is not guaranteed due to the thermalization via Coulomb
collisions.

B. Stochastic acceleration model (A)

In the stochastic acceleration model, protons are ac-
celerated through scatterings with the MHD turbulence.
The proton spectrum is obtained by solving the di↵usion
equation in momentum space (e.g., Ref. [142, 143]):

@Fp

@t
=

1

"2p

@

@"p

 
"
2

pD"p
@Fp

@"p
+

"
3

p

tcool
Fp

!
� Fp

tesc
+ Ḟp,inj,

(8)

FIG. 2. Relationship between the observed X-ray luminos-
ity, LX,obs, and the X-ray luminosity obtained by the model
calculation, LX,calc. The green squares are LLAGNs with
ṁ > 10�3, while the blue circles are those with ṁ < 10�3.
The dotted line represents LX,obs = LX,calc, and cyan band
indicates LX,obs/1.7 < LX,calc < 1.7LX,obs, in which all the
green squares are located.

where Fp is the momentum distribution function
(dN/d"p = 4⇡p2Fp/c), D"p is the di↵usion coe�cient,
tcool is the cooling time, tesc is the escape time, and
Ḟp,inj is the injection term to the stochastic acceleration.
Considering resonant scatterings with Alfven waves, the
di↵usion coe�cient is represented as [144–146]

D"p ⇡ ⇣c

H

✓
VA

c

◆2 ⇣
rL

H

⌘q�2

"
2

p, (9)
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TABLE I. Parameters in our models.

Common parameters
↵ � R ⌘rad,sd log(MBH/M�) bol/X X/H↵

0.1 3.16 10 0.1 8.0 15.0 6.0
Model parameters

Parameters ⌘p ⇣ q sinj gacc
Model A 3.0⇥10�3 7.5⇥10�3 1.666 - -
Model B 2.0⇥10�3 - - 1.0 1.0⇥ 106

Model C 0.010 - - 2.0 2.0⇥ 105

In the RIAF, photons are mainly created by the ther-
mal electrons through synchrotron, bremsstrahlung, and
inverse Compton scattering. We calculate the photon
spectrum by the method given in Ref. [26]. The elec-
tron temperature is determined so that the resulting pho-
ton luminosity is equal to the bolometric luminosity es-
timated by ṁ. Assuming that Coulomb collisions are
the dominant heating process for the electrons, we write
relation between ṁ and bolometric luminosity, Lbol, as
Lbol ⇡ ⌘rad,sdṁcritLEdd(ṁ/ṁcrit)2,where ⌘rad ⇠ 0.1 is
the radiation e�ciency for the standard disk [41], and
ṁcrit is the critical mass accretion rate above which
the RIAF no longer exists [28, 42–44]. Here, we set
ṁ ⇡ 3↵2 ' 0.03↵2

�1
according to Ref. [43]. Note that

this treatment is di↵erent from Ref. [26] where Lbol / ṁ

is assumed. Such a treatment may be appropriate if the
electrons are directly heated by the plasma dissipation
process [45–47].

Observationally, the 2–10 keV X-ray luminosity is cor-
related with the bolometric luminosity [48–51]. The bolo-
metric correction factor, bol/X = Lbol/LX,obs, is con-
stant with values around 5 � 20 at the low-luminosity
end. In this paper, we set bol/X = 15 for simplicity. We
provide LX,obs as a primary parameter and convert it to
ṁ using bol/X and the relation between ṁ and Lbol.

For the parameter set in Table I, values of the physi-
cal quantities, including Thomson optical depth, ⌧T , and
electron temperature, ⇥e = kBTe/(mec

2), are given in
Table II, and we show the soft photon spectra in Fig-
ure 1 for various LX . The synchrotron emission gener-
ates a peaky feature in the radio band, and the inverse
Compton scattering e�ciently produces infrared to MeV
photons. Our model is roughly consistent with the X-ray
observations of LLAGNs (see the accompanying paper
for details).

Non-thermal particle spectra.— The protons can be ac-
celerated by magnetohydrodynamic (MHD) turbulence
and/or magnetic reconnection generated by the magne-
torotational instability (MRI; [52, 53]). Since particle
acceleration processes in RIAFs are not established, we
discuss three models here. In model A, we consider the
stochastic acceleration and solve the di↵usion equation

in momentum space [54]:

@Fp

@t
=

1

"2p

@

@"p

 
"
2

pD"p
@Fp

@"p
+

"
3

p

tcool
Fp

!
� Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the momentum distribution function for
protons (dN/d"p = 4⇡p2Fp/c), D"p is the di↵usion
coe�cient, tcool is the cooling time for protons, tesc

is the escape time, and Ḟp,inj is the injection func-
tion. The di↵usion coe�cient can be written as D"p ⇡
⇣�

2

A(c/H)(rL/H)q�2
"
2

p, where �A = B/
p

4⇡mpc
2Np is

the Alfven velocity, H ⇡ R/2 is the scale height, rL =
"p/(eB) is the Larmor radius, ⇣ is the turbulent strength,
and q is the power-law index of the turbulence power
spectrum [55]. We set Ḟp,inj = Ḟ0�("p � "p,inj) with
"p,inj = 1.5mpc

2. Note that the value of "p,inj has no
influence on the resulting spectrum as long as the injec-
tion energy is much lower than the cuto↵ energy. Ḟ0 is
determined so that the condition

R
L"pd"p = ⌘pṁLEdd is

satisfied, where L"p = t
�1

loss
"pdN/d"p is the proton lumi-

nosity, ⌘p is the injection parameter and t
�1

loss
= t

�1

cool
+t

�1

esc

is the total loss rate. We use the Chang-Cooper method
to solve the di↵usion equation [56, 57].
In models B and C, we generalize the accelera-

tion process by a power-law injection term, Ṅ"p,inj =

Ṅ0("p/"p,cut)�sinj exp(�"p/"p,cut), where "cut is the cut-
o↵ energy and Ṅ0 is normalized by

R
"pṄ"p,injd"p =

⌘pṁLEdd. "cut is obtained by equating the infall time,
tfall ⇡ R/VR, and the acceleration time, tacc = gaccrL/c

(gacc is the acceleration parameter). We solve a trans-
port equation of protons that consists of cooling, escape,
and injection terms, which has an analytic steady state
solution [58]:

N"p =
tcool

"p

Z 1

"p

d"pṄ"p,inj exp (�G("p, "p)) , (2)

where G("1, "2) =
R "2
"1

(tcool/tesc)(d"0/"0).We numerically
integrate this solution using the Simpson’s rule with more
than 100 grid points per energy decade to accurately ob-
tain the spectrum.
For all the models, we consider the proton synchrotron,

Bethe-Heitler, photomeson and pp inelastic collision pro-
cesses as the proton cooling mechanism. The calculation
methods for the cooling timescales by these processes are
given in Ref. [59]. In terms of the escape process, we
ignore the di↵usive escape and set tesc ⇡ tfall, because
the high-energy protons tend to move in the azimuthal
direction due to the magnetic field configuration in RI-
AFs [37, 60]. The di↵usive escape time in the vertical
or radial direction can be much longer than the simple
estimate done in the previous literature [26, 55].
Figure 1 shows "pL"p and "

2

pṄ"p,inj for ṁ ⇠ 10�2

and ṁ ⇠ 10�3 with model parameters in Table I. In
Model A, the hard power-law spectrum is achieved by
stochastic acceleration. Although the acceleration time,

• Power-law Injection (PL)  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FIG. 3. Spectral energy distributions of gamma-ray (dashed by thermal electrons; dotted by hadronic cascade), neutrino (solid),
and proton (dot-dashed) fluxes for Model A (stochastic acceleration; left panel), Model B (power-law injection with sinj = 1.0;
middle), and Model C (power-law injection with sinj = 2.0; right), respectively. The upper, middle, and lower panels are for
NGC 3516, NGC 4258, and NGC 3031, respectively. The thin-dot-dashed lines in middle and right column depict the injection
spectrum of the protons. The thin-solid lines are the p� neutrino flux. For NGC 3031, the p� neutrino flux is below the lower
end of the figure.

where rL = "p/(eB) is the Larmor radius, ⇣ ⇡
8⇡

R
Pkdk/B

2 is the turbulent strength parameter, and q

is the power-law index of the turbulence power spectrum.
The acceleration time is given by tacc ⇡ "

2

p/D"p . We use

a delta function injection: Ḟp,inj = Ḟ0�("p� "inj), where
Ḟ0 is normalization factor. We normalize the luminosity
of the non-thermal protons so that the proton luminosity
is a constant fraction of the accretion luminosity:

Z
L"pd"p = ✏pṁLEdd, (10)

where L"p = "pdN/d"pt
�1

loss
is the di↵erential proton lu-

minosity (t�1

loss
= t

�1

cool
+ t

�1

esc
is the total loss rate) and

✏p is the non-thermal proton production e�ciency. We
use the Chang & Cooper method to solve the equation
[147, 148], and calculate the time evolution until steady

state is achieved. Note that the normalization is di↵er-
ent from that used in Ref. [87], where we normalize the
injection such that Ḟ0 = finjLX,obs/(4⇡2

"
3

inj
R

3). Here,
finj is the e�ciency of the injection to the stochastic ac-
celeration, and finj needs to be much smaller than ✏p.

C. Power-law injection models (B and C)

For models B and C, we consider a generic accelera-
tion mechanism, and the steady-state proton spectrum,
N"p = dN/d"p, is obtained by solving the transport equa-
tion:

d

d"p

✓
� "p

tcool
N"p

◆
= Ṅ"p,inj �

N"p

tesc
, (11)
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where Ṅ"p,inj is the injection function. We consider a
power-law injection with an exponential cuto↵:

Ṅ"p,inj = Ṅ0

✓
"p

"p,cut

◆�sinj

exp

✓
� "p

"p,cut

◆
, (12)

where Ṅ0 is the normalization factor, sinj is the injec-
tion spectral index, and "p,cut is the cuto↵ energy. We
normalize the injection by

Z
"pṄ"p,injd"p = ✏pṁLEdd. (13)

We can get an analytic solution of the transport equation
(cf., [149]):

N"p =
tcool

"p

Z 1

"p

d"
0
pṄp,inj("

0
p) exp

�
�G("p, "

0
p)
�
, (14)

G("1, "2) =

Z "2

"1

tcool

tesc

d"
0
p

"0p
. (15)

This solution includes exponential term, so we need to
carefully treat the numerical integration. In the rest of
this paper, we show the results using the Simpson’s rule
and 115 grid points per energy decade. We computed the
numerical integration with the trapezoidal rule and/or
with 50-200 grid points per decade, and confirmed that
the error is reduced to less than 30% using Simpson’s rule
with 100 grid points per energy decade.

The maximum achievable energy of protons are deter-
mined by the balance between acceleration and loss. We
phenomenologically write the acceleration time as

tacc ⇡ ⌘acc
rL

c
(16)

where ⌘acc is a parameter for the acceleration timescale.
Since the infall is the most e�cient loss process for ma-
jority of the LLAGNs, we estimate the cuto↵ energy by
tacc = tfall. This treatment approximates the cuto↵ en-
ergy within an error of a factor of a few.

D. Escape and cooling timescales

High-energy protons escape from the RIAF via advec-
tion or di↵usion. The advective escape time is equals
to infall time given by Equation (6). The di↵usive es-
cape time depends on the magnetic field configuration.
According to MHD simulations, the magnetic fields in
RIAFs are stretched to the azimuthal direction. The
non-thermal protons’ mean free path perpendicular to
the magnetic field is much shorter than that along the
field line (e.g., [99, 133]). In the turbulence with a power
spectrum of Pk / k

�q, the parallel mean free path and
the perpendicular di↵usion coe�cient are estimated to

be (e.g., Refs. [145, 146, 150, 151])

�k ⇡ rL

3⇣

✓
H

rL

◆q�1

, (17)

D? ⇡
Dk

1 +
�
�k/rL

�2 . (18)

The Larmor radius in the RIAF is estimated to be

rL ' 1.3⇥ 1010"p,15R�5/4
1

↵
�1/2
�1

M
�1/2
8

ṁ
1/2
�2

�
�1/2
0.5 cm,

(19)
with our fiducial parameter set (see Table III) and "p,15 =
"p/PeV. Then, we obtain �k/rL ' 2.3 ⇥ 104, leading to
D?/Dk ' 1.9⇥ 10�9. Hence, we ignore the di↵usive es-
cape process in this paper, i.e., we use tesc = tfall. The
value of D? could be larger due to possible cross-field dif-
fusion. To understand the behavior of high-energy pro-
tons in configuration space, much more elaborate calcu-
lations would be required, which are beyond the scope of
this paper (see Ref. [99] for related discussion).
As the proton cooling processes, we take into account

pp inelastic collisions, photomeson production, proton
synchrotron, and Bethe-Heitler process. The pp cooling
rate is

t
�1

pp
⇡ np�ppcpp, (20)

where �pp and pp are the cross section and inelastic-
ity for pp interaction, respectively. The �pp is given in
Ref. [152], and pp is set to be 0.5. The photomeson
production rate is

t
�1

p� =
c

2�2
p

Z 1

"th

d"��p�p�"�

Z 1

"�/(2�p)

d"�"
�2

�
dn�

d"�
, (21)

where �p = "p/(mpc
2), "p,th ' 145 MeV is the threshold

energy for the photomeson production, "� is the photon
energy in the proton rest frame, and �p� and p� are
the cross section and inelasticity for photomeson produc-
tion, respectively. We use the fitting formulae based on
GEANT4 for �p� and p� (see Ref. [11]). The Bethe-
Heitler cooling rate is also estimated by Equation (21)
using �BH and BH instead of �p� and p� , respectively.
We use fitting formulae given in Refs. [153] and [154] for
�BH and BH, respectively. The synchrotron cooling rate
is estimated to be

t
�1

syn
=

�p�TB
2

6⇡mpc

✓
me

mp

◆2

. (22)

The total cooling rate is given by the sum of the all cool-
ing rates.
Figure 4 shows the loss and acceleration rates as a

function of proton energy for NGC 3516, NGC 4258, and
NGC3031, which have ṁ ⇠ 0.9ṁcr, ṁ ⇠ 0.3ṁcr, and
ṁ ⇠ 0.04ṁcr respectively. For NGC 3516, tfall and tpp are
comparable in all the energy range. The photomeson pro-
duction is e↵ective above "p & 30 PeV. The synchrotron
and Bethe-Heitler losses are always subdominant in the

• Escape   : Infall to SMBH
• Coolings: pp inelastic collision,  photomeson production  

              proton synchrotron, Bethe-Heitler process (p+γ→p+e++e-)
• Muon & Pion Coolings are negligibly inefficient
• HE γ-rays are absorbed by target photons (γ+γ → e++e-)   
→ electron & positron emit high-energy gamma-rays  
→ Calculate electro-magnetic cascades



29

Synchrotron

Inverse 
Compton

Low accretion rate

High accretion rate

• Low-luminosity → Poor observational data  
→ Formulation based on theory

• Thermal electrons in RIAFs emit seed photons
• Our results are consistent with X-ray observations

2

sion with the gamma-ray background is unavoidable, sug-
gesting that the main sources are opaque and hidden in
high-energy gamma rays [55]. This argument disfavors
many astrophysical scenarios as the origin of these neu-
trinos, including starburst galaxies [51, 56–64], galaxy
clusters [51, 65–69], and radio-galaxies [70, 71].

We consider high-energy neutrino emission from the
vicinity of supermassive black holes (SMBHs) in active
galactic nuclei (AGNs) [72–78]. A luminous AGN hosts
a geometrically thin, optically thick accretion disk that
produces copious UV photons [79–81], and the ratio of
the observed UV to X-ray luminosity is very high [82–
84]. Such target photon fields lead to a hard neutrino
spectrum at PeV energies [85, 86]. The accretion shock
has been considered, but the existence of such a shock
has not been supported by numerical simulations so far.
On the other hand, recent studies on magnetorotational
instabilities suggest that particle acceleration via mag-
netic reconnections and turbulence is promising in AGN
coronae, and Ref. [87] showed that the mysterious 10 –
100 TeV component in the di↵use neutrino flux can be ex-
plained by the AGN core model of radio-quiet AGNs. It
was found that the Bethe-Heitler process is critically im-
portant, which led to robust predictions of MeV gamma
rays via proton-induced cascades.

Low-luminosity AGNs (LLAGNs), however, have dif-
ferent spectral energy distributions, in which an UV
bump is absent [88]. This indicates that there is an op-
tically thin, hot accretion flow instead of an optically
thick disk. Remarkably, plasma properties of hot AGN
coronae and radiatively ine�cient accretion flows (RIAF;
[89, 90]) in LLAGNs seem similar in the sense that the
plasmas are expected to be collisionless for ions. It is
natural to consider the same type of proton acceleration
in both Seyfert galaxies and LLAGNs. Ref. [91] consid-
ered the stochastic acceleration expected in such RIAFs
of LLAGNs, and showed that the neutrinos produced by
the accelerated protons can account for the di↵use astro-
physical neutrino background (see also [92, 93] for neu-
trino emissions from LLAGNs). The LLAGN model can
avoid the gamma-ray and the point-source constraints,
thanks to its compact emission region and high number
density, although Ref. [91] did not provide details of the
resulting gamma-ray spectra.

In this paper, we describe a refined LLAGNmodel, and
show how multi-messenger information on neutrinos and
gamma rays can be used as a test of the proposed LLAGN
model. We estimate the physical quantities in the RIAFs
of several nearby LLAGNs including the photons from
the thermal electrons in Section II. We then estimate the
high-energy proton spectra in Section III, and calculate
the high-energy neutrino spectra and their detectability
in Section IV. We calculate the gamma rays from proton-
induced electromagnetic cascades in Section V. Finally,
we summarize the results and discuss their implications
in Section VI. We note that our refined model can re-
produce the di↵use MeV gamma-ray and the TeV – PeV
neutrino backgrounds simultaneously without overshoot-

ing the Fermi data, which is shown in an accompanying
paper. In this paper, we focus on the detection prospects
of individual nearby LLAGNs.

II. PHYSICAL QUANTITIES IN RIAFS

We consider a RIAF of size R and mass accretion
rate Ṁ around a SMBH of mass MBH. We use the no-
tation Qx = 10x in cgs units, unless otherwise noted.
To represent the physical quantities in the RIAF, it is
convenient to normalize R by the Schwarzschild radius:
R = RRS ' 2.95 ⇥ 1014R1M8, where RS = 2GMBH/c

2

is the Schwarzschild radius, G is the gravitational con-
stant, and c is the speed of light. The mass accre-
tion rate is normalized by the Eddington accretion rate:
ṁ = Ṁc

2
/LEdd, where LEdd ' 1.3 ⇥ 1046M8 erg s�1 is

the Eddington luminosity.
According to recent magnetohydrodynamic (MHD)

simulations (see e.g., [94–99]), the radial velocity, the
sound velocity, the scale height, the number density, the
magnetic field, and the Alfven velocity in the RIAF are
estimated to be

VR⇡
1

2
↵VK ' 3.4⇥ 108R�1/2

1
↵�1 cm s�1

Cs⇡
1

2
VK ' 3.4⇥ 109R�1/2

1
cm s�1

H ⇡ 1

2
R ' 1.5⇥ 1014R1M8 cm

np⇡
Ṁ

4⇡mpRHVR
' 4.6⇥ 108R�3/2

1
↵
�1

�1
M

�1

8
ṁ�2 cm�3

B ⇡

s
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�
' 2.6⇥ 102R�5/4

1
↵
�1/2
�1

M
�1/2
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ṁ
1/2
�2

�
�1/2
0.5 G

VA⇡
Bp

4⇡mpnp
' 2.7⇥ 109R�1/2

1
�
�1/2
0.5 cm s�1

where VK =
p

GMBH/R is the Keplerian velocity, ↵

is the viscous parameter [79], mp is the proton mass,
� = 8⇡Pg/B

2 is the plasma beta, and Pg = mpnpC
2

s is
the gas pressure. We assume pure proton composition for
simplicity. The magnetic field strength in the hot accre-
tion flows depends on the configuration of the magnetic
field: � ⇠ 10 � 100 for standard and normal evolution
(SANE) flows, whereas � ⇠ 1 � 10 for magnetically ar-
rested disks (e.g., [95, 97, 100, 101]). We use � ⇠ 3.2
as a reference value because lower � plasma are suitable
to produce non-thermal particles [102]. For the viscous
parameter ↵, SANE models tend to give a lower value,
↵ ' 0.03 [98, 99], while observations of X-ray binaries
and dwarf novae suggest ↵ ' 0.1� 1 (see Ref. [103] and
references therein). Here, we set ↵ = 0.1 as a reference
value.
Although cooling processes have little influence on

the dynamical structure in the RIAF, the thermal elec-
trons supply target photons for photohadronic interac-
tions and �� two-photon annihilation. We calculate the
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FIG. 3. Spectral energy distributions of gamma-ray (dashed by thermal electrons; dotted by hadronic cascade), neutrino (solid),
and proton (dot-dashed) fluxes for Model A (stochastic acceleration; left panel), Model B (power-law injection with sinj = 1.0;
middle), and Model C (power-law injection with sinj = 2.0; right), respectively. The upper, middle, and lower panels are for
NGC 3516, NGC 4258, and NGC 3031, respectively. The thin-dot-dashed lines in middle and right column depict the injection
spectrum of the protons. The thin-solid lines are the p� neutrino flux. For NGC 3031, the p� neutrino flux is below the lower
end of the figure.

where rL = "p/(eB) is the Larmor radius, ⇣ ⇡
8⇡

R
Pkdk/B

2 is the turbulent strength parameter, and q

is the power-law index of the turbulence power spectrum.
The acceleration time is given by tacc ⇡ "

2

p/D"p . We use

a delta function injection: Ḟp,inj = Ḟ0�("p� "inj), where
Ḟ0 is normalization factor. We normalize the luminosity
of the non-thermal protons so that the proton luminosity
is a constant fraction of the accretion luminosity:

Z
L"pd"p = ✏pṁLEdd, (10)
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loss
is the di↵erential proton lu-

minosity (t�1

loss
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�1

cool
+ t

�1
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is the total loss rate) and

✏p is the non-thermal proton production e�ciency. We
use the Chang & Cooper method to solve the equation
[147, 148], and calculate the time evolution until steady

state is achieved. Note that the normalization is di↵er-
ent from that used in Ref. [87], where we normalize the
injection such that Ḟ0 = finjLX,obs/(4⇡2

"
3

inj
R

3). Here,
finj is the e�ciency of the injection to the stochastic ac-
celeration, and finj needs to be much smaller than ✏p.

C. Power-law injection models (B and C)

For models B and C, we consider a generic accelera-
tion mechanism, and the steady-state proton spectrum,
N"p = dN/d"p, is obtained by solving the transport equa-
tion:
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= Ṅ"p,inj �

N"p

tesc
, (11)

6

FIG. 3. Spectral energy distributions of gamma-ray (dashed by thermal electrons; dotted by hadronic cascade), neutrino (solid),
and proton (dot-dashed) fluxes for Model A (stochastic acceleration; left panel), Model B (power-law injection with sinj = 1.0;
middle), and Model C (power-law injection with sinj = 2.0; right), respectively. The upper, middle, and lower panels are for
NGC 3516, NGC 4258, and NGC 3031, respectively. The thin-dot-dashed lines in middle and right column depict the injection
spectrum of the protons. The thin-solid lines are the p� neutrino flux. For NGC 3031, the p� neutrino flux is below the lower
end of the figure.
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celeration, and finj needs to be much smaller than ✏p.

C. Power-law injection models (B and C)

For models B and C, we consider a generic accelera-
tion mechanism, and the steady-state proton spectrum,
N"p = dN/d"p, is obtained by solving the transport equa-
tion:
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FIG. 5. The expected number of through going track events from NGC 3516 (left panel), NGC 4258 (middle panel), and NGC
3031 (right panel) for models A (solid), B (dashed), and C (dotted) with a ten-year operation of IceCube-Gen2 (thick lines)
and for IceCube (thin lines). The dot-dashed lines show the expected background.

FIG. 6. Same as Figure 5, but stacking 10 (upper panel) and
30 LLAGNs (lower panel).

less than 10�4. Since our model is not applicable to such
a low accretion rate system (see Section II), we avoid dis-
cussion in detail. The detailed estimate should be done
in the future (see Ref. [165] for related discussion).

VI. SUMMARY

We have investigated high-energy multi-messenger
emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multi-messenger detection
prospects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone
model is roughly consistent with the observed X-ray fea-
tures, such as an anti-correlation between the Eddington
ratio and the spectral index. RIAFs with ṁ & 0.01 emit
strong MeV gamma rays through Comptonization, which
will be detected by the future MeV satellites such as e-
ASTROGAM, AMEGO, and GRAMS.
We have also calculated the neutrino and cascade

gamma-ray spectra from accelerated protons. We con-
sidered three models for the proton spectrum. In model
A, we consider stochastic acceleration by turbulence and
solve the di↵usion equation in momentum space. In mod-
els B and C, we do not specify the acceleration mecha-
nism and assume an injection term with a power-law and
an exponential cuto↵. Using such proton spectra, we
have numerically calculated the neutrino spectra, taking
account of the relevant cooling processes and the decay
spectra. Since pp inelastic collisions provide the main
channel for high-energy neutrino production, the neu-
trino spectrum follows the proton spectrum. Close to the
cuto↵ energy, "⌫ ⇠ 100 TeV, the photomeson production
is as e�cient as pp interactions, leading to a compara-
ble contribution to the neutrino flux. With a few to 10
LLAGNs stacked, a ten-year operation of IceCube-Gen2
will enable us to detect a few to several neutrinos from
LLAGNs, otherwise they will put meaningful constraints
on the parameter space. On the other hand, the cascade
emission is di�cult to detect with Fermi or CTA. Bright
objects have a lower �� cuto↵ energy, while objects with
a higher value of the cuto↵ energy are too dim to detect
the signal.
AGN coronae and RIAFs are thought to be promising

sites of particle acceleration, and the AGN cores are sug-
gested as the main origin of the mysterious 10 – 100 TeV
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less than 10�4. Since our model is not applicable to such
a low accretion rate system (see Section II), we avoid dis-
cussion in detail. The detailed estimate should be done
in the future (see Ref. [165] for related discussion).

VI. SUMMARY
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emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multi-messenger detection
prospects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone
model is roughly consistent with the observed X-ray fea-
tures, such as an anti-correlation between the Eddington
ratio and the spectral index. RIAFs with ṁ & 0.01 emit
strong MeV gamma rays through Comptonization, which
will be detected by the future MeV satellites such as e-
ASTROGAM, AMEGO, and GRAMS.
We have also calculated the neutrino and cascade

gamma-ray spectra from accelerated protons. We con-
sidered three models for the proton spectrum. In model
A, we consider stochastic acceleration by turbulence and
solve the di↵usion equation in momentum space. In mod-
els B and C, we do not specify the acceleration mecha-
nism and assume an injection term with a power-law and
an exponential cuto↵. Using such proton spectra, we
have numerically calculated the neutrino spectra, taking
account of the relevant cooling processes and the decay
spectra. Since pp inelastic collisions provide the main
channel for high-energy neutrino production, the neu-
trino spectrum follows the proton spectrum. Close to the
cuto↵ energy, "⌫ ⇠ 100 TeV, the photomeson production
is as e�cient as pp interactions, leading to a compara-
ble contribution to the neutrino flux. With a few to 10
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will enable us to detect a few to several neutrinos from
LLAGNs, otherwise they will put meaningful constraints
on the parameter space. On the other hand, the cascade
emission is di�cult to detect with Fermi or CTA. Bright
objects have a lower �� cuto↵ energy, while objects with
a higher value of the cuto↵ energy are too dim to detect
the signal.
AGN coronae and RIAFs are thought to be promising

sites of particle acceleration, and the AGN cores are sug-
gested as the main origin of the mysterious 10 – 100 TeV

• IceCube cannot detect a neutrino
• IceCube-Gen2 can detect  

a few neutrinos of E > 10 TeV
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• IceCube cannot distinguish signals 
from the background

• IceCube-Gen2 can detect  
several neutrinos of E > 30 TeV

background

background

Murase & Waxman 2016



BH�
Turbulent#Field##

!#proton#accelera4on�

p�

p�

π�

ν�
γ�������������������������� �

p+p ! p+p+Aπ0+Bπ±�

p+γ ! p+p+π0�

p+γ ! p+n+π+�

π0 ! 2γ,  π± ! 3ν+e±�

Hot#Plasma�

Extragalactic γ & ν  
Backgrounds

33

3

TABLE II. Resulting physical quantities for various values of X-ray luminosity. The last two column shows the values for
models A/B/C

logLX,obs logLX,calc log ṁ logNp B ⌧T ⇥e logE�� logLp PCR/Pthrml

[erg s�1] [erg s�1] [cm�3] [G] [MeV] [erg s�1] [%]
38.78 38.29 -3.33 7.33 56.24 -2.38 2.75 5.58 40.24/40.07/40.8 15.8/10.7/56.1
39.68 39.73 -2.88 7.78 94.73 -1.93 2.32 5.16 40.70/40.52/41.2 15.3/10.2/51.6
40.59 40.83 -2.43 8.23 159.56 -1.48 1.79 4.04 41.15/40.97/41.7 13.9/9.3/48.4
41.50 41.64 -1.98 8.68 268.77 -1.02 1.30 3.25 41.60/41.43/42.1 11.3/7.2/41.1
42.40 42.47 -1.52 9.14 452.72 -0.57 0.91 2.14 42.05/41.88/42.6 7.7/4.1/28.6

tacc = "
2

p/D"p , is longer than tfall for "p > 1.5⇥ 104 GeV
for ṁ ⇠ 10�2 and for "p > 5.1⇥ 103 GeV for ṁ ⇠ 10�3,
the cuto↵ energy in the proton spectrum appears at a
much higher energy due to its hard spectral index and
gradual cuto↵ [cf., 26, 61]. For models B and C, the
resulting proton luminosity is almost identical to the in-
jection spectrum, because the infall dominates over the
other loss processes in all the energy range.

The pp inelastic collisions and photomeson interactions
produce pions which decay to neutrinos. We calculate the
neutrino spectrum from pp collisions using the formalism
given by Ref. [62]. For the neutrinos by p� interac-
tion, we use a semi-analytic prescription given in Ref.
[59, 63]. Owing to the moderate magnetic field strength
and plasma density, we can ignore the e↵ect of meson
cooling, as long as we focus on sub-PeV neutrinos. Then,
the neutrino flavor ratio is (⌫e, ⌫µ, ⌫⌧ ) = (1, 2, 0) at
the source and (1, 1, 1) on Earth, due to the neutrino os-
cillation during propagation. The hadronic interactions
also produce gamma rays and electron/positron pairs,
which initiate electromagnetic cascades. We calculate
the cascade emission by solving the kinetic equations of
electron/positron pairs and photons. We approximately
treat the pair injection processes by Bethe-heitler pro-
cess and photomeson production. See the accompanying
paper and Refs. [64, 65] for details.

The resulting neutrino and gamma-ray spectra are
shown in Figure 1. For the higher accretion rate case,
the pp and p� interactions produce comparable amounts
of neutrinos at "⌫ >⇠ 1014 eV. The cascade photons show
a flat spectrum below ⇠ 109 eV, often seen in well-
developed cascades [66]. On the other hand, in the lower
accretion rate case, the neutrinos are predominantly pro-
duced by pp collisions. The cascade spectrum depends on
the models; Models A and B show a high-energy cuto↵
around 109 eV, while the spectrum extends up to 1011 eV
for model C. The normalization of the cascade emission
is the highest in model C due to its higher cosmic-ray
luminosity (see Table II).

Di↵use Intensities.— The di↵use neutrino and
gamma-ray intensities are calculated as (e.g., Refs. [18,

26, 67])

�i =
c

4⇡H0

Z
dzp

(1 + z)3⌦m + ⌦⇤

Z
dLH↵⇢H↵

L"i

"i
e
�⌧i,IGM ,

(3)
where ⇢H↵ is the H↵ luminosity function, ⌧i,IGM is
the optical depth in intergalactic medium, and we use
H0 ⇠ 70 km s�1 Mpc�1, ⌦M ⇠ 0.3, and ⌦⇤ ⇠ 0.7.
H↵ luminosity function is given by Ref. [68]: ⇢H↵ ⇡
(⇢⇤/L⇤)/[(LH↵/L⇤)s1 + (LH↵/L⇤)s2 ], where ⇢⇤ ' 4.11 ⇥
10�5 Mpc�3, L⇤ = 3.26 ⇥ 1041 erg s�1, s1 = 2.78,
and s2 = 1.88. We extrapolate this luminosity func-
tion to Lmin = 1038 erg s�1, below which the Palo-
mar survey finds a hint of a flattening [69]. The sur-
vey also indicates a correlation between LX and LH↵ for
LLAGNs: LX ⇡ 5 � 7LH↵ [69]. We use a correction
factor X/H↵ = LX/LH↵ = 6.0. Then, the luminosity
integration is performed in the range of 1038 erg s�1 
LH↵  ⌘radṁLEdd/(X/H↵bol/X) ' 4.2 ⇥ 1041 erg s�1.
Since dimmer AGNs tend to have weaker redshift evolu-
tion [70–72], we assume no redshift evolution of the lu-
minosity function. The mass of SMBHs in local Seyfert
galaxies does not show any correlation with X-ray lu-
minosity and H↵ luminosity [73]. Ref. [74] provides a
sample of LLAGNs, and the average and median values
of log(MBH/M�) are 8.0 and 8.1, respectively. Also, the
local SMBH mass functions in the previous studies show
that the energy budget is dominated by the black holes
of M ⇠ 108�3⇥108 M� if the Eddington ratio function
is independent of the SMBH mass [48, 71, 75]. Hence,
we use MBH = 108 M� as a reference value. We use
⌧⌫,IGM = 0 and the values in Ref. [76] for ⌧�,IGM.
Figure 2 shows the resulting gamma-ray and neutrino

intensities. Our model can reproduce the soft gamma-
ray and neutrino data simultaneously. The soft gamma
rays are produced by the thermal electrons, while non-
thermal protons produce the high-energy neutrinos. We
tabulate the required amount of cosmic-ray luminosity
and pressure ratio of cosmic rays and thermal protons
in Table II. The pressure ratio is moderate, ⇠ 0.1, in
models A and B, while model C requires a higher value,
⇠ 0.5, which is challenging to achieve through stochastic
acceleration.
The GeV flux is considerably attenuated in the RIAF

and consistent with the Fermi data, demonstrating that

• AGNs with LHα< 4x1041 erg/s equally contribute to ν 
• LLAGNs with LHα ~ 4x1041 erg/s mainly contribute to MeV 

• LLAGN can explain  
TeV-PeV ν and MeV γ  
bkgrds simultaneously

• GeV γs are attenuated  
at RIAFs in LLAGNs 
→ consistent with Fermi data

• PCR ~ 0.1Pth for SA,  
PCR ~ 0.4Pth for PL  
→ Need hard spectrum 
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TABLE II. Resulting physical quantities for various values of X-ray luminosity. The last two column shows the values for
models A/B/C

logLX,obs logLX,calc log ṁ logNp B ⌧T ⇥e logE�� logLp PCR/Pthrml

[erg s�1] [erg s�1] [cm�3] [G] [MeV] [erg s�1] [%]
38.78 38.29 -3.33 7.33 56.24 -2.38 2.75 5.58 40.24/40.07/40.8 15.8/10.7/56.1
39.68 39.73 -2.88 7.78 94.73 -1.93 2.32 5.16 40.70/40.52/41.2 15.3/10.2/51.6
40.59 40.83 -2.43 8.23 159.56 -1.48 1.79 4.04 41.15/40.97/41.7 13.9/9.3/48.4
41.50 41.64 -1.98 8.68 268.77 -1.02 1.30 3.25 41.60/41.43/42.1 11.3/7.2/41.1
42.40 42.47 -1.52 9.14 452.72 -0.57 0.91 2.14 42.05/41.88/42.6 7.7/4.1/28.6

tacc = "
2

p/D"p , is longer than tfall for "p > 1.5⇥ 104 GeV
for ṁ ⇠ 10�2 and for "p > 5.1⇥ 103 GeV for ṁ ⇠ 10�3,
the cuto↵ energy in the proton spectrum appears at a
much higher energy due to its hard spectral index and
gradual cuto↵ [cf., 26, 61]. For models B and C, the
resulting proton luminosity is almost identical to the in-
jection spectrum, because the infall dominates over the
other loss processes in all the energy range.

The pp inelastic collisions and photomeson interactions
produce pions which decay to neutrinos. We calculate the
neutrino spectrum from pp collisions using the formalism
given by Ref. [62]. For the neutrinos by p� interac-
tion, we use a semi-analytic prescription given in Ref.
[59, 63]. Owing to the moderate magnetic field strength
and plasma density, we can ignore the e↵ect of meson
cooling, as long as we focus on sub-PeV neutrinos. Then,
the neutrino flavor ratio is (⌫e, ⌫µ, ⌫⌧ ) = (1, 2, 0) at
the source and (1, 1, 1) on Earth, due to the neutrino os-
cillation during propagation. The hadronic interactions
also produce gamma rays and electron/positron pairs,
which initiate electromagnetic cascades. We calculate
the cascade emission by solving the kinetic equations of
electron/positron pairs and photons. We approximately
treat the pair injection processes by Bethe-heitler pro-
cess and photomeson production. See the accompanying
paper and Refs. [64, 65] for details.

The resulting neutrino and gamma-ray spectra are
shown in Figure 1. For the higher accretion rate case,
the pp and p� interactions produce comparable amounts
of neutrinos at "⌫ >⇠ 1014 eV. The cascade photons show
a flat spectrum below ⇠ 109 eV, often seen in well-
developed cascades [66]. On the other hand, in the lower
accretion rate case, the neutrinos are predominantly pro-
duced by pp collisions. The cascade spectrum depends on
the models; Models A and B show a high-energy cuto↵
around 109 eV, while the spectrum extends up to 1011 eV
for model C. The normalization of the cascade emission
is the highest in model C due to its higher cosmic-ray
luminosity (see Table II).

Di↵use Intensities.— The di↵use neutrino and
gamma-ray intensities are calculated as (e.g., Refs. [18,

26, 67])

�i =
c

4⇡H0

Z
dzp

(1 + z)3⌦m + ⌦⇤

Z
dLH↵⇢H↵

L"i

"i
e
�⌧i,IGM ,

(3)
where ⇢H↵ is the H↵ luminosity function, ⌧i,IGM is
the optical depth in intergalactic medium, and we use
H0 ⇠ 70 km s�1 Mpc�1, ⌦M ⇠ 0.3, and ⌦⇤ ⇠ 0.7.
H↵ luminosity function is given by Ref. [68]: ⇢H↵ ⇡
(⇢⇤/L⇤)/[(LH↵/L⇤)s1 + (LH↵/L⇤)s2 ], where ⇢⇤ ' 4.11 ⇥
10�5 Mpc�3, L⇤ = 3.26 ⇥ 1041 erg s�1, s1 = 2.78,
and s2 = 1.88. We extrapolate this luminosity func-
tion to Lmin = 1038 erg s�1, below which the Palo-
mar survey finds a hint of a flattening [69]. The sur-
vey also indicates a correlation between LX and LH↵ for
LLAGNs: LX ⇡ 5 � 7LH↵ [69]. We use a correction
factor X/H↵ = LX/LH↵ = 6.0. Then, the luminosity
integration is performed in the range of 1038 erg s�1 
LH↵  ⌘radṁLEdd/(X/H↵bol/X) ' 4.2 ⇥ 1041 erg s�1.
Since dimmer AGNs tend to have weaker redshift evolu-
tion [70–72], we assume no redshift evolution of the lu-
minosity function. The mass of SMBHs in local Seyfert
galaxies does not show any correlation with X-ray lu-
minosity and H↵ luminosity [73]. Ref. [74] provides a
sample of LLAGNs, and the average and median values
of log(MBH/M�) are 8.0 and 8.1, respectively. Also, the
local SMBH mass functions in the previous studies show
that the energy budget is dominated by the black holes
of M ⇠ 108�3⇥108 M� if the Eddington ratio function
is independent of the SMBH mass [48, 71, 75]. Hence,
we use MBH = 108 M� as a reference value. We use
⌧⌫,IGM = 0 and the values in Ref. [76] for ⌧�,IGM.
Figure 2 shows the resulting gamma-ray and neutrino

intensities. Our model can reproduce the soft gamma-
ray and neutrino data simultaneously. The soft gamma
rays are produced by the thermal electrons, while non-
thermal protons produce the high-energy neutrinos. We
tabulate the required amount of cosmic-ray luminosity
and pressure ratio of cosmic rays and thermal protons
in Table II. The pressure ratio is moderate, ⇠ 0.1, in
models A and B, while model C requires a higher value,
⇠ 0.5, which is challenging to achieve through stochastic
acceleration.
The GeV flux is considerably attenuated in the RIAF

and consistent with the Fermi data, demonstrating that

• LLAGNs with LHα< 4x1041 erg/s equally contribute to ν  
• LLAGNs with LHα ~ 4x1041 erg/s mainly contribute to MeV 

• LLAGN can explain  
TeV-PeV ν and MeV γ  
obs. simultaneously

• GeV γs are attenuated  
at RIAFs in LLAGNs 
→ consistent with Fermi data

• PCR ~ 0.01Pth for PeV ν,  
PCR ~ 0.1Pth for TeV ν
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FIG. 2. Di↵use gamma-ray and neutrino intensities for models A (thick lines) and B (thin lines). Data points are provided
by Swift-BAT ([68]; green-circle), SMM ([69]; purple-triangle), Nagoya-baloon ([70]; blue-star), COMPTEL ([2]; red-square),
Fermi-LAT ([3]; black-plus), and IceCube ([71, 72]; red-cross and cyan region). Left: Di↵use intensities for photons by thermal
electrons (red), neutrinos by non-thermal protons (blue), and gamma-rays by proton-induced electromagnetic cascades (green).
Middle: Soft gamma-ray intensities from relatively luminous (dotted) or faint (dashed) LLAGNs. Right: Same with the middle
panel, but for neutrino intensities.

by proton-induced electromagnetic cascades are attenu-
ated during propagation in intergalactic medium, and we
use the optical depth for �� attenuation in Ref. [79].

The left panel of Figure 2 shows the resulting gamma-
ray and neutrino intensities. In our model, thermal
electrons in the RIAFs emit the soft gamma-ray back-
ground for 1–10 MeV, and non-thermal protons simul-
taneously produce the high-energy neutrino background
either below ⇠ 1 PeV or above ⇠ 0.3 PeV. LLAGNs
with LH↵ ⇠ L⇤ provide the dominant contribution to the
soft gamma-ray intensity, which are relatively luminous
LLAGNs as shown in the middle panel. Then, the soft
gamma-ray intensity is analytically estimated to be

E
2

��E� ⇡ c

4⇡H0

⇠z
d⇢H↵

dLH↵
LH↵✏�L✏�

' 8.1⇥ 10�6 GeV s�1 cm�2 sr�1

✓
⇠z

0.6

◆

⇥
✓
(d⇢H↵/dLH↵)LH↵

⇢⇤/2

◆✓
✏�L✏�

X/H↵bol/XL⇤

◆
,(1)

where ⇠z is a factor by the redshift evolution of the lumi-
nosity function [80]. This is consistent with our numeri-
cal results and the observed MeV background by COMP-
TEL. The Comptonization unavoidably creates a peak at
the MeV range for ṁ >⇠ 3⇥10�3, and hence, our model do
not strongly depend on parameters, such as ↵, �, MBH,
and ṁcrit.

With reasonable parameter sets, our RIAF models can
reproduce the IceCube data either above ⇠ 0.3 PeV
(model A) or below ⇠ 1 PeV (model B). We tabulate
the required amount of CR luminosity and the pressure
ratio of CRs to thermal protons in Table II. The pres-
sure ratio is small, ⇠ 0.01, in models A, while model B
demands a higher value, ⇠ 0.1. Both values are reason-
able in the sense that the CR energy density is lower
than the magnetic field energy density. Interestingly, the
coronae in Seyfert galaxies can produce sub-PeV neutri-

nos with a similar parameter set to model A [23]. Hence,
a unified AGN core scenario is possible to explain a wide
energy range of the astrophysical neutrino background.
Both the soft gamma-ray and neutrino luminosities are
proportional to ṁ

2 as long as the pp interaction mainly
produces neutrinos, and thus, we can introduce a param-
eter ⇠⌫ = L⌫/L� to estimate the neutrino background
intensity analytically by Equation (1). To explain 0.01
– 0.1 TeV and PeV neutrinos, we need ⇠⌫ ' 1/70 and
⇠⌫ ' 1/400, respectively. Note that LLAGNs with a
broad range of LH↵ equally contribute to the neutrino
intensity, as shown in the right panel of Figure 2.

The high-energy gamma rays accompanied by the neu-
trinos are considerably attenuated in the RIAFs, making
the GeV gamma-ray intensity consistent with the Fermi
data. This demonstrates that the LLAGN model works
as a hidden neutrino source [81]. Here, we ignore the
leptonic cascade emission during the propagation to the
Earth, which has little influence on GeV gamma rays
owing to the low cuto↵ energy of �� attenuation in the
RIAFs, E�� , as shown in Table II.

Discussion.— We have proposed RIAFs in LLAGNs
as a source of the di↵use soft gamma rays and TeV–
PeV neutrinos. We constructed a one-zone model that
can reproduces the observed x-ray features of LLAGNs,
and demonstrated that LLAGNs can explain the soft
gamma-ray and high-energy neutrino backgrounds simul-
taneously. In RIAFs, electrons are thermalized and emit
soft gamma rays through Comptonization, suggesting a
higher thermal to non-thermal transition energy than
previously expected. On the other hand, protons are
collisionless and naturally accelerated, leading to high-
energy neutrino production. Our model is also consis-
tent with Fermi data in the GeV range, owing to the
gamma-ray attenuation inside the RIAF.

A major uncertainty in our model is the luminosity
function for LH↵

<⇠ 1041 erg s�1. Ref. [82] proposes an
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Summary
• Accretion flows in AGNs are a feasible neutrino source
• Seyfert galaxies can reproduce TeV-PeV νs without violating 

Fermi constraints with observation based parameters.
• RIAFs in LLAGNs can explain MeV γ & TeV-PeV ν 

backgrounds simultaneously without violating Fermi constraints
• Future multi-messenger observations can robustly test both models:  

- IceCube-Gen2 can detect AGNs as point sources 
- AMEGO can detect MeV γ rays from AGNs
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turbulence. We compute steady state CR spectra by solv-
ing the following Fokker-Planck equation (e.g., [75–78]),

∂Fp

∂t
=

1

ε2p

∂

∂εp

!

ε2pDεp
∂Fp

∂εp
+

ε3p
tp−cool

Fp

"

− Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the CR distribution function, Dεp ≈ ε2p/tacc
is the diffusion coefficient in energy space, t−1

p−cool = t−1
pp +

t−1
pγ +t−1

BH+t−1
p−syn is the total cooling rate, t

−1
esc = t−1

fall+t−1
diff

is the escape rate, and Ḟp,inj is the injection function
(see Appendix [79]). The stochastic acceleration time is
given by tacc ≈ η(c/VA)

2(R/c)(εp/eBR)2−q, where VA

is the Alfvén velocity and η is the inverse of the turbu-
lence strength [80, 81]. We adopt q = 5/3, which is con-
sistent with the recent MHD simulations [56], together
with η = 10. Because the dissipation rate in the coronae
is expected to be proportional to LX , we assume that the
injection function linearly scales as LX . To explain the
ENB, the CR pressure required for LX = 1044 erg s−1

turns out to be ∼ 1% of the thermal pressure, which is
reasonable. We plot εpLεp ≡ 4π(ε4p/c

3)FpV(t−1
esc+t−1

p−cool)
in Fig. 2, where V is the volume.
While the CRs are accelerated, they interact with

matter and radiation modeled in the previous section,
and produce secondary particles. Following Ref. [82, 83],
we solve the kinetic equations taking into account elec-
tromagnetic cascades. In this work, secondary injections
by the Bethe-Heitler and pγ processes are approx-
imately treated as ε2e(dṄ

BH
e /dεe)|εe=(me/mp)εp ≈

t−1
BHε

2
p(dNCR/dεp), ε2e(dṄ

pγ
e /dεe)|εe=0.05εp ≈

(1/3)ε2ν(dṄ
pγ
ν /dεν)|εν=0.05εp ≈ (1/8)t−1

pγ ε
2
p(dNCR/dεp),

and ε2γ(dṄ
pγ
γ /dεγ)|εγ=0.1εp ≈ (1/2)t−1

pγ ε
2
p(dNCR/dεp).

The resulting cascade spectra are broad, being deter-
mined by synchrotron and inverse Compton emission.
In general, stochastic acceleration models naturally

predict reacceleration of secondary pairs populated by
cascades [84]. The critical energy of the pairs, εe,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te−cool.
We find that whether the secondary reacceleration oc-
curs or not is rather sensitive to B and tacc. For ex-
ample, with β = 3 and q = 1.5, the reaccelerated pairs
can upscatter x-ray photons up to ∼ (εe,cl/mec2)

2
εX ≃

3.4 MeV (εe,cl/30 MeV)2(εX/1 keV), which may form a
gamma-ray tail. However, if εe,cl <∼ 1 MeV (for β = 1
and q = 5/3), reacceleration is negligible, and small-scale
turbulence is more likely to be dissipated at high Tp [85].

IV. NEUTRINO BACKGROUND AND MEV
GAMMA-RAY CONNECTION

We calculate neutrino and gamma-ray spectra for dif-
ferent source luminosities, and obtain the EGB and ENB
through Eq. (31) of Ref. [91]. We use the x-ray luminos-
ity function dρX/dLX , given by Ref. [14], taking into
account a factor of 2 enhancement by Compton thick
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FIG. 3. EGB and ENB spectra in our RQ AGN core model.
The data are taken from Swift-BAT [86] (green), Nagoya bal-
loon [87] (blue), SMM [88] (purple), COMPTEL [89] (gray),
Fermi-LAT [90] (orange), and IceCube [5] for shower (black)
and upgoing muon track (blue shaded) events. A possible
contribution of reaccelerated pairs is indicated (thin solid).

AGNs. Results are shown in Fig. 3. Our RQ AGN core
model can explain the ENB at ∼ 30 TeV energies if the
CR pressure is ∼ 1% of the thermal pressure.
In the vicinity of SMBHs, high-energy neutrinos

are produced by both pp and pγ interactions. The
disk-corona model indicates τT ∼ 1 (see Table 1), which
leads to the effective pp optical depth fpp ≈ tesc/tpp ≈
np(κppσpp)R(c/Vfall) ∼ 2τT (αVK/4000 km s−1)

−1
. Note

that VK is a function ofM (and LX). X-ray photons from
coronae provide target photons for the photomeson pro-
duction, whose effective optical depth [8, 92] is fpγ [εp] ≈
tesc/tpγ ≈ ηpγ σ̂pγR(c/Vfall)nX(εp/ε̃pγ−X)ΓX−1 ∼
0.9LX,44R

−1
15 (αVK/4000 km s−1)

−1
(1 keV/εX)ηpγ(εp/ε̃pγ−X)ΓX−1,

where ηpγ ≈ 2/(1 + ΓX), σ̂pγ ∼ 0.7 × 10−28 cm2

is the attenuation cross section, ε̄∆ ∼ 0.3 GeV,
ε̃pγ−X = 0.5mpc2ε̄∆/εX ≃ 0.14 PeV (εX/1 keV)−1,
and nX ∼ LX/(4πR2cεX) is used. The total meson
production optical depth is given by fmes = fpγ + fpp,
which always exceeds unity in our model.
Importantly, ∼ 10− 100 TeV neutrinos originate from

CRs with ∼ 0.2− 2 PeV. Different from previous studies
explaining the IceCube data [93, 94], disk photons are
irrelevant for the photomeson production because its
threshold energy is ε̃pγ−th ≃ 3.4 PeV (εdisk/10 eV)−1.
However, CRs in the 0.1-1 PeV range should efficiently
interact with disk photons via the Bethe-Heitler pro-
cess because the characteristic energy is ε̃BH−disk =
0.5mpc2ε̄BH/εdisk ≃ 0.47 PeV (εdisk/10 eV)−1, where
ε̄BH ∼ 10(2mec2) ∼ 10 MeV [95, 96]. Approximating the
number of disk photons by ndisk ∼ Lbol/(4πR2cεdisk),
the Bethe-Heitler effective optical depth [97] is
estimated to be fBH ≈ ndiskσ̂BHR(c/Vfall) ∼
20Lbol,45.3R

−1
15 (αVK/4000 km s−1)

−1
(10 eV/εdisk),
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FIG. 1. Spectral energy distributions for protons (thick-solid lines), neutrinos (thick-dashed lines), photons by thermal electrons
(thick-dotted lines), and photons by hadronic cascades (thick-dot-dashed lines). The thin dotted lines are the p� neutrino
contributions. Upper and lower rows are for logLX = 41.50(ṁ ⇠ 10�2) and logLX = 39.68(ṁ ⇠ 10�3), respectively. Left and
right columns are for model A, B, and C, respectively. For models B and C, rhe injection proton spectrum (thin-solid lines)
are also ploted.

ing the propagation in the intergalactic medium (IGM),
which has little influence on GeV gamma rays owing to
the low cuto↵ energy for �� attenuation, E�� , as shown
in Table II.

Note that the luminosity function at lower luminosi-
ties, <⇠ 1041 erg s�1, has large uncertainties. Ref. [76]
suggests an order of magnitud lower ⇢H↵. To reproduce
the IceCube di↵use neutrinos with such a lower number
density of LLAGNs, a very high e�ciency of ⌘p >⇠ 0.1 is
required. Such a value of ⌘p results in a cosmic-ray pres-
sure higher than the thermal pressure, which is at odds
with the assumption that the magnetic field generated
by the thermal plasma produces the cosmic rays. Also,
the accretion flow loses its energy through the cosmic-ray
production and escape of high-energy particles, leading
to a geometrically thin disk where the cosmic-ray produc-
tion is no longer expected [77]. The uncertainty in the
luminosity function should be remedied by future sur-
veys using a line-sensitive optical instrument or a deeper
X-ray monitor, such as PFS [78] or eROSITA [79] and
THESEUS [80].

Discussion.— We have proposed RIAFs in LLAGNs
as a source of the di↵use soft gamma rays and TeV–
PeV neutrinos. We constructed a one-zone model that
can reproduce the observational features of LLAGNs,
and demonstrated that LLAGNs can explain the ob-
served di↵use soft gamma rays and TeV–PeV neutrinos
simultaneously. The soft gamma rays are created by the

FIG. 2. Di↵use gamma-ray and neutrino intensities for mod-
els A (solid lines), B (dashed lines), and C (dotted lines).
The lines for soft gamma-rays are completely overlapped each
other. Also shown are the data by Swift-BAT ([72]; green-
circle), SMM ([81]; purple-triangle), Nagoya-baloon ([82];
blue-star), COMPTEL ([2]; red-square), Fermi-LAT ([3];
black-plus), and IceCube ([83]; red-cross).

thermal electron component in RIAFs through Comp-
tonization. Hence, this suggests a higher thermal to non-
thermal transition energy than previously expected. The
high-energy neutrinos are produced by non-thermal pro-
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
!

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

!

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD
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Active Galactic Nuclei 
(AGNs)

• Accretion onto Supermassive black hole (MBH~108Msun) 
    gravitational energy → radiation or thermal energy

• SMBH paradigm is proved by Event Horizon Telescope
maximum likelihood (RML; e.g., Narayan & Nityananda 1986;
Wiaux et al. 2009; Thiébaut 2013). RML is a forward-modeling
approach that searches for an image that is not only consistent with
the observed data but also favors specified image properties (e.g.,
smoothness or compactness). As with CLEAN, RML methods
typically iterate between imaging and self-calibration, although
they can also be used to image directly on robust closure quantities
immune to station-based calibration errors. RMLmethods have been
extensively developed for the EHT (e.g., Honma et al. 2014;
Bouman et al. 2016; Akiyama et al. 2017; Chael et al. 2018b; see
also Paper IV).

Every imaging algorithm has a variety of free parameters
that can significantly affect the final image. We adopted a two-
stage imaging approach to control and evaluate biases in the
reconstructions from our choices of these parameters. In
the first stage, four teams worked independently to reconstruct
the first EHT images of M87* using an early engineering data
release. The teams worked without interaction to minimize
shared bias, yet each produced an image with a similar
prominent feature: a ring of diameter ∼38–44 μas with
enhanced brightness to the south (see Figure 4 in Paper IV).

In the second imaging stage, we developed three imaging
pipelines, each using a different software package and
associated methodology. Each pipeline surveyed a range of
imaging parameters, producing between ∼103 and 104 images
from different parameter combinations. We determined a “Top-
Set” of parameter combinations that both produced images of
M87* that were consistent with the observed data and that
reconstructed accurate images from synthetic data sets
corresponding to four known geometric models (ring, crescent,
filled disk, and asymmetric double source). For all pipelines,
the Top-Set images showed an asymmetric ring with a diameter
of ∼40 μas, with differences arising primarily in the effective
angular resolutions achieved by different methods.

For each pipeline, we determined the single combination of
fiducial imaging parameters out of the Top-Set that performed
best across all the synthetic data sets and for each associated
imaging methodology (see Figure 11 in Paper IV). Because the
angular resolutions of the reconstructed images vary among the
pipelines, we blurred each image with a circular Gaussian to a
common, conservative angular resolution of 20 μas. The top part
of Figure 3 shows an image of M87* on April11 obtained by
averaging the three pipelines’ blurred fiducial images. The image
is dominated by a ring with an asymmetric azimuthal profile that
is oriented at a position angle ∼170° east of north. Although the
measured position angle increases by ∼20° between the first two
days and the last two days, the image features are broadly
consistent across the different imaging methods and across all
four observing days. This is shown in the bottom part of Figure 3,
which reports the images on different days (see also Figure 15 in
Paper IV). These results are also consistent with those obtained
from visibility-domain fitting of geometric and general-relativistic
magnetohydrodynamics (GRMHD) models (Paper VI).

6. Theoretical Modeling

The appearance of M87* has been modeled successfully using
GRMHD simulations, which describe a turbulent, hot, magnetized
disk orbiting a Kerr black hole. They naturally produce a powerful
jet and can explain the broadband spectral energy distribution
observed in LLAGNs. At a wavelength of 1.3 mm, and as
observed here, the simulations also predict a shadow and an
asymmetric emission ring. The latter does not necessarily coincide

with the innermost stable circular orbit, or ISCO, and is instead
related to the lensed photon ring. To explore this scenario in great
detail, we have built a library of synthetic images (Image Library)
describing magnetized accretion flows onto black holes in GR145

(Paper V). The images themselves are produced from a library
of simulations (Simulation Library) collecting the results of
four codes solving the equations of GRMHD (Gammie et al.
2003; Saḑowski et al. 2014; Porth et al. 2017; Liska et al.
2018). The elements of the Simulation Library have been
coupled to three different general-relativistic ray-tracing and
radiative-transfer codes (GRRT, Bronzwaer et al. 2018;
Mościbrodzka & Gammie 2018; Z. Younsi et al. 2019, in
preparation). We limit ourselves to providing here a brief
description of the initial setups and the physical scenarios
explored in the simulations; see Paper V for details on both the
GRMHD and GRRT codes, which have been cross-validated

Figure 3. Top: EHT image of M87* from observations on 2017 April 11 as a
representative example of the images collected in the 2017 campaign. The
image is the average of three different imaging methods after convolving each
with a circular Gaussian kernel to give matched resolutions. The largest of the
three kernels (20 μas FWHM) is shown in the lower right. The image is shown
in units of brightness temperature, T S k2b

2
Bl= W, where S is the flux density,

λ is the observing wavelength, kB is the Boltzmann constant, and Ω is the solid
angle of the resolution element. Bottom: similar images taken over different
days showing the stability of the basic image structure and the equivalence
among different days. North is up and east is to the left.

145 More exotic spacetimes, such as dilaton black holes, boson stars, and
gravastars, have also been considered (Paper V).
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Plasma Conditions 
in Accretion Flow

• To accelerate non-thermal particles,  
relaxation time > dissipation time

• For RIAFs in LLAGNs, tdis ~ tdyn ~ R/Vfall

• For Coronae in QSO, tdis ~ H/VA 
• Protons are collisionless for both cases 
→ Non-thermal Proton 

• Electrons are collisional for both cases 
→ Thermal electrons only
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Luminosity Function
• ν & γ intensities from LLAGNs 

• ρHα: Hα line Luminosity function 

3

TABLE II. Resulting physical quantities for various values of X-ray luminosity. The last two column shows the values for
models A/B/C

logLX,obs logLX,calc log ṁ logNp B ⌧T ⇥e logE�� logLp PCR/Pthrml

[erg s�1] [erg s�1] [cm�3] [G] [MeV] [erg s�1] [%]
38.78 38.29 -3.33 7.33 56.24 -2.38 2.75 5.58 40.24/40.07/40.8 15.8/10.7/56.1
39.68 39.73 -2.88 7.78 94.73 -1.93 2.32 5.16 40.70/40.52/41.2 15.3/10.2/51.6
40.59 40.83 -2.43 8.23 159.56 -1.48 1.79 4.04 41.15/40.97/41.7 13.9/9.3/48.4
41.50 41.64 -1.98 8.68 268.77 -1.02 1.30 3.25 41.60/41.43/42.1 11.3/7.2/41.1
42.40 42.47 -1.52 9.14 452.72 -0.57 0.91 2.14 42.05/41.88/42.6 7.7/4.1/28.6

tacc = "
2

p/D"p , is longer than tfall for "p > 1.5⇥ 104 GeV
for ṁ ⇠ 10�2 and for "p > 5.1⇥ 103 GeV for ṁ ⇠ 10�3,
the cuto↵ energy in the proton spectrum appears at a
much higher energy due to its hard spectral index and
gradual cuto↵ [cf., 26, 61]. For models B and C, the
resulting proton luminosity is almost identical to the in-
jection spectrum, because the infall dominates over the
other loss processes in all the energy range.

The pp inelastic collisions and photomeson interactions
produce pions which decay to neutrinos. We calculate the
neutrino spectrum from pp collisions using the formalism
given by Ref. [62]. For the neutrinos by p� interac-
tion, we use a semi-analytic prescription given in Ref.
[59, 63]. Owing to the moderate magnetic field strength
and plasma density, we can ignore the e↵ect of meson
cooling, as long as we focus on sub-PeV neutrinos. Then,
the neutrino flavor ratio is (⌫e, ⌫µ, ⌫⌧ ) = (1, 2, 0) at
the source and (1, 1, 1) on Earth, due to the neutrino os-
cillation during propagation. The hadronic interactions
also produce gamma rays and electron/positron pairs,
which initiate electromagnetic cascades. We calculate
the cascade emission by solving the kinetic equations of
electron/positron pairs and photons. We approximately
treat the pair injection processes by Bethe-heitler pro-
cess and photomeson production. See the accompanying
paper and Refs. [64, 65] for details.

The resulting neutrino and gamma-ray spectra are
shown in Figure 1. For the higher accretion rate case,
the pp and p� interactions produce comparable amounts
of neutrinos at "⌫ >⇠ 1014 eV. The cascade photons show
a flat spectrum below ⇠ 109 eV, often seen in well-
developed cascades [66]. On the other hand, in the lower
accretion rate case, the neutrinos are predominantly pro-
duced by pp collisions. The cascade spectrum depends on
the models; Models A and B show a high-energy cuto↵
around 109 eV, while the spectrum extends up to 1011 eV
for model C. The normalization of the cascade emission
is the highest in model C due to its higher cosmic-ray
luminosity (see Table II).

Di↵use Intensities.— The di↵use neutrino and
gamma-ray intensities are calculated as (e.g., Refs. [18,

26, 67])

�i =
c

4⇡H0

Z
dzp

(1 + z)3⌦m + ⌦⇤

Z
dLH↵⇢H↵

L"i

"i
e
�⌧i,IGM ,

(3)
where ⇢H↵ is the H↵ luminosity function, ⌧i,IGM is
the optical depth in intergalactic medium, and we use
H0 ⇠ 70 km s�1 Mpc�1, ⌦M ⇠ 0.3, and ⌦⇤ ⇠ 0.7.
H↵ luminosity function is given by Ref. [68]: ⇢H↵ ⇡
(⇢⇤/L⇤)/[(LH↵/L⇤)s1 + (LH↵/L⇤)s2 ], where ⇢⇤ ' 4.11 ⇥
10�5 Mpc�3, L⇤ = 3.26 ⇥ 1041 erg s�1, s1 = 2.78,
and s2 = 1.88. We extrapolate this luminosity func-
tion to Lmin = 1038 erg s�1, below which the Palo-
mar survey finds a hint of a flattening [69]. The sur-
vey also indicates a correlation between LX and LH↵ for
LLAGNs: LX ⇡ 5 � 7LH↵ [69]. We use a correction
factor X/H↵ = LX/LH↵ = 6.0. Then, the luminosity
integration is performed in the range of 1038 erg s�1 
LH↵  ⌘radṁLEdd/(X/H↵bol/X) ' 4.2 ⇥ 1041 erg s�1.
Since dimmer AGNs tend to have weaker redshift evolu-
tion [70–72], we assume no redshift evolution of the lu-
minosity function. The mass of SMBHs in local Seyfert
galaxies does not show any correlation with X-ray lu-
minosity and H↵ luminosity [73]. Ref. [74] provides a
sample of LLAGNs, and the average and median values
of log(MBH/M�) are 8.0 and 8.1, respectively. Also, the
local SMBH mass functions in the previous studies show
that the energy budget is dominated by the black holes
of M ⇠ 108�3⇥108 M� if the Eddington ratio function
is independent of the SMBH mass [48, 71, 75]. Hence,
we use MBH = 108 M� as a reference value. We use
⌧⌫,IGM = 0 and the values in Ref. [76] for ⌧�,IGM.
Figure 2 shows the resulting gamma-ray and neutrino

intensities. Our model can reproduce the soft gamma-
ray and neutrino data simultaneously. The soft gamma
rays are produced by the thermal electrons, while non-
thermal protons produce the high-energy neutrinos. We
tabulate the required amount of cosmic-ray luminosity
and pressure ratio of cosmic rays and thermal protons
in Table II. The pressure ratio is moderate, ⇠ 0.1, in
models A and B, while model C requires a higher value,
⇠ 0.5, which is challenging to achieve through stochastic
acceleration.
The GeV flux is considerably attenuated in the RIAF

and consistent with the Fermi data, demonstrating that
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Target Photon Field
• Low-luminosity → Poor observational data  
→ Theory driven formulation

• Thermal electrons in RIAFs emit seed photons
• Provide X-ray luminosity by observation  
→ Bolometric correction based on AGN survey 
→ Estimate mass accretion rate 
→ Obtain physical quantities (ρ, B, n, Te) in RIAFs  
→ Calculate target photon spectrum by one-zone approximation

• We do not adjust X-ray luminosity
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EM Cascades in IGM
• Cutoff energy by γγ pair production in RIAFs 

Ecut ~ 0.1 - 100 GeV 
• τγγ,IGM ~1 for Eγ =100 GeV @ z=0.5  
→ We need to consider attenuation 

• γγ pair production: e+e- of γe~105  for Eγ~100 GeV   
→Eic ~ 4γe2 ECMB/3 ~ 10 MeV  
→ we can ignore EM cascade in IGM

• τ << 1 for ν & MeV γ  
→ we can ignore attenuations
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Implications & Caveats
43

• Multi-messenger tests are promising:  
Nearby LLAGNs are detectable by IC-Gen2 & e-ASTROGAM

• High source number density (~10-3 Mpc-3)  
→ LLAGNs can avoid the point-source constraints 

• Luminosity Function (LF) is very uncertain  
- LF by Hao et al. (2005) >> Greene & Ho (2007)  
- If we use Greene & Ho (2007), neutrino flux becomes too low 
to explain TeV-PeV neutrinos


