
Section 10.

超新星爆発のメカニズム

10.1 核爆発型超新星


10.2 重力崩壊型超新星



対になって 
存在する星

白色矮星

David A. Hardy



酸素炭素
鉄
ケイ素

「核爆発」

超新星爆発！



核爆発型超新星

普通の星の場合は核融合が起きることでバランスしている

白色矮星はなぜ核融合で爆発するのか？



白色矮星の爆発

Nomoto+84, Timmes+
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爆発前 爆発後

C+O 1 2 3 4

領域 温度 (K) 密度 (g cm-3) 主な元素
1 (7-9) x 109 108-9 NSE + 電子捕獲 56Fe, 54Fe, 58Ni

2 (5-7) x 109 107-8 NSE 56Ni

3 (4-5) x 109 <107 不完全ケイ素燃焼 28Si, 32S, 40Ca

4 < 4 x 109 <107 不完全酸素燃焼 16O, 24Mg

*NSE = nuclear statistical equilibrium (核統計平衡)
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観測から超新星の元素組成を探る
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Figure 2. The observed spectra of SN 2003du at the pre-maximum epochs (black) compared with the synthetic spectra (red). Panels
(a) - (d) show the spectra at −12.8, −10.9, −7.8 and −5.8 days from B maximum, respectively. Line identifications shown in the figures
are made only for the major contributions. The synthetic spectra are reddened with E(B − V ) = 0.01 mag.

SN 2003du has relatively narrow Si ii lines. To repro-
duce the profile of the Si ii λ6355 line, the mass fraction of
Si is required to be X(Si) ∼ 0.3. The dominant element in
the layers at v > 13000 kms−1 is not Si, but more likely O.
The distribution of Si is discussed in Appendix B.

The mass fraction of S is X(S) = 0.1-0.2 around v =
10000 km s−1. Although the synthetic spectra for the two
earliest epochs show stronger lines than the observations,
the later spectra are nicely reproduced.

Carbon and Oxygen: There is no clear C line in the ob-
served spectra except for the possible C ii λ6578 line at the
emission peak of the strongest Si ii λ6355 line (Stanishev
et al. 2007). We derive an upper limit for the C mass as
M(C) < 0.016 M" at v > 10500 km s−1 (details are pre-
sented in Appendix C). The small mass fraction and mass of
C are consistent with the results of previous work (Marion
et al. 2006; Thomas et al. 2007; Tanaka et al. 2008; Marion
et al. 2009).

The synthetic spectra show a clear O i λ7774 line

around 7500 Å while the presence of such a strong O line is
not that clear in the observed spectra. Although the abun-
dance of O is not well constrained, considering the lower
abundance of C, Mg, Si and S (see above), we conclude that
the dominant element in the outer layers is O. The mass
fraction of O at v > 9400 kms−1 is X(O) = 0.05 − 0.85,
increasing towards the outer layers.

3.2 Maximum Epochs

In Fig. 3, the observed spectra at the epochs from −4 to
+1.2 days since B maximum (black) are compared to the
synthetic spectra (red). The element features present in the
observed spectra are similar to those in the pre-maximum
spectra. At these epochs, the photospheric velocity decreases
from 9050 to 8200 kms−1. The flux of the synthetic spectra
at the line-free region at λ > 6500 Å tends to be overes-
timated because of our assumption of blackbody emission
(see Appendix A1).
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Figure 3. Same as Fig. 2 but at the maximum epochs. Panels (a) - (d) show the spectra at −4.0, −1.9, 0 and +1.2 days from B
maximum, respectively.

Fe-group elements: Around maximum, lines of Fe-group
elements are present, as in the pre-maximum epoch. A larger
amount of 56Ni is required compared with the pre-maximum
epochs to block the emission in the near-UV more effectively.
The mass fraction of 56Ni is X(56Ni) = 0.5−0.7 at v = 8200
- 9050 kms−1.

At maximum epochs, the presence of Fe lines does not
directly indicate the presence of stable Fe because of the
high abundance of the decay product of 56Ni. At B max-
imum (texp = 20.9 days), about 10 % of 56Ni has already
decayed into Fe, and thus an Fe abundance of ∼ 0.05 - 0.07
is the product of the decay of 56Ni. This is much larger than
the abundance of stable Fe required for the pre-maximum
spectra, and thus we cannot distinguish the contribution of
stable Fe.

Silicon and Sulphur: The Si ii λ6355 line becomes nar-
rower. The Si distribution at the outer layers derived from
the line profile in the pre-maximum spectra (Appendix B)
nicely reproduce the maximum spectra. In the spectrum at
maximum, the line ratio of two Si ii lines (λ5879 and 6355,

R(Si ii) in Nugent et al. 1995) is also nicely reproduced,
suggesting the estimates of the temperature and of the ion-
ization are reasonable (Table 1, Hachinger et al. 2008).

The S ii lines around 5500 Å are also reproduced
nicely. Although the photospheric velocity at this epoch is
vph= 8200 - 9050 km s−1, the S ii lines, as well as the Si ii

lines, are mainly formed at v ∼ 10000 kms−1 (see Fig. 1).
The “detachment” of the lines is caused by the ionization
effect, e.g., S iii is dominant near the photosphere while the
fraction of S ii increases towards higher velocities (see Fig.
9 of Tanaka et al. 2008).

3.3 Post-Maximum Epochs

In Fig. 4, the observed spectra at epochs from +4.3 to +17.2
days since B maximum are compared to the synthetic spec-
tra. At these epochs, the contribution from Fe-group ele-
ments is larger than at earlier epochs. The assumption of
blackbody emission becomes unreliable, and results in the
overestimate of the flux at λ > 6500 Å. Although the photo-
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Figure 5. The nebular spectrum of SN 2003du (+376.9 days
from B maximum, black) compared with the synthetic spectra
(color lines). The red solid line shows the best fit model while the
blue dashed line shows the model without central region devoid
of 56Ni.

spectra show too strong high velocity component. They are
caused by the high abundance at v > 15000 kms−1 derived
from the earliest spectra. We believe that the constraints
from the earlier spectra are more reliable because the valid-
ity of the assumptions in the atmosphere is more certain at
those epochs.

4 NEBULAR-PHASE SPECTRA

A spectrum at +376.9 days since B maximum (Stanishev
et al. 2007) is modelled to derive the abundances at the in-
nermost layers. A 56Ni distribution decreasing toward higher
velocities (v

∼
> 10000 kms−1) nicely fits the profile of the

two strongest Fe lines (red line in Figure 5). This is con-
sistent with the constraints from the spectra at the pre-
maximum and maximum epochs.

The innermost layers are dominated by stable Fe. In
particular, stable Fe and Ni dominate the abundance at ve-
locities inside of about 3000 km s−1, accounting for a total
mass of ∼ 0.2M". Most of this is actually stable Fe. Lim-
its to the stable Ni mass can be set by the weakness of the
[Ni ii] emission near 7400 Å. As for stable Fe, this is required
in the innermost regions in order to keep an ionization bal-
ance between Fe ii and Fe iii which allows the shape of the
two strong, Fe-dominated emissions in the blue to be re-
produced, as well as their ratio. The bluer emission, near
4600 Å, is in fact dominated by Fe iii, while the redder one,
near 5200 Å, is dominated by Fe ii.

If a central region devoid of 56Ni is absent (blue dashed
line), both of Fe features look very sharp, unlike the obser-
vations. In order to reduce the flux, the 56Ni distribution
must be limited to a smaller region, and the overall higher
density of the tinner region leads to a lower Fe ionization,
so that the ratio of the two Fe lines in the blue is no longer

correct: the Fe ii-dominated line (near 5200 Å) becomes too
strong, as shown in the model in blue dashed line in Fig-
ure 5. On the other hand, the presence of stable Fe acts as a
coolant, keeping the ionization degree to a level which yields
reasonable line intensities (red line).

5 BOLOMETRIC LIGHT CURVE

The derived abundance distribution is tested against the
bolometric LC (Stanishev et al. 2007). SN 2003du is an ex-
tremely well-observed SN, and the bolometric LC was con-
structed with a small uncertainty, including the contribution
in NIR (Stanishev et al. 2007).

For the modelling, we use a Monte Carlo LC code based
on that developed in Cappellaro et al. (1997). The code fol-
lows the emission and propagation of γ-rays and positrons
from 56Ni and 56Co decay. Both γ-rays and positrons are
treated with an effective opacity (i.e., the positrons are
not assumed to deposit in situ). The opacities adopted are
0.027 cm2 gm−1 for the γ-rays and 7 cm2 gm−1 for the
positrons (Axelrod 1980). For optical opacity, we use an an-
alytic formula introduced by Mazzali et al. (2001a, 2007),
which includes the composition dependence (Fe-group ele-
ments and other elements) and a time dependence (Hoeflich
& Khokhlov 1996).

Fig. 6 shows the comparison between the observed bolo-
metric LC (black squares) and the computed LC (blue line).
The input luminosities for the photospheric-phase spectra
are also plotted (red circles). The model LC matches well
with the observed LC from before maximum until > 1 year.
This suggests that the derived abundance distribution, espe-
cially that of 56Ni is reasonable. The bolometric LC derived
from the synthetic spectra at epochs after maximum devi-
ate progressively from the observational points, reflecting
the increased production of spurious flux redwards of 6500
Å in the synthetic spectra (see Sect. 4).

6 ABUNDANCE DISTRIBUTION AND

INTEGRATED YIELDS

6.1 Abundance Distribution

The abundance distribution derived from the modelling of
the photospheric- and nebular-phase spectra is shown in
Figs. 7 and 8. These two figures show the mass fraction of
each element as a function of mass and velocity, respectively.
For comparison, the abundance distribution of a deflagration
model (W7, Nomoto et al. 1984) is also shown (Figs 7b and
8b). Note the line with “56Ni” represents the mass fraction
of radioactive 56Ni at the time of the explosion (texp = 0),
and that “Fe” and “Ni” denotes only stable elements.

At the innermost layers (Mr < 0.1M", v < 3000
kms−1), stable Fe is dominated (Section 4). This is also
suggested by the NIR spectrum at late phase (Höflich et al.
2004; Motohara et al. 2006). The existence of stable ele-
ments at the innermost layers is consistent with the ex-
plosion model. These elements are synthesized via electron
capture reactions under high density, and thus are typically
located in the innermost layers.

Above the layer of stable elements, there is a 56Ni
-dominated layer (Mr = 0.1-0.9M", v = 3000-10000
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represents the mass fraction of 56Ni at texp = 0 and “Fe” and “Ni” only represent mass fractions of stable Fe and stable Ni, respectively.
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C: David Hardy

普通の星から降着

白色矮星をどう太らせるか？
２つの白色矮星が合体

C: NASA
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核爆発型超新星：まとめ

•チャンドラセカール限界に近い白色矮星の核爆発


• 核融合反応 => 縮退圧が優勢のため核反応が暴走


•爆発的元素合成


• 約0.8 Msunの鉄族元素(56Ni & 56Fe, 54Fe, 58Ni)  > 重力崩壊型


• 約0.4 Msunの中間質量元素 (28Si, 32S, 40Ca)


• 親星の進化経路


• Single degenerate (SDシナリオ) or double degenerate (DDシナリオ)


• 研究のホットトピック



Section 10.

超新星爆発のメカニズム

10.1 核爆発型超新星


10.2 重力崩壊型超新星



(C: Essay Web)
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惑星状星雲
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星間空間
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超新星爆発
中性子星

ブラックホール図の大きさは天体の大きさと一致していません

1. 重い星の場合

約1千万年

* 太陽の10倍以上



水素 ヘリウム
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中性子星「重力崩壊」

超新星爆発！
何がおきて、どうやって爆発するのか？



コンピュータシミュレーションの結果
（１次元球対称を仮定）

However, there is also negative feedback in the deleptonization
during collapse (Liebendörfer et al. 2002). Smaller electron cap-
ture rates keep the electron fraction high, which then leads to an
increase of the free proton fraction and consequently to electron
captures after all. The resultant electron fraction turns out to be
not significantly different as we see below.

It is also noticeable that the mass fraction of alpha particles
differs substantially and the abundance of nuclei is slightly re-
duced in model SH. This difference of alpha abundances in the
two models persists during the collapse and even in the post-
bounce phase. The nuclear species appearing in the central core
during collapse are shown in the nuclear chart (Fig. 4). The
nuclei in model SH are always less neutron-rich than those in
model LS by more than several neutrons. This is also due to the
effect of the symmetry energy, which gives nuclei closer to the
stability line in model SH. The mass number reaches up to !80
and!100 at the central density of 1011 g cm"3 ( filled circles) and
1012 g cm"3 (open circles), respectively. In the current simula-

tions, the electron capture on nuclei is suppressed beyond N ¼
40 due to the simple prescription employed here and a difference
in species does not make any difference. However, results may
turn out differently when more realistic electron capture rates are
adopted (Hix et al. 2003). It would be interesting to see whether
the difference found in two EOSs leads to differences in central
cores using recent electron capture rates on nuclei (Langanke &
Martinez-Pinedo 2003). Further studies are necessary to discuss
the abundances of nuclei and the influence of more updated elec-
tron capture rates for the mixture of nuclear species beyond the
approximation of single species in the current EOSs.
The profiles of lepton fractions at bounce are shown in Fig-

ure 5. The central electron fraction in model SH is Ye ¼ 0:31,
which is slightly higher than Ye ¼ 0:29 in model LS. The central
lepton fractions including neutrinos for models SH and LS are
rather close to each other, being YL ¼ 0:36 and 0.35, respec-
tively. The difference of lepton fraction results in a different size

Fig. 3.—Mass fractions in the supernova cores as a function of baryon mass
coordinate at the time when the central density reaches 1011 g cm"3. Solid,
dashed, dotted, and dot-dashed lines show mass fractions of protons, neutrons,
nuclei, and alpha particles, respectively. The results for models SH and LS are
shown by thick and thin lines, respectively.

Fig. 4.—Nuclear species appearing in supernova cores plotted on the nuclear
chart. Stable nuclei and the neutron drip line (Horiguchi et al. 2000) are shown
by open square symbols and a dashed line, respectively. Nuclear species at the
center of the core are marked by filled circles (!c ¼ 1011 g cm"3) and open
circles (!c ¼ 1012 g cm"3). The results for models SH and LS are shown by
thick and thin lines, respectively.

Fig. 2.—Radial positions of shock waves in models SH (thick lines) and LS (thin lines) as a function of time after bounce. The evolution at early (left) and late (right)
times is shown. Small fluctuations in the curves are due to a numerical artifact in the procedure for determining the shock position from a limited number of grid points.
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重力崩壊型超新星

星の一生の最期に何が起きるのか？
膨大なエネルギーはどこから？

なぜ爆発するのか？
なぜ爆発は「難しい」のか？
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図 1.4 重力崩壊型超新星の爆発メカニズムの概要．重い星の中心部にある鉄
コアの重力崩壊から始まり，密度・温度が高まる中で発生したニュー
トリノが閉じ込められたまま，コアバウンスが起こり衝撃波が発生し
て，星の爆発に至る．爆発の際には超新星ニュートリノが放出され，周
辺では元素合成が起こり，中心には中性子星が残される．

の伝搬とともに温度上昇による核反応が急激に起こり爆発的元素合成が行なわ
れる．
このシナリオの各要素を物理過程からスタートして概説して，爆発メカニズ
ムについての大枠を理解できるようにしたい，というのが本書の狙いである．
超新星の中身を理解するうえで難しい点は，大きく異なるスケールの対象を扱
うところにある．従って，各スケールでの物理過程を理解したうえで，どれく
らいの大きさ・時間・質量・エネルギー等のスケールなのかを把握できるよう
になるとよい．例えば，星がつぶれ始めてから爆発するまでが約 1秒，超新星
ニュートリノの放出が数 10秒程度，と短い時間に多くのことが起こっている．
この時間スケールは何で決まっているのだろうか．鉄コアの質量は太陽質量程

(C) 原子核から読み解く超新星爆発の世界


住吉光介さん著



アメリカのグループの結果
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simulations (Burrows et al. 2006; Burrows et al. 2007a).
Although the additional energy input from sound appears
to be robust enough to explode even the most massive
progenitors (Burrows et al. 2007a), it remains a matter of
vivid debate and has yet to be confirmed by other groups.
Also exotic physics in the core of the PNS may have a
potential to trigger explosions (e.g., Sagert et al. 2009).
In this Letter, we present axisymmetric explosion mod-

els for a 13 M! progenitor model of Nomoto & Hashimoto
(1988) in support of the theory that neutrino-heating
aided by multi-D effects is able to cause supernova ex-
plosions. We choose the progenitor with a smaller iron
core (∼ 1.20M!), anticipating an explosion since the pro-
genitor mass lies between 11.2 M! (Buras et al. 2006)
and 15M! (Marek & Janka 2009). We perform 2D
core-collapse simulation with spectral neutrino transport
by the isotropic diffusion source approximation (IDSA)
scheme currently developed by Liebendörfer et al. (2009).
By comparing four exploding models with and without
rapid rotation to one non-exploding 1D model, we point
out that models that produce a north-south symmetric
bipolar explosion can lead to larger explosion energies
than for the corresponding unipolar explosions. Our re-
sults show that the explosion geometry is more likely to
be bipolar in models that include rotation.

2. Numerical Methods and Models

Our 2D simulations are performed using a newly de-
veloped code which implements spectral neutrino trans-
port using the IDSA scheme (Liebendörfer et al. 2009)
in a ZEUS-2D code (Stone & Norman 1992). Following
the spirit of the so-called ray-by-ray approach, the IDSA
scheme further splits the neutrino distribution into two
components, both of which are solved using separate nu-
merical techniques. Although it does not yet include
heavy lepton neutrinos such as νµ,ντ (ν̄µ, ν̄τ ) and the in-
elastic neutrino scattering with electron, the innovative
approach taken in the scheme saves a significant amount of
computational time compared to the canonical Boltzmann
solvers (see Liebendörfer et al. 2009 for more details).
Expecting a bigger chance to produce explosions (Marek
& Janka 2009), we employ the soft equation of state (EOS)
by Lattimer & Swesty (1991) with a compressibility mod-
ulus of K = 180 MeV. The self gravity is implemented by
solving the Poisson equation by the Modified Incomplete
Cholesky Conjugate Gradient (MICCG) method (Kotake
et al. 2003), but without relativistic corrections.
The simulations are performed on a grid of 300 loga-

rithmically spaced radial zones up to 5000 km. To test
the sensitivity with respect to angular resolution, the grid
is varied to consist of 64 or 128 equidistant angular zones
covering 0≤ θ ≤ π. For the neutrino transport, we use 20
logarithmically spaced energy bins reaching from 3 to 300
MeV.
All supernova calculations in this work are based on

the 13M! model by Nomoto & Hashimoto (1988). The
computed models are listed in the first column of Table
1, in which one calculation (model M13-1D) is conducted
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Fig. 1. Time evolution of Models M13-1D and M13-2D, vi-
sualized by mass shell trajectories in thin gray and orange
lines, respectively. Thick lines in red (for model M13-2D)
and black (model M13-1D) show the position of shock waves,
noting for 2D that the maximum (top) and average (bottom)
shock position are shown. The red dashed line represents the
position of the gain radius, which is similar to the 1D case
(not shown).

in spherical symmetry. Other models are 2D simulations
with or without rotation (indicated by rot) with different
numerical resolution in the lateral direction (64 or 128,
denoted by ”hr” (high resolution) in Table 1). For the ro-
tating models, we impose rotation on the progenitor core
with initially a constant angular frequency of Ω0=2 rad/s
inside the iron core with a dipolar cut off (∝ r−2) outside,
which corresponds to β ∼ 0.18% with β being the ratio of
the rotational to the gravitational energy. This rotation
rate is fairly large and may lead to a spiral mode of the
SASI (Yamasaki & Foglizzo 2008). In addition, this strong
rotation may induce a strong magnetic field due to wind-
ing and the magneto-rotational instability and produce a
jet-like outflow (Kotake et al. 2006). Although these ef-
fects could modify the dynamics of the postbounce phase,
the approximate treatment in this study (axisymmetry
without magnetic fields) does not allow us to investigate
them in this article.

3. Results

Figure 1 depicts the difference between the time evolu-
tions of model M13-1D (thin gray lines) and model M13-
2D (thin orange lines), visualized by mass shell trajecto-
ries. Until ∼ 100 ms after bounce, the shock position of
the 2D model (thick red line) is similar to the 1D model
(thick black line). Later on, however, the shock for model
M13-2D does not recede as for M13-1D, but gradually ex-
pands and reaches 1000 km at about 470 ms after bounce.
Comparing the position of the gain radius (red dashed
line) to the shock position of M13-1D (thick black line)
and M13-2D (thick red line), one can see that the ad-
vection time of the accreting material in the gain region
can be longer in 2D than 1D. This longer exposure of
cool matter in the heating region to the irradiation of
hot outstreaming neutrinos from the PNS is essential for
the increased efficiency of the neutrino heating in multi-D
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まだE ~ 1050 erg (１桁足りない)

現代宇宙物理学の最大の謎の１つ



超新星SN 1987A 最近100年で最も近い超新星


 (銀河系のとなり、大マゼラン雲、50 kpc)



SN 1987Aから�
ニュートリノを検出

カミオカンデ

(C) ICRR



Tension between KAMIOKANDE and IMB data

FIG. 2. Contours of constant likelihood which correspond to

68.3%, 90%, and 95.4% confidence regions, and best-fit values for

T
!̄
e
and Eb . Upper panel: Kamiokande and IMB separately. Lower

panel: Joint analysis. Dashed lines mark the 68.3% confidence re-

gions of the separate fit.

Jegerlehner et al., 1996
needs more data with HK

0-13

Enu ~ 1053 ergが確認された！


=> ニュートリノ加熱


メカニズムの基礎

Jegerlehner et al. 1996

* Observed energy  
(anti electron neutrino) x 6



カミオカンデで11イベントのニュートリノが観測された。


5a. 地球に届いた反電子ニュートリノのフラックスが 

　　f ~ 1010 個/cm2程度であることを示せ。


5b. SN 1987Aがニュートリノとして放出した


        総エネルギーを概算せよ。


ただし、以下の仮定をして良い

* カミオカンデの有効体積 2 kton


* 主な反応は水分子中の陽子との反応 (反応断面積σ ~ 10-41 cm2 )で、 

　検出されるのは全て反電子ニュートリノ

* 観測されたニュートリノのそれぞれのエネルギーは10 MeV


* 超新星からはすべての(6種類の)フレーバーのニュートリノが 

     同数放出された


* 大マゼラン雲までの距離 50 kpc

レポート課題 5

⌫̄e + p ! e+ + n



重力崩壊型超新星：まとめ
•大質量星の進化の最後


•電子捕獲と鉄の光分解により暴走的に重力崩壊


•爆発のメカニズム


•重力崩壊 => バウンス => 衝撃波停滞  
=> ニュートリノ加熱


• SN 1987Aからのニュートリノが検出された


•詳細な爆発メカニズムは未だ解明されていない


•爆発時に新たな元素を合成


• 56Ni => 超新星の熱源


•親星で作った元素とともに星間空間へ放出



Appendix 



「爆発的元素合成」

衝撃波にされされた高温物質中の元素合成

　星の中の元素合成より圧倒的に短い時間

　=> より高い温度が必要

元素はいかにつくられたか（岩波書店）

星の中の場合

0.7 x 109, 1.5 x 109

~3 x 109

~4 x 109



AA51CH11-Nomoto ARI 24 July 2013 11:45

54Fe

56Ni 16O

24Mg

28Si

40Ca

1H

4He

M
as

s f
ra

ct
io

n 
lo

g 1
0(

x)

–6

–4

2

0

1 2 3 4 5 6

Mr (M   )

Ce
nt

ra
l r

em
na

nt

54Fe

56Ni 16O

24Mg

28Si

40Ca

1H

4He

M
as

s f
ra

ct
io

n 
lo

g 1
0(

x)

–6

–4

2

0

1 2 3 4 5 6

Mr (M   )

54Fe
56Ni 16O

24Mg

28Si

40Ca

1H
4He

M
as

s f
ra

ct
io

n 
lo

g 1
0(

x)

–6

–4

2

0

1 2 3 4 5 6

Mr (M   )

Ce
nt

ra
l r

em
na

nt

54Fe

56Ni 16O

24Mg

28Si

40Ca

1H
4He

M
as

s f
ra

ct
io

n 
lo

g 1
0(

x)

–6

–4

2

0

1 2 3 4 5 6

Mr (M   )

a b

c d

Figure 1
Abundance distribution against an enclosed mass Mr before (a, c) and after (b, d) an explosion of a Population (Pop) III 20-M! star with
E51 = 1 (a, b) and solar metallicity 20-M! star with E51 = 1 (c, d). A Pop III star is more compact. Thus, compared with a solar
metallicity star, each layer is more extended in mass. The ejected Fe is explosively synthesized in the Si and O layers with Ye ∼ 0.5 in
the progenitor star.

collapse is successfully transformed into an explosion, stellar materials undergo shock heating
and explosive nucleosynthesis. In “explosive nuclear burning,” the timescale of the main nuclear
reaction is shorter than the hydrodynamical timescale of an expansion.

The mechanism of transformation from collapse to explosion is not fully understood (e.g.,
Janka 2012, Kotake et al. 2012, Bruenn et al. 2013, Burrows 2013). Thus, simulations of explosive
nucleosynthesis usually need to generate a shock wave at a certain “mass cut” via the introduction of
thermal or kinetic energy. The final kinetic energy of explosion E and the mass cut that separates the
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Figure 1
Abundance distribution against an enclosed mass Mr before (a, c) and after (b, d) an explosion of a Population (Pop) III 20-M! star with
E51 = 1 (a, b) and solar metallicity 20-M! star with E51 = 1 (c, d). A Pop III star is more compact. Thus, compared with a solar
metallicity star, each layer is more extended in mass. The ejected Fe is explosively synthesized in the Si and O layers with Ye ∼ 0.5 in
the progenitor star.

collapse is successfully transformed into an explosion, stellar materials undergo shock heating
and explosive nucleosynthesis. In “explosive nuclear burning,” the timescale of the main nuclear
reaction is shorter than the hydrodynamical timescale of an expansion.

The mechanism of transformation from collapse to explosion is not fully understood (e.g.,
Janka 2012, Kotake et al. 2012, Bruenn et al. 2013, Burrows 2013). Thus, simulations of explosive
nucleosynthesis usually need to generate a shock wave at a certain “mass cut” via the introduction of
thermal or kinetic energy. The final kinetic energy of explosion E and the mass cut that separates the
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