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Neutron Abundance

Let us now compute the neutron-proton ratio. Neutrons and protons can be converted into
each other via weak interaction:

p + e− ↔ n + νe

p + ν̄e ↔ n + e+

n ↔ p + e− + ν̄. (294)

When mp,mn " T and the nucleons are in a non-relativistic regime (E = m + p2/2m), we use
the appropriate portion of eq. (276):
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e(mn−mp)/T ≈ eQ/T , (295)

where we have used mp/mn ≈ 1 and defined Q ≡ mn−mp = 1.293 MeV. The equation above states
that at high temperatures T " Q, there are as many neutrons as protons. As the temperature
drops beneath 1 MeV, the neutron fraction goes down. If these weak interactions were efficient
enough to maintain equilibrium, the proton-neutron ratio in eq. (295) would grow to infinity, which
means that the abundance of neutrons relative to protons would be negligible. However, this is not
the case (as clearly as we are here!).

To enable a clearer analysis of neutron-proton interaction, define a ratio of neutrons to total
nucleons:

Xn ≡
nn

nn + np
. (296)
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n , so
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Let us now track the evolution of Xn in the weak reaction where neutron and proton convert
into each other and produce leptons [first two reactions in eq. (294)]. In terms of the Boltzmann
equation and the format of reaction 1 + 2 → 3 + 4, 1 = neutron, 3 = proton, 2,4 = leptons in

complete equilibrium (nl = n(0)
l ). The Boltzmann equation [eq. (280)] then reads:
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From eq. (295), we have that n(0)
n

n(0)
p

= e−Q/T . Also, we define

λnp ≡ n(0)
l 〈σv〉, (299)
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平衡が切れる  
(T ~ 0.7 MeV)

時間~ 300 sec~200 sec~ 2 sec ~ 900 sec

中性子の寿命元素合成

ANRV326-NS57-15 ARI 14 September 2007 15:32

This review begins with a synopsis of the physics relevant to a description of
the early evolution of the Universe at the epoch of primordial nucleosynthesis, and
with an outline of the specific nuclear and weak-interaction physics of importance for
BBN—in the standard model as well as in the context of some very general extensions
of the standard models of cosmology and/or particle physics. Having established the
framework, we then present our predictions of the relic abundances of the nuclides
synthesized during BBN. Next, the current status of the observationally inferred relic
abundances is reviewed, with an emphasis on the uncertainties associated with these
determinations. The predicted and observed abundances are then compared to test
the internal consistency of the standard model and to constrain extensions beyond the
standard model. Observations of the cosmic microwave background radiation (CMB)
temperature fluctuations and of the large scale structure (LSS) provide probes of the
physics associated with the later evolution of the Universe, complementary to that
provided by BBN. The parameter estimates/constraints from BBN and the CMB
are compared, again testing the consistency of the standard model and probing or
constraining some classes of nonstandard models.

2. A SYNOPSIS OF BIG BANG NUCLEOSYNTHESIS
The Universe is expanding and filled with radiation. All wavelengths, those of the
CMB photons as well as the de Broglie wavelengths of all freely expanding massive
particles, are stretched along with this expansion. Therefore, although the present
Universe is cool and dilute, during its early evolution the Universe was hot and dense.
The combination of high temperature (average energy) and density ensures that col-
lision rates are very high during early epochs, guaranteeing that all particles, with
the possible exception of those that have only gravitational strength interactions,
were in kinetic and thermal equilibrium at sufficiently early times. As the Universe
expands and cools, interaction rates decline and, depending on the strength of their
interactions, different particles depart from equilibrium at different epochs. For the
standard, active neutrinos (νe , νµ, ντ ), this departure from equilibrium occurs when
the Universe is only a few tenths of a second old and the temperature of the photons,
e± pairs, and neutrinos (the only relativistic, standard model particles populated at
that time) is a few MeV. Note that departure from equilibrium is not sharp and colli-
sions among neutrinos and other particles continue to occur. When the temperature
drops below T ! 2–3 MeV, the interaction rates of neutrinos with CMB photons and
e± pairs become slower than the universal expansion rate (as measured by the Hubble
parameter H), and the neutrinos effectively decouple from the CMB photons and
e± pairs. However, the electron neutrinos (and antineutrinos) continue to interact
with the baryons (nucleons) via the charged-current weak interactions until the Uni-
verse is a few seconds old and the temperature has dropped below ∼0.8 MeV. This
decoupling, too, is not abrupt; the neutrinos do not “freeze out” (see Figure 1).

Indeed, two-body reactions among neutrons, protons, e±, and νe (ν̄e ) continue
to influence the ratio of neutrons to protons, albeit not rapidly enough to allow the
neutron-to-proton (n/p) ratio to track its equilibrium value of n/p = exp(−#m/T ),
where the neutron-proton mass difference is #m = mn − mp = 1.29 MeV. As a result,
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288 第 12 章 Big Bang 元素合成

によって平衡状態（熱平衡，化学平衡）にある．このとき，温度は kT > 数MeV 程度であ
る．陽子や中性子は非相対論的粒子であるので，１粒子分布関数に対して Boltzmann近似
で適用でき，中性子数に対する陽子数の比は Boltzmann因子で表される：

n

p
≈ exp

(

− ∆mc2

kT

)

∆mc2 = (mn −mp)c
2 = 1.293 MeV (12.53)

温度に相当するエネルギー kT は，まだ質量の差より大きいので，比の値は n/p ∼ 1 であ
る．（ここで nは中性子の数密度 Nn の意味であるが，元素合成では，中性子，陽子，原子
核の記号で数密度を表すことが多い．）

t ≈ 1s
宇宙の膨張により温度は下がり kT < ∆mc2 になる．中性子と陽子を互いに変換する弱い
相互作用による２体反応 (12.51)の反応率が宇宙の膨張率より小さくなるため，中性子と陽
子の相互変換反応が起こらなくなる（ニュートリノの脱結合）．その結果，この時点で中性
子と陽子の比は，中性子と陽子は質量の差 ∆mc2 によって決定され，

n

p
= exp

(

− ∆mc2

kTfr

)

≈ 1
6

(12.54)

に固定される（添字 frは freeze-out の意）．
この比の値は，我々が知っている４種類の相互作用の強さに依存している．中性子と陽

子の質量の差は強い相互作用と電磁相互作用に依存する．一方，温度 Tfr は弱い相互作用と
重力の相互作用に依存している．(12.51) の反応断面積は弱い相互作用の強さの２乗に比例
し，宇宙の膨張率，及び，それを通しての弱い相互作用の反応率には重力相互作用の強さが
重要な役割を果たしている．
他の粒子との相互作用が切れたニュートリノは，それ以降も Fermi分布を保ったまま，宇

宙の膨張とともに温度が低下していく．現在の温度 ≈ 1.9 Kは宇宙背景放射の温度 2.7 Kよ
り低い．これは，ニュートリノの脱結合以降に起こる電子と陽電子の対消滅によって，フォ
トンが多少加熱されるからである．

t > 1s：中性子の崩壊
中性子の数密度を変化させるのは，中性子のベータ崩壊（(12.52)が右向きに進む ）である．
一方，重陽子（D = 2H）の生成

p + n ←→ D + γ (12.55)

は中性子を原子核の中に取り込むことによって中性子数を保存する．左から右への反応は発
熱反応であり，放出されるエネルギーは重陽子の結合エネルギー B(D) = 2.23 MeV であ
る．温度が十分低下するまで，上の反応は平衡状態にあり，生成された重陽子は光分解され
てしまう．右向きの反応が進行するのは，温度が kT ≈ 0.1 MeV まで低下してからであり，
これは宇宙誕生から約 100秒後である．中性子の平均寿命は τn = 882 s であるので，元素

- 光子のエネルギーが下がった後 
  (T ~ 0.1 MeV) 
- 中性子が崩壊する前

* Dの束縛エネルギー ~ 2 MeV  
   (photon/proton ~ 1010)

最初の反応

n/p ~ 1/6 n/p ~ 1/7

(少し崩壊)



h"p://hyperphysics.phy-astr.gsu.edu/hbase/Astro/bbnuc.html

質量数5,8の安定な原子核は存在しない
次に重い元素ができるのは4He x 3が起きる星の中 

（ビッグバンでは密度が低くて起きない）

中性子は全てヘリウムへ 
(n/p ~ 1/7)

Y =
(nn/2)(2mp + 2mn)

npmp + nnmn
⇠ 0.25

宇宙の組成と一致
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(C: Essay Web)

星の一生
軽い星 赤色巨星

惑星状星雲

白色矮星

星間空間

重い星
赤色超巨星

超新星爆発
中性子星

ブラックホール図の大きさは天体の大きさと一致していません



元素はいかにつくられたか（岩波書店）



1-6 Msun: AGB段階などでの質量放出 (Karakas 2010, MNRAS, 403, 1413) 

> 10 Msun: 超新星爆発 (Kobayashi et al. 2006, ApJ, 653, 1145)

恒星からの質量放出
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低質量星におけるs-process

元素はいかにつくられたか（岩波書店）

12

3 4

1 He層とH層の底で殻燃焼 

2 Heが多くなる  

  => 暴走的反応 (フラッシュ) 

3 対流が発達 => 外層が混ざる 

   + ヘリウム層に水素を供給 

4 ヘリウム層で以下の反応 

　13Cができる => 4Heと反応 

　=> 中性子 (s-process)

中性子を作る主なプロセス

At low temperatures (T < 8 × 106 K) the rates of all reactions should be calculated separately to
obtain the energy generation rate and the changes in abundances. In particular, the 3He+ 3He reaction
is quite slow and a substantial abundance of 3He can accumulate before further reactions occur. For
T ∼> 8 × 106 K all reactions in the chain are fast enough that they reach a steady state, where once a
D nucleus is produced by the first, very slow reaction, all successive reactions proceed very quickly
until 4He is formed. The nuclear lifetimes (eq. 6.39) of the intermediate nuclei D, 3He, 7Li, etc,
are very short compared to the overall nuclear timescale, and their abundances are very small. The
overall rate of the whole reaction chain is then set by the rate of the bottleneck p-p reaction, rpp. In
this steady-state or ‘equilibrium’ situation the rate of each subsequent reaction adapts itself to the pp
rate.1 The energy generation rate (given by the sum of energies released by each reaction, eq. 6.37)
can then be expressed in a single term of the form (6.33), i.e. εnuc = QHrpp/ρ where QH is the total
energy released in the whole chain (6.44). The above expression applies to the pp2 and pp3 chains,
which each require one p-p reaction to complete. For the pp1 chain two p-p reactions are needed and
therefore in that case εnuc = 1

2QHrpp/ρ. Expressing rpp in terms of the cross section factor 〈συ〉pp and
the hydrogen abundance X, we can compute the energy generation rate for hydrogen burning by the
combination of pp chains as

εpp = ψ qHX2
ρ

mu
〈συ〉pp, (6.47)

where qH = QH/4mu is the total energy release per gram of hydrogen burning and ψ is a factor be-
tween 1 (for the pp1 chain) and 2 (for the pp2 and pp3 chains), depending on the relative frequency of
the chains. Both ψ and qH therefore depend on the temperature, because the three chains have differ-
ent neutrino losses. The overall temperature dependence of εpp is dominated by the T -dependence of
〈συ〉pp and is shown in Fig. 6.5. The pp chain is the least temperature-sensitive of all nuclear burning
cycles with a power-law exponent ν (eq. 6.30) varying between about 6 at T6 ≈ 5 and 3.5 at T6 ≈ 20.

The CNO cycle

If some C, N, and O is already present in the gas out of which a star forms, and if the temperature
is sufficiently high, hydrogen fusion can take place via the so-called CNO cycle. This is a cyclical
sequence of reactions that typically starts with a proton capture by a 12C nucleus, as follows:

12C + 1H→ 13N + γ
13N→ 13C + e+ + ν

13C + 1H→ 14N + γ
14N + 1H→ 15O + γ

15O→ 15N + e+ + ν
15N + 1H→ 12C + 4He

!

→ 16O + γ
16O + 1H→ 17F + γ

17F→ 17O + e+ + ν
17O + 1H→ 14N + 4He

"

(6.48)
1For example, if we denote by rpD the rate of 2H + 1H, one has rpD = rpp, etc. Note that describing the p-p reaction as

‘slow’ and the 2H + 1H as ‘fast’ refers to the difference in cross-section factors 〈συ〉 and not to the number of reactions per
second r given by eq. (6.8).
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　 13C+4He → 16O+n （7.5）
22Ne+4He → 25Mg+n （7.6）

式（7.5）は約 8×107 K以上，（7.6）は約 2.5×108 K以上で起き

る．したがって，中性子捕獲反応プロセスは，恒星の進化にお

けるヘリウム燃焼過程で起きていると考えられる（第 1章参照）．

これらのヘリウム捕獲反応により得られる中性子密度は 107～

1011 cm 3 程度であり，このときの核種（鉄など）による中性子

捕獲の寿命は数年～数千年程度と非常に長い．その結果，中性

子捕獲反応はゆっくりと進行するので，slowの sをとって「sプ

ロセス」と呼ばれる．

第 1章で述べたように，ヘリウム燃焼過程には 2つの種類が

ある．1つは，恒星の中心で水素が燃え尽きた後に起きるヘリ

ウムコア燃焼である．10 M 以上の大質量星では，ヘリウムコ

ア燃焼の最終段階で中心温度が約 3×108 Kに達し，式（7.6）の
反応が起こりうる．もう 1つは，恒星の中心でヘリウムが燃え

尽きた後に形成される C+Oコアの周りで起きるヘリウム殻燃

焼である．1～8 M の低中質量星は進化の最後にこの段階に達

し，赤色巨星（AGB星）となる．このとき，ヘリウム燃焼殻の温

度は 1×108 K程度になり，式（7.5）の反応が起こりうる．

それでは，一体どちらのヘリウム燃焼過程で主に sプロセス
が起きているのであろうか．実は，sプロセスの理論が確立す

るはるか前に，観測によりその答えは得られていた．多くの赤

色巨星の表面に，テクネチウム（Tc）を含む，鉄より重い元素が

見つかったのである．テクネチウム（原子番号 43）は安定核種を

もたないため，太陽系には存在しない絶滅核種である．中性子

捕獲反応プロセスでつくられる 99Tcの半減期は約 20万年であ

T > 8 x 107 K



CNO cycle
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1For example, if we denote by rpD the rate of 2H + 1H, one has rpD = rpp, etc. Note that describing the p-p reaction as

‘slow’ and the 2H + 1H as ‘fast’ refers to the difference in cross-section factors 〈συ〉 and not to the number of reactions per
second r given by eq. (6.8).
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13Cが残りやすい

核融合しているヘリウム層に 
新しく水素が供給されることが重要 
(AGB星のユニークな点)



Figure 1. Comparison of AGB model predictions, computed on the basis of a stellar stucture
with initial 1.3 M� and [Fe/H]=�1.3, to the composition of the post-AGB star J004441.04-
732136.4 [46]. The dotted black line represents the results obtained introducing a 13C pocket
resulting from the mixing an exponentially decreasing proton profile over a mass of 0.002 M�
and with a parametric TDU of 0.0096 M�. The TDU is fixed to match the observed [La/Fe]
ratio. The colored lines represent the results obtained by artificially ingesting in the third-last
TP a mass of protons between 2.9 and 5.8 (in units of 10�6 M�), and with a parametric TDU
between 5.1 and 27 (in units of 10�4 M�).

Due to hot bottom burning, massive AGB stars represent one of the most popular candidate
to explain the O, Na, Mg, and Al composition of the di↵erent populations in GC stars [44].
However, variations in these elements are not accompanied by any variations in s-process
elements, not even Rb. This s-process constraint can be matched only if massive AGB models
are evolved using a strong mass loss [9]. However, as discussed above, direct observations
of Rb appear to require a weaker mass loss [8]. This may indicate that massive AGB stars
evolved di↵erently in GCs than in the field, perhaps due to di↵erent binary properties of the
stellar population, a↵ecting the stellar lifetime [45]. This needs to be investigated via stellar
population synthesis models.
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観測からの制限
最初の証拠 
Tc (Z = 43, 安定核種がない元素) 
(Merrill 1952)

post-AGB
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site. More recent works focus on the late chemical evolution in the Milky Way. The ratio of r-process
elements to Fe, [Eu/Fe], declines for [Fe/H]> �1, where [X/Y] = log

10
(NX/NY)� log

10
(NX/NY)�,

NX is the abundance of an element X, and � refers to the solar value. It has been questioned
whether such a behavior is consistent with the expected merger history in the Milky Way (Côté
et al., 2016; Komiya & Shigeyama, 2016).

Our goal in this article is twofold. First we summarize the cumulative evidences supporting
that r-process nucleosynthesis takes place in rare events in which a significant amount of r-process
elements are produced in each event. Using the rate and mass ejection per event inferred from
these measurements, we test the neutron star merger scenario for the origin of r-process elements in
the cosmos. This evidence clearly rules out the normal cc-SNe scenario. Moreover, the rate agrees
with merger estimates from galactic binary neutron stars, from sGRBs, and from GW170817. At
the same time the amount of matter is consistent with the kilonova/macronova, AT2017gfo, and
the candidates associated with cosmological sGRBs. Second, we turn to the Galactic chemical
evolution of r-process elements at later times [Fe/H]& �1 and discuss whether the neutron star
merger scenario can consistently explain the observed distribution of [Eu/Fe].

2 r-process production rate, sGRBs, and GW170817
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Figure 1: The solar abundance pattern of r-process elements (left) and its cumulative abundance
(right). The solar r-process abundance pattern is taken from Goriely (1999); Lodders (2003).

Before discussing details, we describe here the r-process abundance pattern. Figure 1 shows the
solar abundance pattern of r-process elements taken from (Goriely, 1999; Lodders, 2003). There are
three peaks. For the solar abundance pattern, most of the mass of r-process elements (⇠ 80%) is
around the first peak. However, the abundance ratio of the first peak to the second peak of extreme
metal poor stars, of which the abundance pattern likely reflects a single nucleosynthesis event, is
often di↵erent from that of the solar pattern. Some of these stars exhibit abundance patterns beyond
the second peak (heavy r-process) that are similar to the solar pattern. However, they don’t contain
similar amounts of the first peak elements as compared with expectations from the solar abundance
pattern (e.g. Sneden et al. 2008 and references therein). At the same time, there are stars that
contain a substantial amount of the first peak elements but do not show a significant enrichment of
heavy r-process elements (e.g. Honda et al. 2006). This suggests that the ratio between “heavy” and
“light” r-process abundances varies among events or there may be di↵erent kinds of astrophysical
phenomena producing “light” and “heavy” r-process elements. For instance, electron capture and
cc-SNe could produce a su�cient amount of “light” r-process elements (e.g. Roberts et al. 2010;
Wanajo et al. 2011). Therefore, it is important to keep in mind that it is unclear what the minimal
atomic mass number of elements produced by r-process events is.

Since rate estimates of r-process events are sensitive to the minimal atomic mass number as-
sumed, we consider here two scenarios in which an astrophysical phenomenon predominantly pro-
duces (i) all the r-process elements (Amin = 69) and (ii) only heavy r-process elements (Amin = 90).
The mass fractions of the lanthanides out of the total r-process elements for these two cases are
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Figure 1: The solar abundance pattern of r-process elements (left) and its cumulative abundance
(right). The solar r-process abundance pattern is taken from Goriely (1999); Lodders (2003).

Before discussing details, we describe here the r-process abundance pattern. Figure 1 shows the
solar abundance pattern of r-process elements taken from (Goriely, 1999; Lodders, 2003). There are
three peaks. For the solar abundance pattern, most of the mass of r-process elements (⇠ 80%) is
around the first peak. However, the abundance ratio of the first peak to the second peak of extreme
metal poor stars, of which the abundance pattern likely reflects a single nucleosynthesis event, is
often di↵erent from that of the solar pattern. Some of these stars exhibit abundance patterns beyond
the second peak (heavy r-process) that are similar to the solar pattern. However, they don’t contain
similar amounts of the first peak elements as compared with expectations from the solar abundance
pattern (e.g. Sneden et al. 2008 and references therein). At the same time, there are stars that
contain a substantial amount of the first peak elements but do not show a significant enrichment of
heavy r-process elements (e.g. Honda et al. 2006). This suggests that the ratio between “heavy” and
“light” r-process abundances varies among events or there may be di↵erent kinds of astrophysical
phenomena producing “light” and “heavy” r-process elements. For instance, electron capture and
cc-SNe could produce a su�cient amount of “light” r-process elements (e.g. Roberts et al. 2010;
Wanajo et al. 2011). Therefore, it is important to keep in mind that it is unclear what the minimal
atomic mass number of elements produced by r-process events is.

Since rate estimates of r-process events are sensitive to the minimal atomic mass number as-
sumed, we consider here two scenarios in which an astrophysical phenomenon predominantly pro-
duces (i) all the r-process elements (Amin = 69) and (ii) only heavy r-process elements (Amin = 90).
The mass fractions of the lanthanides out of the total r-process elements for these two cases are
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is still not clear that multiple sites are required for r-process nucleosynthesis or what the sites for
these various mass ranges of n-capture elements observed in the halo stars might be.

7. EARLY GALACTIC NUCLEOSYNTHESIS

7.1. Some Trends with Metallicity

Large-sample surveys of halo stars with large metallicity ranges are providing new clues about the
nature and extent of n-capture nucleosynthesis in the early Galaxy. Abundance signatures of these
elements can help to identify the parameters of the first stars—long since gone—and the sites for
r- and s-process nucleosynthesis (Cowan & Sneden 2006). There are many ways to approach this
issue. We begin in Figure 14 by contrasting the abundance behavior as a function of metallicity
of the α element Mg and the n-capture element Eu. Only large stellar samples are employed for
these correlations; the literature sources are listed in the figure caption.
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Figure 14
[Mg/Fe] and [Eu/Fe] abundances as a function of [Fe/H] metallicity for halo and disk stars. For this figure
the data have been taken only from large-sample surveys: Fulbright (2000); Reddy et al. (2003); Cayrel et al.
(2004); Cohen et al. (2004); Simmerer et al. (2004); Barklem et al. (2005, red points); Reddy, Lambert &
Allende Prieto (2006); François et al. (2007). In both panels the dotted lines represent the Solar abundance
ratios. In panel b, the solid red line is a least-square fit to the Eu data, and the two dashed black lines indicate
the approximate extent of the Eu/Fe data (similar to Cowan & Thielemann 2004).
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of the α element Mg and the n-capture element Eu. Only large stellar samples are employed for
these correlations; the literature sources are listed in the figure caption.
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元素の起源と宇宙の化学進化：まとめ

• 元素の起源 

• ビッグバン元素合成: H, He, Li 

• 宇宙線による破砕反応: Li, Be, B 

• 恒星内部: C-Fe 
(AGB星、重力崩壊型超新星、核爆発型超新星) 

• 中性子捕獲: > Fe 
s-process: 低・中質量星 (AGB星) 
r-process: 中性子星合体 or 超新星 

• 銀河系の星の観測による検証
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リチウム問題 (7Li)
No. 2, 2009 LITHIUM ABUNDANCES OF EXTREMELY METAL-POOR TURNOFF STARS 1809

Figure 3. Li abundances as a function of [Fe/H]. The results of the present
work are plotted by filled circles with error bars. The open triangles and
squares indicate the results by Asplund et al. (2006) and Bonifacio et al. (2007),
respectively. Large open circles are overplotted for subgiant stars (log g < 4.0).

smaller than, the measurement errors of our analysis (0.07–
0.23 dex). Hence, we do not detect any significant scatter of
the Li abundances in our sample of EMP stars. The 〈A(Li)〉 is
lower by 0.24 dex and 0.20 dex than the average of our two
reference stars (2.27) and the average of the results of the LTE
analysis by Asplund et al. (2006) for six stars in −2.5 < [Fe/
H] < −2.0 (2.23), respectively. The difference of 0.2 dex is
significant, compared to the σN−1/2 = 0.09/

√
8 = 0.03 dex,

where N is the number of objects in the EMP sample. We note
that the Li abundances for stars in −2.5 < [Fe/H] < −2.0 are
well determined by Asplund et al. (2006), and the scatter is
small (σ = 0.04 dex and σN−1/2 = 0.02 dex). We conclude that
the Li abundances for stars with [Fe/H] < −3 are 0.2 dex lower
than those of stars with higher metallicity on average, while no
significant scatter or trend with metallicity is detected in our
EMP sample. A similar conclusion was reached by Bonifacio
et al. (2007); our new measurements for stars in the lowest
metallicity range support their results.

Such a difference can obviously be produced by a decreasing
trend (slope) of A(Li) as a function of metallicity. The possible
slope of A(Li) was discussed by Bonifacio et al. (2007) in detail.
However, no clear physical reason for the slope, which appears
only at the lowest metallicity range, has yet been identified.
Another possibility is that scatter of A(Li) increases in the range
[Fe/H] < −3, and, as a result, the average decreases. This case
would be relatively easily explained by depletion of Li, although
some reason for the metallicity dependence of the depletion is
also required.

If the effective temperatures estimated from the (V − K)0
colors using the scales of Ramı́rez & Meléndez (2005b) and
González Hernández & Bonifacio (2009) are employed, the
Li abundances of our stars would be systematically higher.
The effective temperatures derived using the scale of González
Hernández & Bonifacio (2009) are systematically higher by
220 K and 150 K than the values from the Balmer line analysis
for EMP stars and for stars with [Fe/H] ∼ −2.3, respectively,
resulting in 0.15 dex and 0.10 dex higher Li abundances.
Although the difference of Li abundances between the EMP stars
and less metal-poor stars becomes slightly smaller than the result
derived adopting the effective temperature from the Balmer line
analysis, the difference is still significant. By contrast, if the
effective temperatures estimated using the scales of Ramı́rez &
Meléndez (2005b) are adopted, the values are 290 K and 150 K

Figure 4. Li abundances as a function of effective temperature. The results of
the present work are plotted by circles, while the triangles and squares indicate
the results by Asplund et al. (2006) and Bonifacio et al. (2007), respectively.
The filled symbols indicate stars having [Fe/H] ! −3.0. Large open circles are
overplotted for subgiant stars. The effect of δTeff = ±100 K in the analysis on
the Li abundance is shown by the arrow.

Figure 5. Li abundances as functions of [Na/Fe], [Mg/Fe], and [Sr/Fe] for our
sample. The filled circles indicate stars having [Fe/H] ! −3.0. The upper limit
of the Sr abundance of CD −24◦17504 ([Sr/Fe] < −0.9) is not plotted in this
figure.

higher than those from the Balmer lines, resulting in 0.20 dex
and 0.10 dex higher Li abundances. In this case, the difference of
Li abundances between the stars with [Fe/H] < −3 and >−2.5
is only 0.1 dex, which is no longer significant compared to our
measurement errors.

4.2. Correlations with Stellar Parameters, Elemental
Abundances, and Kinematics

Although no statistically significant scatter of A(Li) is found
for our full EMP sample, within our measurement errors, the
existence of some star-to-star differences in A(Li) is suggested.
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ABSTRACT

We have determined Li abundances for eleven metal-poor turnoff stars, among which eight have [Fe/H] < −3,
based on LTE analyses of high-resolution spectra obtained with the High Dispersion Spectrograph on the Subaru
Telescope. The Li abundances for four of these eight stars are determined for the first time by this study. Effective
temperatures are determined by a profile analysis of Hα and Hβ. While seven stars have Li abundances as high
as the Spite Plateau value, the remaining four objects with [Fe/H] < −3 have A(Li) = log(Li/H) + 12 ! 2.0,
confirming the existence of extremely metal-poor (EMP) turnoff stars having low Li abundances, as reported by
previous work. The average of the Li abundances for stars with [Fe/H] < −3 is lower by 0.2 dex than that of the
stars with higher metallicity. No clear constraint on the metallicity dependence or scatter of the Li abundances is
derived from our measurements for the stars with [Fe/H] < −3. Correlations of the Li abundance with effective
temperatures, with abundances of Na, Mg, and Sr, and with the kinematical properties are investigated, but no clear
correlation is seen in the EMP star sample.
Key words: nuclear reactions, nucleosynthesis, abundances – stars: abundances – stars: Population II

1. INTRODUCTION

Over the course of the past few decades, Li abundances have
been measured for many metal-poor main-sequence turnoff
stars, in hopes of placing constraints on the nature of big
bang nucleosynthesis (BBN). The first such investigation, by
Spite & Spite (1982), revealed that warm metal-poor main-
sequence stars exhibited a constant Li abundance. This so-
called Spite Plateau was interpreted as a result of the synthesis
of light nuclei in the first several minutes of the evolution
of the universe (it is conventionally assumed that Li is not
destroyed at the surface of such stars because of their shallow
surface convection zones). Since then, measurements of Li
abundances have been obtained over wide ranges of effective
temperature and metallicity, confirming that the scatter of the Li
abundances in most stars with Teff > 5700 K and [Fe/H] < −1.5
is small, if present at all (Ryan et al. 1999, and references
therein).10

However, it has been recognized that the Spite Plateau value
of A(Li) (∼2.2) is 0.3–0.4 dex lower than the Li abundance
predicted by standard BBN models (Coc et al. 2004), adopting
the baryon density determined by recent measurements of
the cosmic microwave background (CMB) radiation with the
WMAP satellite (Spergel et al. 2003). This discrepancy indicates

∗ Based on data collected at the Subaru Telescope, which is operated by the
National Astronomical Observatory of Japan.
9 Current address: Department of Physics, Kyoto University, Oiwake-cho,
Kitashirakawa, Sakyo-ku, Kyoto 606-8502, Japan;
inoue@tap.scphys.kyoto-u.ac.jp
10 [A/B] = log(NA/NB) − log(NA/NB)%, and log εA = log(NA/NH) + 12 for
elements A and B. Lithium abundances are conventionally presented as A(Li)
instead of log εLi.

the existence of poorly understood processes that deplete Li in
metal-poor turnoff stars (e.g., Korn et al. 2006, 2007), astration
of Li in the gas that formed these stars (perhaps by massive
zero-metallicity progenitors; Piau et al. 2006), problems in
the measured abundances of Li in metal-poor stars, systematic
uncertainties in the standard BBN model predictions, or exotic
processes in the early universe arising from nonstandard particle
physics (Cyburt et al. 2008 and references therein).

Recent measurements of very metal-poor turnoff stars also
suggest a decreasing trend of Li abundances with decreasing
metallicity (Ryan et al. 1996, 1999; Boesgaard et al. 2005;
Asplund et al. 2006). In particular, Bonifacio et al. (2007) in-
vestigated the Li abundances for a sample that includes eight
stars with [Fe/H] < −3. They showed that the Li abundances
of these stars are lower than those of stars with higher metal-
licity, investigating very carefully the scatter and trend of Li
abundances with metallicity and effective temperature.

Another unsolved problem is the low Li abundance found
in HE 1327–2326, a hyper metal-poor turnoff star having
[Fe/H] < −5 (Frebel et al. 2005; Aoki et al. 2006). Only
an upper limit on the Li abundance has been determined,
A(Li) < +0.62 (Frebel et al. 2008). Although the star has
probably evolved to the subgiant branch (Korn et al. 2009),
the effective temperature of this object (6180 K; Frebel et al.
2005) is still sufficiently high that depletion of Li by surface
convection is not expected. Another possible explanation for
the apparent depletion of Li is mass accretion from an evolved
companion star (Ryan et al. 2002), in particular because this star
is highly carbon enhanced ([C/Fe] ∼ +4.0; Aoki et al. 2006).
However, no signature of binarity has been found yet for this
object (Frebel et al. 2008).
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John E. Norris7, and Daniela Carollo7,8

1 National Astronomical Observatory, Mitaka, Tokyo 181-8588, Japan; aoki.wako@nao.ac.jp
2 Department of Astronomical Science, The Graduate University of Advanced Studies, Mitaka, Tokyo 181-8588, Japan

3 Department of Physics and Astronomy, Uppsala University, Box 515, 751-20 Uppsala, Sweden; Paul.Barklem@physics.uu.se
4 Department of Physics and Astronomy, CSCE (Center for the Study of Cosmic Evolution), and JINA (Joint Institute for Nuclear Astrophysics), Michigan State

University, East Lansing, MI 48824-1116, USA; beers@pa.msu.edu
5 University of Heidelberg, ZAH, Landessternwarte Königstuhl 12, D-69117 Heidelberg, Germany; N.Christlieb@lsw.uni-heidelberg.de

6 Centre for Astrophysics Research, STRI and School of Physics, Astronomy and Mathematics, University of Hertfordshire, College Lane, Hatfield AL10 9AB, UK;
a.e.garcia-perez@herts.ac.uk

7 Research School of Astronomy and Astrophysics, The Australian National University, Mount Stromlo Observatory, Cotter Road, Weston, ACT 2611, Australia;
jen@mso.anu.edu.au, carollo@mso.anu.edu.au

8 INAF-Osservatorio Astronomico di Torino, 10025 Pino Torinese, Italy
Received 2008 November 26; accepted 2009 April 13; published 2009 June 4

ABSTRACT

We have determined Li abundances for eleven metal-poor turnoff stars, among which eight have [Fe/H] < −3,
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as the Spite Plateau value, the remaining four objects with [Fe/H] < −3 have A(Li) = log(Li/H) + 12 ! 2.0,
confirming the existence of extremely metal-poor (EMP) turnoff stars having low Li abundances, as reported by
previous work. The average of the Li abundances for stars with [Fe/H] < −3 is lower by 0.2 dex than that of the
stars with higher metallicity. No clear constraint on the metallicity dependence or scatter of the Li abundances is
derived from our measurements for the stars with [Fe/H] < −3. Correlations of the Li abundance with effective
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Rebolo et al. (1988), Chen et al. (2001), and Boesgaard et al.
(2001).

3.3. Error Estimates

We have estimated the uncertainty in the Be abundances from
the errors of the stellar parameter determinations and from the
accuracy of the spectrum synthesis fits. To do this we have used
the Kurucz (1993) grid models at temperatures of 5750, 6000,
6250, and 6500 K, log g values of 4.0 and 4.5, and a range in
[Fe/H] values: +0.10, 0.00,!0.10,!0.20,!0.30,!0.50,!1.00,
!1.50,!2.00,!2.50, and!3.00.We have tested the dependency
on A(Be) of the microturbulence parameter, !, by running mod-
els with 2.0, 1.5, and 1.25 km s!1. Here is a brief summary: an
error of "80 K in TeA gives an error in A(Be) of 0.01 (except
there is no change from 6000 to 6250 K at log g of 4.5); an error
of"0.10 in [Fe/H] gives an error of 0.03–0.04 in A(Be) (except
at low [Fe/H], where a change of 0.5 in [Fe/H] gives an error
of 0.01); and an uncertainty in log g of "0.2 produces errors in
A(Be) from 0.07 (at the high temperature) to 0.10 (at the lower
temperatures in our models); a change in 0.25 km s!1 in ! is
typically"0.00–0.02 in A(Be). Thus the typical errors in A(Be)
for our stars are "T # 0:01, "Fe # 0:02, "! # 0:01, but "log g #
0:10. The accuracy of the spectrum synthesis fits is estimated
from how large a change inA(Be) can still represent the observed
spectrum with adjustments in the continuum (which is partly
determined by the S/N of the spectrum) and Gaussian smoothing
in the synthetic spectra. This is typically 0.05–0.06 dex, but it is
0.12 dex in G64-37, which has a S/N of only 87. The final errors
(added in quadrature) for each star are given in Table 3.

In addition, there may be uncertainties resulting from effects
due to one-dimensional versus three-dimensional models, as dis-
cussed by Primas et al. (2000a). According to the work of Garcı́a
López et al. (1995) and Kiselman & Carlsson (1996), non-LTE
effects are found to be insignificant for Be.

4. RESULTS AND DISCUSSION

The Be abundances determined here can be compared to those
in the literature. For HR 8888we find A(Be) ¼ þ1:38" 0:10, in
excellent agreement with 1:44" 0:13 in Boesgaard et al. (2001)
fromCanada-France-Hawaii TelescopeGecko data. ForHD94028
we derive a value for A(Be) of +0:51" 0:12, agreeing with
0:54" 0:08 determined by Boesgaard et al. (1999a) from Keck
High Resolution Echelle Spectrometer (HIRES) data.

Figure 7 plots A(Be) versus [Fe/H] for a larger sample of
stars from several sources to put our results in context. In order
to make meaningful comparisons the data shown are all on the

same temperature scale, use Kurucz (1993) models, and use the
same line list for the spectrum synthesis; they are results from
Boesgaard et al. (1999a) and Boesgaard (2000, 2004). Three of
the lowest metallicity stars (open squares) are from Primas et al.
(2000a, 2000b), who also used Kurucz models and our tem-
perature scales. Our stars are superposed on the plot as filled
squares. The five stars with ½Fe/H' > !1:10 fit well in the con-
text of the relationship between Be and Fe. The large square in
the top right is our value for HR 8888. Our large square labeled
HD 94028 is offset a small amount from the circle below it from
the Boesgaard et al. (1999a) value. Our result is a confirmation
of the high Be abundance found earlier. It also indicates that
the spread in A(Be) at this metallicity (½Fe/H' # !1:5) is real;
Boesgaard et al. (1999a) remarked in their discussion of this star
that its high Be abundance might indicate an intrinsic disper-
sion in Be at a given Fe. Two other stars, HD 132475 and the

TABLE 3

Abundances

Star

TeA
(K)

[Fe/H]

(dex)

A(Li)

(dex) Li Referencea
A(Be)

(dex)

"
(Be)

(dex)

HD 94028 ..................... 5907 !1.54 2.25 BN 0.51 0.12

G64-37 .......................... 6233 !3.20 2.06 BN !1.30 0.19

HD 132475 ................... 5765 !1.50 2.39 BN 0.57 0.12

G21-22 .......................... 5916 !1.02 2.48 BN 0.33 0.16

HD 195633 ................... 5986 !0.88 2.15 RMB 0.66 0.11

HR 7973........................ 6339 !0.31 2.17 C01 1.02 0.10

HD 201891 ................... 5806 !1.07 1.98 BN 0.62 0.11

HR 8888........................ 6722 +0.02 3.30 B01 1.42 0.10

a BN = this work; RMB = Rebolo et al. (1988); C01 = Chen et al. (2001); B01 = Boesgaard et al. (2001).

Fig. 7.—Plot of A(Be) vs. [ Fe/H ] for this sample compared to the literature
sample. Our results are the filled squares superposed on this diagram. Circles
and triangles (upper limits) are from Boesgaard et al. (1999a) and Boesgaard
(2000, 2004). Open squares ( low-metallicity stars) are from Primas et al. (2000a,
2000b). Individual error bars on both A(Be) and [Fe/H] are shown. The hori-
zontal dotted line is the meteoritic Be abundance, A(Be) ¼ 1:42 (Grevesse &
Sauval 1998). [See the electronic edition of the Journal for a color version of this
figure.]
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（元からあった14Nと反応）

中性子を作る主なプロセス
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94 7 金はどこでつくられたか

　 13C+4He → 16O+n （7.5）
22Ne+4He → 25Mg+n （7.6）

式（7.5）は約 8×107 K以上，（7.6）は約 2.5×108 K以上で起き

る．したがって，中性子捕獲反応プロセスは，恒星の進化にお

けるヘリウム燃焼過程で起きていると考えられる（第 1章参照）．

これらのヘリウム捕獲反応により得られる中性子密度は 107～

1011 cm 3 程度であり，このときの核種（鉄など）による中性子

捕獲の寿命は数年～数千年程度と非常に長い．その結果，中性

子捕獲反応はゆっくりと進行するので，slowの sをとって「sプ

ロセス」と呼ばれる．

第 1章で述べたように，ヘリウム燃焼過程には 2つの種類が

ある．1つは，恒星の中心で水素が燃え尽きた後に起きるヘリ

ウムコア燃焼である．10 M 以上の大質量星では，ヘリウムコ

ア燃焼の最終段階で中心温度が約 3×108 Kに達し，式（7.6）の
反応が起こりうる．もう 1つは，恒星の中心でヘリウムが燃え

尽きた後に形成される C+Oコアの周りで起きるヘリウム殻燃

焼である．1～8 M の低中質量星は進化の最後にこの段階に達

し，赤色巨星（AGB星）となる．このとき，ヘリウム燃焼殻の温

度は 1×108 K程度になり，式（7.5）の反応が起こりうる．

それでは，一体どちらのヘリウム燃焼過程で主に sプロセス
が起きているのであろうか．実は，sプロセスの理論が確立す

るはるか前に，観測によりその答えは得られていた．多くの赤

色巨星の表面に，テクネチウム（Tc）を含む，鉄より重い元素が

見つかったのである．テクネチウム（原子番号 43）は安定核種を

もたないため，太陽系には存在しない絶滅核種である．中性子

捕獲反応プロセスでつくられる 99Tcの半減期は約 20万年であ

T > 2.5 x 108 K

14 N(α,γ) 18F(β+ν) 18O (α,γ) 22Ne
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Figure 2. Overabundances between 57Fe and 100Mo at core He exhaustion for
the 25 M! and [Fe/H] = 0 model. Full circles are the s-only isotopes, the
other stable isotopes are reported with open circles. The thick line indicates the
16O overabundance at He exhaustion. The initial solar composition is given by
Anders & Grevesse (1989).

provided by the 12C(12C,α)20Ne reaction. The strongest α-
capture channels are 16O(α,γ )20Ne (where 16O is the most abun-
dant species), 20Ne(α,γ )24Mg and also 22Ne(α,n)25Mg, where
the 22Ne was left in the ashes of the previous convective He-
burning core (Raiteri et al. 1991a).

Protons are provided by the 12C(12C,p)23Na reaction.
The most important p-capture channels are 23Na(p,α)20Ne,
22Ne(p,γ )23Na, 26Mg(p,γ )27Al, 17O(p,α)14N, and 25Mg(p,γ )
26Al. 12C(p,γ )13N is the most efficient proton absorber under
C-burning conditions, because of the high initial 12C abundance
and the high (p,γ ) rate. For T9 ! 0.8, however, protons captured
by 12C are immediately re-emitted and recycled by the inverse
reaction 13N(γ ,p)12C (Clayton 1968).

The 12C(12C,n)23Mg reaction provides a marginal source of
neutrons compared to 22Ne(α,n)25Mg at typical temperatures
in the C shell (Dayras et al. 1977). The 12C(12C,n)23Mg rate is
highly uncertain, and it could be activated at higher temperatures
if some residual carbon is left in more advanced evolutionary
phases and/or in explosive C-burning conditions.

For a 25 M! stellar model, the material inside 3–3.5 M! in
mass coordinate is further modified by explosive nucleosynthe-
sis and the s yields are destroyed. In few cases (e.g., 80Kr), s
isotopes are produced again in significant amount by photodis-
integration (e.g., Tur et al. 2009). On the other hand, the outer
part of the C shell is ejected unchanged by explosive nucle-
osynthesis (e.g., Woosley et al. 2002). Therefore, the s-process
contribution in this phase is crucial. Also for more massive stars
(e.g., for 30 M!) most of the s-process yields are modified by
shell C-burning. However, the 22Ne abundance left in the He
core ashes decreases with increasing initial stellar mass, reduc-
ing the relative s-process efficiency in the C shell with respect
to the He core (e.g., Prantzos et al. 1990; Käppeler et al. 1994).
In stars with lower initial mass (as in a 15 M!), only a small
fraction of the 22Ne abundance is burnt during core He-burning.
However, the typical size of the convective C shell is smaller
than in more massive stars, and most of the C shell material is
processed by the SN explosion (e.g., Woosley & Weaver 1995;
Limongi et al. 2000; Rauscher et al. 2002).

Raiteri et al. (1991a) simulated the C shell nucleosynthesis
at constant temperature (T9 = 1.05), based on Nomoto &
Hashimoto (1988) models for a 25 M! star. Indeed, for most

of the shell evolution, the temperature is constant or slowly
growing because of the high temperature dependence of the 12C
+ 12C reaction (λ12C12C ∝ T29; Woosley et al. 2002).

Shortly before the SN explosion thermal instabilities occur in
O-burning layers, and temperature rapidly increases also in outer
stellar material (Arnett 1974; Arnett & Wefel 1978). In recent
calculations, Limongi et al. (2000) showed that in a 25 M! star
in the last convective C shell the temperature rapidly increases
from T9 = 1.07 to T9 = 1.39 at the bottom. According to Limongi
et al. (2000), the C shell lasts 0.39 yr and the peak neutron density
is a few times 1012 cm−3. These results are supported by El Eid
et al. (2004), but these authors find a slight temperature increase
in the C shell also in the first phase. On the other hand, the s-
process yields are not affected by such a temperature increase if
convective shell C-burning is not active in the last days before the
SN explosion. For instance, convective shell C-burning can be
prohibited by stellar structure modifications due to O ignition in
the core (e.g., Hirschi et al. 2004). In this case, the final s-process
yields are not affected by a late temperature increase, and pre-
SN convective C shell nucleosynthesis occurs only during the
constant temperature phase (Raiteri et al. 1991a).

In this section, we present C shell s-process nucleosynthesis
calculations using an updated nuclear network (Section 2). We
also discuss the consequences of the last temperature peak on
the s-process yields. Nucleosynthesis calculations for the C shell
are performed with a single-zone post-processing code (e.g.,
Käppeler et al. 1994).

Full stellar model calculations are the best tool to provide
more consistent weak s-process yields (e.g., The et al. 2007), and
a single-zone model may seem to be a too simple approximation
in this sense. Moreover, full stellar models are also able
to directly take into account the explosive nucleosynthesis
contribution to s isotopes (see, for example, Rauscher et al.
2002; Tur et al. 2009), that need to be consistently considered
to provide weak s component predictions. Single-zone models
are justified for the s-process analysis in the convective C shell
making two assumptions. (1) During the C shell evolution the
α and neutron density peaks are located in a small region
close to the bottom of the shell where the maximum neutron
exposure is reached. Above this region the neutron density
and therefore the neutron capture timescale8 rapidly decrease.
Indeed, because of the steep temperature dependence of the
neutron source reaction, the neutron capture nucleosynthesis is
localized at the bottom of the convection zone. (2) The average
convective turnover timescale in the C shell (∼ hour) is generally
faster than the nuclear timescale, causing a constant abundance
distribution in the shell material of full 25 M! stellar models
(e.g., Woosley & Weaver 1995; Limongi et al. 2000). Let us
take as example critical reactions affecting the s nucleosynthesis
of 80Kr at typical temperature in the C shell (∼ 90 keV). The
timescale of 79Se(n,γ )80Se, 79Se(β−)79Br, and 80Kr(n,γ )81Kr
are about 2.5 hr, 0.4 yr, and 1.8 hr, respectively, assuming a
neutron density of 1012 cm−3 that is reached in the final neutron
burst. Therefore, in the final high temperature phase of the C
shell the nuclear timescale is of the order of the convective
turnover timescale. In these conditions, the one-zone model
could not be fully realistic. The same is true for post-processing
of full one-dimensional stellar model profiles that do not treat
burning and mixing simultaneously. The mixing coefficients

8 τn = ln(2)/λn = ln(2)/(σn× vT × Nn × 10−27) s, where σn is the neutron
capture cross section in mbarn, vT is the neutron thermal velocity (∼ 4 ×
108 cm s−1 at 90 keV), Nn is the neutron density, and 10−27 is a converting
factor of mbarn in cm−2.
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