
Sec$on 2. 
Stellar structure and proper$es (I)

2.1 Hydrosta$c equilibrium 

2.2 Nuclear burning



• Standard proper$es of stars 

• Stellar structure and proper$es 

• Stellar  evolu$on 

• Origin of the elements in the Universe 

• Nucleosynthesis in stars and supernovae 

• Explosion mechanism of supernovae 

• Topics in $me-domain astronomy 

• Radia$on from explosive phenomena 

• Mul$-messenger astronomy

Goals of this lecture



Our sun

H

He

JAXA/ISAS

Nuclear  
burning

L = 4 x 1033 erg/s =  4 x 1026 J/s (W)
Electronic power consump$on in Japan 
1.5 x 1019 J / year 
==> Japanese power consump$on for 2 x 107 yr 
        = solar radia$on in 1 second



Energy source: E = mc2
水素

水素原子核 4つ　＞　ヘリウム原子核
0.7％重い

1.007 kg の水素　➡　1kg のヘリウム

E ＝ mc2 ＝ 0.007 kg × （3×108 m/s）2

＝ 6×1014 ジュール

ヘリウム0.7% heavier

4 x mp mα

Q1: How much energy is released for one nucleon? (核子あたり) 

E = Δmc2 

Q2: How much energy does the Sun can produce? 
  (assume 10% of solar mass can be used for nuclear burning)

Solar mass：2 x 1033 g

Q3: How many years the sun can keep shining?
1 yr ~ 3 x 107 secL = 4 x 1033 erg/s



Binding energy of nuclei

Eb = [NmN + Zmp - mi] c2

Higher binding energy  
= strongly “bound” 
= more stable  
= “lighter”

Fe is the most stable nucleus

P + n Nuclei



What is going on at the center of the star? 
How does nuclear burning occurs?



Nuclear burning 
Coulomb barrier E ~ (Z1Z2e2)/r ~ 106 eV (MeV) 
Typical energy of the gas E ~ kT ~ 103 eV (keV) <= 107 K

Textbook by Pols

=> Tunnel effects

Nuclear structure effects on the cross-section

A typical thermonuclear reaction proceeds as follows. After penetrating the Coulomb barrier, the
two nuclei can from an unstable, excited compound nucleus which after a short time decays into the
product particles, e.g.

X + a→ C∗ → Y + b .

Although the lifetime of the compound nucleus C∗ is very short, it is much longer than the crossing
time of the nucleus at the speed of light (∼ 10− 21 s). Therefore by the time it decays, the compound
nucleus has no ‘memory’ of how it was formed, and the decay depends only on the energy.

The decay can proceed via different channels, e.g. C∗ → X + a, → Y1 + b1, → Y2 + b2, . . . , →
C + γ. In the first case the original particles are reproduced, the last case is a decay to a stable energy
level of C with γ-emission. In the other cases the particles b1, b2, etc. may be protons, neutrons
or α-particles. (Reactions involving electron and neutrino emission do not proceed via a compound
intermediate state, since the necessary β-decays would be prohibitively slow.) In order for a certain
energy level of C∗ to decay via a certain channel, the conservations laws of energy, momentum,
angular momentum and nuclear symmetries must be fulfilled. The outgoing particles obtain a certain
kinetic energy, which – with the exception of neutrinos that escape without interaction – is quickly
thermalised, i.e. shared among the other gas particles owing to the short photon and particle mean
free paths in the stellar gas.

The energy levels of the compound nucleus play a crucial role in determining the reaction cross-
section, see Fig. 6.2. Let Emin be the minimum energy required to remove a nucleon from the ground
state of C to infinity, analogous to the ionization energy of an atom. Energy levels below Emin corre-
spond to bound states in an atom; these can only decay by γ-emission which is relatively improbable.
These ‘stationary’ energy levels have long lifetimes τ and correspondingly small widths Γ, since
according to Heisenberg’s uncertainty relation

Γ =
!

τ
. (6.16)
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Figure 6.2. Schematic depiction of the combined nuclear and Coulomb po-
tential, shown as a thick line. The potential is dominated by Coulomb repul-
sion at distances r > rn, and by nuclear attraction for r < rn. An incoming
particle with kinetic energy E at infinity can classically approach to a distance
rc. The horizontal lines for 0 < r < rn indicate energy levels in the compound
nucleus formed during the reaction. The ground state is at energy − Emin; the
quasi-stationary levels with E > 0 are broadened due to their very short life-
times. If the incoming particles have energy E′ corresponding to such a level
they can find a resonance in the compound nucleus (see text).
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Condi$on of H-burning

Lecture Note by Pols 
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Figure 8.3. The same schematic evolution tracks as
in Fig. 8.2, together with the approximate regions in
the log Tc – log ρc plane where nuclear burning stages
occur.

by He-burning reactions. This can go on for a length of time equal to the nuclear timescale of He
burning, which is about 0.1 times that of H burning. In stars with a He core mass < 0.3 M⊙ the core
becomes degenerate before reaching Tc = 108 K, and in the absence of a surrounding envelope it
would cool to become a white dwarf composed of helium, as suggested by Fig. 8.3. (In practice,
however, H-burning in a shell around the core keeps the core hot and when Mc has grown to ≈ 0.5 M⊙
He ignites in a degenerate flash.)

After the exhaustion of He in the core, the core again resumes its contraction on a thermal
timescale, until the next fuel can be ignited. Following a similar line of reasoning the minimum
(core) mass for C-burning, which requires T ≈ 5 × 108 K, is ≈ 1.1 M⊙. Less massive cores are
destined to never ignite carbon but to become degenerate and cool as CO white dwarfs. The mini-
mum core mass required for the next stage, Ne-burning, turns out to be ≈ MCh. Stars that develop
cores with Mc > MCh therefore also undergo all subsequent nuclear burning stages (Ne-, O- and Si-
burning) because they never become degenerate and continue to contract and heat after each burning
phase. Eventually they develop a core consisting of Fe, from which no further nuclear energy can be
squeezed. The Fe core must collapse in a cataclysmic event (a supernova or a gamma-ray burst) and
become a neutron star or black hole.

The alternation of gravitational contraction and nuclear burning stages is summarized in Table 8.1,
together with the corresponding minimum masses and characteristic temperatures and energies. The
schematic picture presented in Fig. 8.3 of the evolution of stars of different masses in the T–ρ diagram
can be compared to Fig. 8.4, which shows the results of detailed calculations for various masses.

To summarize, we have obtained the following picture. Nuclear burning cycles can be seen as long-
lived but temporary interruptions of the inexorable contraction of a star (or at least its core) under
the influence of gravity. This contraction is dictated by the virial theorem, and a result of the fact
that stars are hot and lose energy by radiation. If the core mass is less than the Chandrasekhar mass,
then the contraction can eventually be stopped (after one or more nuclear cycles) when electron
degeneracy supplies the pressure needed to withstand gravity. However if the core mass exceeds
the Chandrasekhar mass, then degeneracy pressure is not enough and contraction, interrupted by
nuclear burning cycles, must continue at least until nuclear densities are reached.
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hqp://astronomy.nmsu.edu/geas/lectures/lecture23/slide04.html
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Mass - radius rela$on for the main sequence

R ~ M0.7
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Figure 1.3. Mass-luminosity (left) and mass-radius (right) relations for components of double-lined eclipsing
binaries with accurately measured M, R and L.

1.2 Stellar populations

Stars in the Galaxy are divided into different populations:

• Population I: stars in the galactic disk, in spiral arms and in (relatively young) open clusters.
These stars have ages ∼< 109 yr and are relatively metal-rich (Z ∼ 0.5 − 1Z⊙)

• Population II: stars in the galactic halo and in globular clusters, with ages ∼ 1010 yr. These stars
are observed to be metal-poor (Z ∼ 0.01 − 0.1Z⊙).

An intermediate population (with intermediate ages and metallicities) is also seen in the disk of the
Galaxy. Together they provide evidence for the chemical evolution of the Galaxy: the abundance
of heavy elements (Z) apparently increases with time. This is the result of chemical enrichment by
subsequent stellar generations.

The study of chemical evolution has led to the hypothesis of a ‘Population III’ consisting of the
first generation of stars formed after the Big Bang, containing only hydrogen and helium and no
heavier elements (‘metal-free’, Z = 0). No metal-free stars have ever been observed, probably due to
the fact that they were massive and had short lifetimes and quickly enriched the Universe with metals.
However, a quest for finding their remnants has turned up many very metal-poor stars in the halo,
with the current record-holder having an iron abundance XFe = 4 × 10−6XFe,⊙.

1.3 Basic assumptions

We wish to build a theory of stellar evolution to explain the observational constraints highlighted
above. In order to do so we must make some basic assumptions:

• stars are considered to be isolated in space, so that their structure and evolution depend only on
intrinsic properties (mass and composition). For most single stars in the Galaxy this condition
is satisfied to a high degree (compare for instance the radius of the Sun with the distance to its
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Outcome of  
the central property 
of the star

Contamina$on of 
evolved stars



Summary: Stellar structure and proper$es (I)

• Energy source of the stars 

• Nuclear burning 

• E = mc2 

• Stellar structure 

• Hydrosta$c Equilibrium 

• Central temperature of the stars T ~ 107 K 

• Require tunnel effects for nuclear burning 

• Stellar proper$es 

• Almost constant central T => R ~ M 

• Observed mass-radius rela$on (R ~ M0.7)


