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Spectra of white dwarf
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Figure 9. Normalized SDSS spectra of the newly discovered DO (upper
two) and DA (bottom two) hot wind white dwarfs. The spectrum of
SDSS J090023.89+234353.2 is convolved with a Gaussian (FWMH = 3
Å) to smooth out the noise. The TWIN spectrum of HS 2115+1148, for
more than 20 yr the only known H-rich hot wind white dwarf, is shown for
comparison.

grid to log g ≥ 3.5, fitting all the spectra we classified as DAs
and sdAs, using the result to separate log g ≥ 6.5 as white dwarfs,
and finally, after Gaia DR2, using the parallaxes, as discussed in
Section 4.

Kleinman et al. (2013) limited the white dwarf classification to
surface gravity log g ≥ 6.5. At the cool end of our sample, log g =
6.5 corresponds to a mass around 0.2 M⊙, well below the single
mass evolution in the lifetime of the Universe – but reachable via
interacting binary evolution. The He-core white dwarf stars in the
mass range 0.2–0.45 M⊙, referred to as low-mass white dwarfs, are
usually found in close binaries, often double degenerate systems
(Marsh, Dhillon & Duck 1995), being most likely a product of
interacting binary stars evolution. More than 70 per cent of those
studied by Kilic et al. (2011) with masses below 0.45 M⊙ and
all but a few with masses below 0.3 M⊙ show radial velocity
variations (Brown et al. 2013; Gianninas et al. 2014; Brown, Kilic &
Gianninas 2017). Kilic et al. (2007) suggest single low-mass white
dwarfs result from the evolution of old metal-rich stars that truncate
evolution before the helium flash due to severe mass-loss. They also
conclude all white dwarfs with masses below ≃0.3 M⊙ must be a
product of binary star evolution involving interaction between the
components.

The spectroscopic sdA sample defined in Kepler et al. (2016)
and used in our pre-selection here, being only a visual deter-
mination of narrow H lines and absence of strong metal lines,
includes many types of objects: real white dwarfs, ELMs, pre-
ELMs, low-metallicity main-sequence stars, and even giants with
low atmospheric metallicity. We need to define separate classes
depending on the absolute luminosity (radius) to distinguish among
them (see Section 3.3). Even though the nomenclature would
suggest that subdwarfs have smaller radii than main-sequence
stars, it is not always the case – they mainly have smaller
masses. Ta
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C+O and He white dwarfs

the lifetimes of stars in the red giant clump, extreme horizontal
branch, and white dwarf cooling phases and by assuming a ratio
of extreme horizontal branch stars to red giant clump stars in those
data. TheCMDpresented in Figure 7 overlaps theHSTACS study,
and so we can now refine this calculation. Over the ACS field
targeted by Bedin et al., the CMD of NGC 6791 shows two ex-
treme horizontal branch stars and four red giant clump stars. The
evolutionary timescale for these core helium-burning phases lasts
approximately 1 ; 108 yr, whereas the cooling time for the faintest
white dwarfs in theHST study is!2 ; 109 yr (for carbon-oxygenY
core models down to F606W ¼ 28). Therefore, scaling arguments
suggest that 120of thewhite dwarfs in theBedin et al. study should
have evolved from either of these two evolutionary channels and
therefore have carbon-oxygen cores (two-thirds of which came from
the canonical red giant clump phase). The white dwarf cooling se-
quence of the cluster shows roughly 600 white dwarfs, and there-
fore up to 80% of the white dwarfs may be helium-core stars.

An independent check on these numbers can now be derived
from our mass measurements. Figure 9 indicates that the ratio of
helium-core to carbon-oxygenYcore white dwarfs in NGC 6791is
!2:1, assuming that 0.46M# is the threshold at which a carbon-
oxygen core will be produced in the progenitor star. If this critical
mass is slightly larger, i.e., 0.48M#, then the ratio may be as large
as 8:1. Since the cooling is a factor of !3 times slower for the
helium-core stars, their cluster birthrate is then estimated to be
between 40% Y70% of all stars.

The fraction of helium-core versus carbon-oxygenYcore white
dwarfs directly affects the inferred cluster white dwarf cooling
age, as the cooling rates are proportional to the mass number
(chemical species) of the core. For example, for a fixed stellar
mass, a 50/50 carbon-oxygen mixture will have!3.5 times fewer
ions than a helium-core star. This results in a higher heat capacity

for the helium-core white dwarf, and therefore the cooling will be
!3.5 times slower than that of a carbon-oxygenYcorewhite dwarf
of similar mass. This is of course offset slightly by the fact that the
mean mass of the helium-core stars is somewhat smaller than that
of normal carbon-oxygenYcore white dwarfs (a relatively small
effect in this case). By comparing the observed white dwarf lu-
minosity function to model luminosity functions that invoke pure
helium cores, pure carbon-oxygen cores, and a combination of the
two, Hansen (2005) was able to show that an age of 7Y8 Gyr
requires the birthrate fraction of helium-core white dwarfs in the
cluster to be between 50% and 100% of the total white dwarf pro-
duction. This is consistent with our findings above.

7.6. The Ultraviolet Upturn in Elliptical Galaxies

The ultraviolet upturn in elliptical galaxies and spiral bulges
refers to the sharp, rising flux in the integrated spectra of these
objects shortward of k ! 25008 (Burstein et al. 1988; Greggio
& Renzini 1990; Bressan et al. 1994; O’Connell 1999; Brown
2004). The phenomenon is found to be extremely variable in dif-
ferent galaxies, and therefore must be very sensitive to the prop-
erties of the sources responsible for the upturn. The dominant, old
main-sequence stellar population of these galaxies is too faint and
cool to constitute any appreciable fraction of this flux. Therefore,
the sources must be either young massive stars (e.g., in active star
formation regions) or more exotic populations of low-mass, hot
stars. Recent results from theGalaxy Evolution Explorer (GALEX)
suggest that only in rare cases does the former dominate the ultra-
violet flux (Salim et al. 2005; Rich et al. 2005; Donas et al. 2007).
For the latter, Greggio & Renzini (1990) consider the energetics
of several possible sources, including binary candidates, hot or
accreting white dwarfs, postYasymptotic giant branch stars, and
extreme horizontal branch stars, and find that the extreme hor-
izontal branch stars are the most likely candidates (however, see
the recent study byHan et al. [2007] suggesting a binarymodel for
the excess). These stars are hot and bright and can establish an
equilibrium while burning helium in their cores for !108 yr. Un-
fortunately, resolved photometry or spectroscopy of the sources
for the ultraviolet upturn in these distant galaxies is currently not
possible (although M31 and M32 have been imaged in the ultra-
violet; Bertola et al. 1995; Brown et al. 2000).
In Galactic globular clusters, extremely blue horizontal branches

have long been argued to exist because of the system’s old age,
low metallicity, and differential mass loss on the red giant branch
(Iben & Rood 1970). However, the properties of these systems
(e.g., low metallicity and high density) are contrary to the extra-
galactic populations (Liebert et al. 1994). Recent studies have
shown that metal-rich disk clusters also possess an extended blue
horizontal branch (e.g., Rich et al. 1997), thereby providing nearby
systems with some properties similar to the elliptical galaxies and
spiral bulges that possibly harbor the sources causing the ultra-
violet upturn. Given its old age, very high metal abundance, and
small distance modulus, NGC 6791 represents a nearby analog
of the metal-rich component in these galaxies that can be used to
understand the origin of the extraYfar-ultraviolet radiation (see
also Liebert et al. 1994).
We have shown that the white dwarf population of NGC 6791

is undermassive, a consequence of enhancedmass loss in the evo-
lution of the progenitors of these stars. The extreme horizontal
branch stars of NGC 6791 are a subset of this population, those
that lost mass on the red giant branch, but not enough to prevent
the ignition of helium while the star was well on its way to be-
coming a white dwarf. This type of evolution clearly suggests
that even within a coeval system with little metallicity spread, the
mass loss is variable. Of course, this effect would be compounded

Fig. 9.—M-Teff plane for all confirmedNGC6791white dwarfs ( filled circles),
as well as those that were determined to be 2 ! outliers from cluster membership
in x 6.2 (open circles). Six of the nine cluster white dwarfs clearly have a mass
under the threshold (hatched region;M ! 0:46M#) at which heliumwould have
been ignited in the core of the progenitor star to produce carbon-oxygen. The arrow
marks the mean mass of the field white dwarf distribution from the Sloan Digital
Sky Survey (0.59 M#) and the mean mass of the globular cluster NGC 6752’s
white dwarf population (0.53M#; Moehler et al. 2004). All of our cluster white
dwarfs have a mass less than these values.
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Mass distribu$on of WDs (with H)
White dwarfs in SDSS DR14 2175

Figure 5. Mass distribution for the 11 129 DAs with S/Ng ≥ 10. This sample
overall shows a mean mass of ⟨M⟩ = 0.5904 ± 0.0014 M⊙. For stars with
Teff > 10 000 K, however, the mean mass is ⟨M⟩ = 0.6131 ± 0.0014 M⊙,
whereas for stars with Teff < 10 000 K, the mean mass is ⟨MDB⟩ = 0.5276 ±
0.0035 M⊙. Most of the low-mass DAs concentrate below Teff = 10 000 K.

Figure 6. Hess diagram – density distribution – across effective temperature
and surface gravity for DAs with spectra with S/N ≥ 10, showing the low-
mass DA white dwarfs concentrate below Teff = 10 000 K.

Table 4. Distribution of DAs with Teff.

Number Temperature range

273 < 6000 K
2938 6000–8000 K
2312 8000–10 000 K
3325 10 000–15 000 K
3179 15 000–20 000 K
2968 20 000–40 000 K
596 > 40 000 K
15 591 Total

Figure 7. Mass distribution for the 550 pure DBs with S/Ng ≥ 10 with
Teff > 16 000 K, the distribution shows a mean mass of ⟨Mα=1.25

DB ⟩ =
0.618 ± 0.004 M⊙, and a dispersion of 0.098 M⊙. With the pure He 3D cor-
rection, in blue, the mean mass decreases to ⟨M3D

DB⟩ = 0.536 ± 0.003 M⊙,
with a dispersion of 0.074 M⊙. For lower temperatures the log g, and
therefore mass, is not trustworthy due to large uncertainties in the neutral
broadening estimative. The DB mass distribution does not extend to masses
below 0.45 M⊙ or masses above 1.1 M⊙; however, the statistics is much
poorer than for DAs. The average S/N of the spectra is ⟨S/Ng⟩ = 25.

Figure 8. Surface gravity (log g) for the DCs, obtained from the SDSS
ugriz photometry, Gaia DR2 parallax, and a He-atmosphere mass–radius
relation.

white dwarfs and metal-poor main-sequence A/F stars in the Teff <

10 000 K and log g < 6.5 range solely with visual inspection, even
though low-metallicity main-sequence stars have an upper limit to
log g ! 4.64, for a turn-off mass of ∼0.85 M⊙. The two steps we
took to overcome this limitation was the extension of the model
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Gravita$onal waves from  
23 Msun black hole + 2.6 Msun object!

arXiv: 2006.12611

2

The primary component of GW190814 is conclusively
a black hole (BH) with mass m1 = 23.2+1.1

�1.0 M�. Its di-
mensionless spin magnitude is constrained to �1  0.07.
The nature of the 2.59+0.08

�0.09 M� secondary component is
unclear. The lack of measurable tidal deformations and
the absence of an electromagnetic counterpart are con-
sistent with either a neutron star (NS) or a BH given the
event’s asymmetric masses and distance of 241+41

�45 Mpc.
However, we show here that comparisons with the maxi-
mum NS mass predicted by studies of GW170817’s rem-
nant, by current knowledge of the NS equation of state,
and by electromagnetic observations of NSs in binary
systems indicate that the secondary is likely too heavy
to be a NS. Either way, this is an unprecedented source
because the secondary’s well-constrained mass of 2.50–
2.67M� makes it either the lightest BH or the heaviest
NS ever observed in a double compact-object system.

As in the case of GW190412, we are able to measure
the presence of higher multipoles in the gravitational ra-
diation, and a set of tests of general relativity with the
signal reveal no deviations from the theory. Treating
this event as a new class of compact binary coalescences,
we estimate a merger rate density of 1–23 Gpc�3 yr�1 for
GW190814-like events. Forming coalescing compact bi-
naries with this unusual combination of masses at such a
rate challenges our current understanding of astrophys-
ical models.

We report on the status of the detector network and
the specifics of the detection in Sections 2 and 3. In
Section 4, we estimate physical source properties with
a set of waveform models, and we assess statistical and
systematic uncertainties. Tests of general relativity are
described in Section 5. In Section 6, we calculate the
merger rate density and discuss implications for the na-
ture of the secondary component, compact binary for-
mation and cosmology. Section 7 summarizes our find-
ings.

2. DETECTOR NETWORK

At the time of GW190814, LIGO Hanford, LIGO Liv-
ingston and Virgo were operating with typical O3 sen-
sitivities (Abbott et al. 2020a). Although LIGO Han-
ford was in a stable operating configuration at the time
of GW190814, the detector was not in observing mode
due to a routine procedure to minimize angular noise
coupling to the strain measurement (Kasprzack & Yu
2017). This same procedure took place at LIGO Han-
ford around the time of GW170608; we refer the reader
to Abbott et al. (2017f) for details of this procedure.
Within a 5 min window around GW190814, this pro-
cedure was not taking place, therefore LIGO Hanford
data for GW190814 are usable in the nominal range
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Time (seconds) from 2019-08-14 21:10:39 UTC
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Figure 1. Time–frequency representations (Chatterji et al.
2004) of data containing GW190814, observed by LIGO Han-
ford (top), LIGO Livingston (middle), and Virgo (bottom).
Times are shown relative to 2019 August 14, 21:10:39 UTC.
Each detector’s data are whitened by their respective noise
amplitude spectral density and a Q-transform is calculated.
The colorbar displays the normalized energy reported by the
Q-transform at each frequency. These plots are not used in
our detection procedure and are for visualization purposes
only.

of analyzed frequencies. A time–frequency representa-
tion (Chatterji et al. 2004) of the data from all three
detectors around the time of the signal is shown in Fig-
ure 1.

We used validation procedures similar to those used
to vet previous gravitational-wave events (Abbott et al.
2016c, 2019a). Overall we found no evidence that instru-
mental or environmental disturbances (E✏er et al. 2015)
could account for GW190814. However, we did identify
low-frequency transient noise due to scattered light at
LIGO Livingston, a common source of noise in all three
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Figure 7
(a) A large sample of proposed EoSs calculated under different physical assumptions and using a range of computational approaches.
See the text for the descriptions of the EoSs, the acronyms, and the references. (b) The mass-radius curves corresponding to the EoSs
shown in panel a.

4.2. Constraints on the Equation of State from Low-Energy Experiments
For symmetric matter (i.e., nuclei containing roughly equal numbers of neutrons and protons)
near the nuclear saturation density, there are a range of experimental constraints. Most robustly,
two-body potentials can be inferred from nucleon–nucleon scattering data below 350 MeV and
the properties of light nuclei (Akmal et al. 1998, Morales et al. 2002).

The other significant constraints that arise from these experiments and are relevant for the NS
EoSs are often expressed in terms of the symmetry energy parameters: Sv and L (see Equations 18
and 19 in the previous section as well as the discussion in Lattimer 2012). The experiments
that yield the most accurate data and the least model-dependent results involve fitting nuclear
masses and charge radii (Klüpfel et al. 2009, Kortelainen et al. 2010). Nevertheless, the symmetry
parameters that can be extracted from such data are highly correlated, as shown in Figure 8.

Neutron-rich matter can also be probed by measuring the neutron skin thickness of heavy
nuclei. Studies within both the mean-field theory and the liquid droplet model frameworks have
shown that the neutron skin thickness, defined as the difference of their neutron and proton
root-mean-squared radii

!rnp = ⟨r2
n ⟩1/2 − ⟨r2

p ⟩1/2, (20)

is a sensitive function of Sv and L and, thus, serves as a good probe of the symmetry energy
(Centelles et al. 2009, Chen et al. 2010, Roca-Maza et al. 2011). The neutron skin thickness was
measured by a variety of experiments for ≈ 20 neutron-rich Sn isotopes with ∼ 30–50% uncertain-
ties. Chen et al. (2010) used these measurements to place additional constraints on the symmetry
energy parameters (see Figure 8). In addition, the neutron skin thickness has been determined by
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Is 2.6 Msun object black hole or neutron star?

Ozel 2016

Discovery of lightest black hole! 
- Implica:ons to  
   supernova mechanism

Discovery of the heaviest NS!? 

- Large uncertainty in EOS  
   for NS maGer 
- But difficult to support 2.6 Msun.
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0.5 1.0 1.4 0.5 1.0 1.4

Pre-explosion Post-explosion

C+O 1 2 3 4

zone T (K) Ρ (g cm-3) Elements

1 (7-9) x 109 108-9 NSE + e-capture 56Fe, 54Fe, 58Ni

2 (5-7) x 109 107-8 NSE 56Ni

3 (4-5) x 109 <107 Incomplete Si 
burning

28Si, 32S, 40Ca

4 < 4 x 109 <107 Incomplete O 
burning

16O, 24Mg

*NSE = nuclear sta$s$cal equilibrium (核統計平衡)



Thermonuclear supernovae

Normal stars are stable with nuclear burning 

Why do white dwarfs explode by nuclear burning? 
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and, consequently, does not rely on stationarity or large-scale homo-
geneity, asymptotic isotropy toward smaller length scales is required
for consistency. In the case of incompressible turbulence, asymp-
totic isotropy becomes manifest in the Kolmogorov k!5/3 scaling
for sufficiently largewavenumbers k. This scaling has been found in
simulations of Rayleigh-Taylor unstable stratifications (Cabot &
Cook 2006), as well as in buoyancy unstable flames in degen-
erate WD matter Zingale et al. (2005).

Figure 3 shows compensated energy spectrum functions,
k5/3E(k), derived from our simulation for several instants of time
ranging from 0.5 to 1.0 s after ignition. For turbulent velocity fields
obeying Kolmogorov scaling, the compensated spectrum functions
are expected to be constant. Wavenumbers are normalized by
!/(512!0), where !0 is the cell size in the uniform part of the
grid. Since the grid is inhomogeneous and does not satisfy pe-
riodic boundary conditions, the velocity fields obtained from the
simulation were zero-padded in the outer regions with Gaussian

windowing functions in order to compute Fourier transforms.
This is why the compensated spectrum functions are plotted for
normalized wavenumbers greater than 16 only. At all times con-
sidered here, it can be seen that the spectrum functions are well
approximated by the Kolmogorov power law for intermediate
wavenumbers, thus indicating the presence of an inertial subrange.
Therefore, the simulation is as well resolved as the modeling ap-
proach requires. Higher resolution is not expected to change the
characteristics of the turbulent flame propagation.

6. RESULTS AND COMPARISON WITH OBSERVATIONS

The present deflagration simulation of a thermonuclear super-
nova makes distinct predictions for observables that can be tested
against real SNe Ia. With certain observables like polarimetry
spectra and spectra of the nebular phase it may be possible to
check details of the results of pure deflagration models against
observations and potentially assess its validity. This certainly

Fig. 1.—Evolution of the thermonuclear supernova explosion simulation. The zero level set associated with the thermonuclear flame is shown as a blue isosurface and the
extent of the WD is indicated by the volume rendering of the density. The top left panel shows the initial setup, and the close-up illustrates the chosen flame ignition config-
uration. The subsequent two panels illustrate the propagation of the turbulent flame through theWDand the density structure of the remnant is shown in the bottom right panel.
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Summary: Thermonuclear supernovae

• Explosion of white dwarf close to Mch 

• Nuclear burning => runaway under degenerate condi:on 

• Explosive nucleosynthesis 

• About 0.8 Msun of Fe-group elements (56Ni & 56Fe, 54Fe, 58Ni)   
> Core-collapse SNe 

• About 0.4 Msun of intermediate mass elements (28Si, 32S, 40Ca) 

• Progenitor scenario 

• Single degenerate or double degenerate 

• Not yet solved



Sec$on 7. 
Supernova explosions

7.1 Thermonuclear supernova 

7.2 Core-collapse supernova
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Figure 12.5. Evolution of central temperature and density of 15M⊙ and 25M⊙ stars at Z = 0.02 through all
nuclear burning stages up to iron-core collapse. The dashed line indicated where electrons become degenerate,
and the dash-dotted line shows where electrons become relativistic (ϵe ≈ mec2). The dotted line and arrow in-
dicates the trend Tc ∝ ρc1/3 that is expected from homologous contraction. Non-monotonic (non-homologous)
behaviour is seen whenever nuclear fuels are ignited and a convective core is formed. Figure adapted from
Woosley, Heger & Weaver (2002, Rev.Mod. Ph. 74, 1015).

12.3.1 Evolution with significant neutrino losses

In Sect. 6.5 we discussed several weak interaction processes that result in spontaneous neutrino emis-
sion at high temperatures and densities, such as photo-neutrinos, plasma-neutrinos and pair annihila-
tion neutrinos. When the central temperature exceeds ∼ 5 × 108 K, these neutrino losses are the most
important energy leak from the stellar centre, taking away energy much more rapidly than photon
diffusion or even convection can transport it to the surface. From this point onwards the neutrino
luminosity from the core far exceeds the luminosity radiated from surface, Lν ≫ L.

The dependence of the nuclear energy generation rate ϵnuc and the neutrino loss rate ϵν on temper-
ature are depicted in Fig. 12.6, for the centre of a typical massive star (i.e. following an evolution track
approximating those shown in Fig. 12.5). Both ϵν and ϵnuc increase strongly with temperature, but the
T -dependence of ϵnuc is larger than that of ϵν. During nuclear burning cycles energy production and
neutrino cooling are in balance, ϵnuc = ϵν, and this condition (the intersection of the two lines) defines
the temperature at which burning takes place.1

During each nuclear burning phase, Lnuc = Ėnuc ≈ Lν, which thus results in a much shorter
nuclear timescale than if neutrino losses were absent: τnuc = Enuc/Lν ≪ Enuc/L. Similarly, in
between burning cycles the rate of core contraction (on the thermal timescale) speeds up: Ėgr ≈ Lν
so that τth = Egr/Lν ≪ Egr/L. Therefore the evolution of the core speeds up enormously, at an
accelerating rate as the core continues to contract and heat up. The lifetime of each nuclear burning
stage can be estimated from Fig. 12.6 by approximating τnuc ∼ q/ϵnuc, where q is the energy gain per
unit mass from nuclear burning (∼ 4.0, 1.1, 5.0 and 1.9 × 1017 erg/g for C-, Ne-, O- and Si-burning,

1Note that because ϵnuc is a steeper function of T than ϵν, nuclear burning is stable also in the presence of neutrino losses:
a small perturbation δT > 0 would increase the local heat content (ϵnuc > ϵν), leading to expansion and cooling of the core
until thermal equilibrium is re-established.
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Timescales for nuclear burning stages

Figure 12.6. Energy generation rate and neutrino loss rate during the advanced evolution of a massive star.
The stellar center is assumed to follow a track approximating that shown in Fig. 12.5. The intersections of
the nuclear burning lines with the neutrino loss line define the burning temperature of the corresponding fuel.
Figure from Woosley, Heger & Weaver (2002).

respectively) and ϵnuc is the energy generated per gram and per second at the intersection with ϵν in
Fig. 12.6. Thus the lifetime ranges from several 103 years for C-burning to about a day for Si-burning!

12.3.2 Nuclear burning cycles: carbon burning and beyond

When the temperature in the contracting C-O core reaches 5 − 8 × 108 K (depending on the mass of
the core), carbon is the first nuclear fuel to be ignited. The reactions involved in carbon burning and
further nuclear burning cycles were treated in Sec. 6.4.3. In the following sections we briefly review
these and discuss the consequences for the structure and evolution of the star. A typical example of
the interior evolution is shown in Fig. 12.7 for a 15M⊙ star, and the corresponding stellar properties
are given in Table 12.1.

Table 12.1. Properties of nuclear burning stages in a 15M⊙ star (from Woosley et al. 2002).

burning stage T (109 K) ρ (g/cm3) fuel main products timescale

hydrogen 0.035 5.8 H He 1.1 × 107 yr
helium 0.18 1.4 × 103 He C, O 2.0 × 106 yr
carbon 0.83 2.4 × 105 C O, Ne 2.0 × 103 yr
neon 1.6 7.2 × 106 Ne O, Mg 0.7 yr
oxygen 1.9 6.7 × 106 O, Mg Si, S 2.6 yr
silicon 3.3 4.3 × 107 Si, S Fe, Ni 18 d
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Core-collapse supernovae

What happens to massive stars at the end of lives? 
Where does huge energy come from?



Consider gas consis$ng of  
- non-rela$vis$c (NR) par$cles (e.g., NR ideal gas, NR degenerate gas) and  
- extremely-rela$vis$c (ER) par$cles (e.g., ER degenerate gas, photons) 
非相対論的(NR)/超相対論的(ER)粒子からなるガスを考える 

(3a) Show the following rela$ons  
         between pressure (P) and energy density (ε) 
         圧力 (P) とエネルギー密度 (ε) の間に、 
         以下の関係が成り立つことを示せ 

        * P = (2/3) ε for NR par$cles 
        * P = (1/3) ε for ER par$cles 

(3b) Show adiaba$c index (γ) are following 
        Adiaba$c index (γ) が以下のようになることを示せ 

       * γ = 5/3 for NR par$cles 
       * γ = 4/3 for ER par$cles

Assignment 3 / レポート課題 3
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1.2 超新星とは何か 7
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図 1.4 重力崩壊型超新星の爆発メカニズムの概要．重い星の中心部にある鉄
コアの重力崩壊から始まり，密度・温度が高まる中で発生したニュー
トリノが閉じ込められたまま，コアバウンスが起こり衝撃波が発生し
て，星の爆発に至る．爆発の際には超新星ニュートリノが放出され，周
辺では元素合成が起こり，中心には中性子星が残される．

の伝搬とともに温度上昇による核反応が急激に起こり爆発的元素合成が行なわ
れる．
このシナリオの各要素を物理過程からスタートして概説して，爆発メカニズ
ムについての大枠を理解できるようにしたい，というのが本書の狙いである．
超新星の中身を理解するうえで難しい点は，大きく異なるスケールの対象を扱
うところにある．従って，各スケールでの物理過程を理解したうえで，どれく
らいの大きさ・時間・質量・エネルギー等のスケールなのかを把握できるよう
になるとよい．例えば，星がつぶれ始めてから爆発するまでが約 1秒，超新星
ニュートリノの放出が数 10秒程度，と短い時間に多くのことが起こっている．
この時間スケールは何で決まっているのだろうか．鉄コアの質量は太陽質量程

(C) 原子核から読み解く超新星爆発の世界 

住吉光介さん著 (Kosuke Sumiyoshi)

Neutrino trapping
Core-collapse

Fe core

Core bounce

Shock

Supernova Neutron star

SN neutrino



Summary: Core-collapse supernovae

• Stability of star 

• Dynamically unstable if adiaba:c index γ < 4/3 

• Degenerate Fe core => unstable 

• What trigger the core-collapse? 

• Energy source 

• Gravita:onal energy 

• Collapse of the core (~1 Msun) to ~10 km size 
=> 1053 erg


