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• HE & VHE γ-rays are observed, but  
emission region & mechanism are not known

• Leptonic jet model: too weak magnetic field (mG)
• Hadronic jet model: very high power (>1045 erg/s)
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Figure 4. MWL SED of the radio core of M 87 compiled from quasi-simultaneous 2012–2015 observations (black points). VHE gamma-ray observations by
MAGIC are combined with HE gamma-ray data from Fermi-LAT, X-ray data from Chandra, NUV data from HST, radio data at 1.7 GHz and 5 GHz provided
by the EVN and at 43 GHz by VLBA. The models represent two possible scenarios: in the leptonic scenario (red solid line) the high-energy component is
dominated by the SSC emission, whereas in the hybrid scenario (blue dashed line) the high energy emission is dominated by the synchrotron radiation of
relativistic protons.

et al. 2014, neglecting Fermi-II acceleration (see also, Asano &
Hayashida 2015, 2018). The code calculates the temporal evolution
of the electron and photon energy distributions in the plasma rest
frame along the jet (at radius R from the black hole), which is sim-
ilar to the BLAZAR code in Moderski et al. 2003 (for application ex-
amples see e.g., Kataoka et al. 2008; Hayashida et al. 2012). Here, a
steady conical outflow is assumed, in which the temporal evolution
along the jet is equivalent to the radial evolution. The conically ex-
panding jet naturally leads to adiabatic cooling of electrons, which
is a similar e↵ect to the electron escape in one-zone steady mod-
els. In this 1-D code, the parameter for the electron escape is not
required. The magnetic field decreases as B = B0(R/R0)�1. The
macroscopic model parameters are the Lorentz factor �L, the ini-
tial radius R0 (distance from the black hole), the initial magnetic
field B0, the electron luminosity Le (including the counter jet), the
jet opening angle ✓j, and the viewing angle ✓v. Here, �L = 3,
✓j = 1/�L = 19� and ✓v = 15� half-opening angle of the jet
are adopted (Biretta et al. 1999; Acciari et al. 2009; Walker et al.
2018), with the half-opening angle well below the average appar-
ent full opening angle inferred from radio observations (Walker
et al. 2018). Electrons are injected during the dynamical timescale
R0/(c�L) in the plasma rest frame. In this timescale, the injection
rate into a given volume V / R2 is constant. The evolutions of
the electron energy distribution and photon emission are calcu-
lated as far as R = 30R0, taking into account synchrotron emis-
sion and inverse Compton scattering with the Klein–Nishina e↵ect,
gamma-gamma absorption, secondary pair injection, synchrotron
self-absorption, and adiabatic cooling. The model parameters for

the electron injection spectrum are: the minimum and maximum
electron Lorentz factors (�min and �max), the location of the break
in the electron energy distribution (�br), and power-law indices p1

and p2 for below and above �br respectively. The parameter values
are summarized in Table 5.

Second, a hybrid model is applied assuming that protons and
electrons are accelerated in the jet. The fully time-dependent im-
plementation is based on the geometry of Weidinger & Spanier
(2010). The acceleration mechanism and the implementation of all
leptonic processes are adopted from Richter & Spanier (2016) and
the photo-hadronic framework is implemented following Hümmer
et al. (2010). The acceleration of particles is closely modeled to the
Fermi-I acceleration. Under the assumption that the particle distri-
bution is quickly reaching isotropy in the downstream region of the
shock, the model follows the evolution of the injected, monoener-
getic particle distribution towards a power law. The shape of the
particle distribution and the relevant timescales follow consistently
from the input shock parameters. The simulated SED, computed
with the hybrid model that best describes the observed broadband
SED, is shown in Fig. 4 (blue dashed line) together with the avail-
able quasi-simultaneous data. It is not clear whether a unique set of
parameters exists for describing the SED and the high dimensional-
ity of the parameter space does not allow for �2 fitting. The commu-
nity standard is therefore to optimize the SED modelling by man-
ual parameter changes until data points and especially slopes are
agreeing with the observed SED. In the hybrid model, the radio-to-
X-ray radiations originate from synchrotron emission of electrons.
The emission at higher energies, due to the high magnetic field and

MNRAS 000, 1–12 (2019)

M87 Observations
MAGIC Collaboration & Asano, Hada et al. 2020

How about the hot accretion flow?
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Coronae and RIAFs are collisionless 
→ protons are naturally accelerated

Accretion flows in AGNs
• QSO: Blue bump & X-ray  
→Optically thick disk + coronae

• LLAGN: No blue bump & X-ray  
→Optically thin flow  
[Radiatively Inefficient  
Accretion Flow (RIAF)]
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Figure 7
Composite SEDs for radio-quiet AGNs binned by Eddington ratio. The SEDs are normalized at 1 µm.
(Adapted from L.C. Ho, in preparation.)

nuclei (Ho 1999b, 2002a; Ho et al. 2000) and a substantial fraction of Seyfert nuclei (Ho & Peng
2001). Defining radio-loudness based on the relative strength of the radio and X-ray emission,
RX ≡ νLν (5 GHz)/LX, Terashima & Wilson (2003b) also find that LINERs tend to be radio-
loud, here taken to be RX > 10−4.5. Moreover, the degree of radio-loudness scales inversely with
Lbol/LEdd (Ho 2002a; Terashima & Wilson 2003b; Wang, Luo & Ho 2004; Greene, Ho & Ulvestad
2006; Panessa et al. 2007; Sikora, Stawarz & Lasota 2007; L.C. Ho, in preparation; see Figure 10b).

In a parallel development, studies of the low-luminosity, often LINER-like nuclei of FR I radio
galaxies also support the notion that they lack a UV bump. M84 (Bower et al. 2000) and M87
(Sabra et al. 2003) are two familiar examples, but it has been well documented that FR I nuclei
tend to exhibit flat αox (Donato, Sambruna & Gliozzi 2004; Balmaverde, Capetti & Grandi 2006;
Gliozzi et al. 2008) and steep slopes in the optical (Chiaberge, Capetti & Celotti 1999; Verdoes
Kleijn et al. 2002) and optical-UV (Chiaberge et al. 2002).

Finally, I note that the UV spectral slope can be indirectly constrained from considering the
strength of the He II λ4686 line. Although this line is clearly detected in Pictor A (Carswell et al.
1984, Filippenko 1985), its weakness in NGC 1052 prompted Péquignot (1984) to deduce that
the ionizing spectrum must show a sharp cutoff above the He+ ionization limit (54.4 eV). In this
respect, NGC 1052 is quite representative of LINERs in general. He II λ4686 was not detected
convincingly in a single case among a sample of 159 LINERs in the entire Palomar survey (Ho,
Filippenko & Sargent 1997a). Starlight contamination surely contributes partly to this, but the line
has also eluded detection in HST spectra (e.g., Ho, Filippenko & Sargent 1996; Nicholson et al.
1998; Barth et al. 2001b; Sabra et al. 2003; Sarzi et al. 2005; Shields et al. 2007), which indicates
that it is truly intrinsically very weak. To a first approximation, the ratio of He II λ4686 to Hβ

reflects the relative intensity of the ionizing continuum between 1 and 4 Ryd. For an ionizing
spectrum fν ∝ να , case B recombination predicts He II λ4686/Hβ = 1.99 × 4α (Penston &
Fosbury 1978). The current observational limits of He II λ4686/Hβ ! 0.1 thus imply α ! − 2,
qualitatively consistent with the evidence from the SED studies.

Maoz (2007) has offered an alternative viewpoint to the one presented above. Using a sample
of 13 LINERs with variable UV nuclei, he argues that their SEDs do not differ appreciably from
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light [19]. We adopted the shearing box boundary condition
established by MHD simulations [20].
For the initial condition, a drifting Maxwellian velocity

distribution function was assumed in the local rotating
frame with angular velocityΩ0ðr0Þ. The drift velocity in the
y direction vyðxÞ was given by vyðxÞ ¼ rΩðrÞ − rΩ0ðr0Þ≃
−qΩ0ðr0Þx, and the radial velocity vx and the vertical
velocity vz were both zero. In order to save CPU time, we
set up the pair plasma, but the linear behavior of the MRI in
the pair plasma was the same as that of ion-electron
plasmas [19]. A nonrelativistic isotropic plasma pressure
with a high plasma β ¼ 8πðpþ þ p−Þ=B2

0 ¼ 1536 was
assumed, where the electron and positron gas pressures
were related to the thermal velocities vt% by
p% ¼ ð3=2Þm%nv2t%. The initial magnetic field was ori-
ented purely vertical to the accretion disk, i.e.,
~B ¼ ð0; 0; B0Þ. The ratio of the cyclotron frequency to
the disk angular velocity was fixed at Ωc%=Ω0 ¼ %10,
where Ωc% ¼ e%B0=m%c. The grid size Δ was set to
23=2ðvt%=Ωp%Þ, where Ωp% ¼

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πne2=m%

p
is the pair

plasma frequency. The Alfvén velocity is defined as
VA ¼ B=

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
8πm%n

p
, so that the plasma β is equal to

3v2t%=V
2
A. The parameters used were ðVA=Ω0Þ=Δ ¼ 25,

ðvt%=Ωc%Þ=Δ ¼ 56.4, VA=c ¼ 6.25 × 10−3. Nx, Ny, and
Nz are the grid sizes in the x, y, and z directions,
respectively, and we assumed Nx ¼ Nz ¼ Nz ¼ 300 in

this Letter. Lx ¼ Ly ¼ Lz ¼ ðNxΔÞ=λ ¼ 1.91 is the physi-
cal size normalized by λ ¼ 2πVA=Ω0. The number of
particles per cell was set to Np=cell ¼ 40.
Figure 1 shows the time evolution of the magnetic field

lines (greenish lines) and the structure of the high-density
regions (sandwiched by the reddish curved planes). Color
contours in the background at Y ¼ 1.91 and X ¼ 1.91
show the angular velocity vy in the local rotating frame. In
the early stage at Torbit ¼ Ω0t=2π ¼ 0.31 in Fig. 1(a), the
magnetic field lines are parallel to the z axis, and the
Keplerian motion or differential motion of vy can be seen as
the color contour at Y ¼ 1.91, where the reddish (bluish)
region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
The amplification of the magnetic field stretched by the

Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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region corresponds to a positive (negative) toroidal veloc-
ity. As time passes, the vertical magnetic fields start to get
distorted due to the MRI, and they are stretched out in the
toroidal direction because of the Keplerian motion at
Torbit ¼ 6.89 in Fig. 1(b). This stretching motion can
amplify the magnetic field and form two inward- and
outward-flowing streams with a high plasma density and
strong electric current called the channel flow. The reddish
regions sandwiched by two surfaces in Fig. 1(c) show the
high-density channel flow with ρ ≥ hρiþ 2σρ where hρi
and σρ are the average density and standard deviation of
density distribution in the simulation domain, respectively.
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Keplerian motion may be balanced by the magnetic field

FIG. 1 (color online). Time evolution of the magnetorotational instability. Panels (a) and (b) show the magnetic field lines (greenish
lines) and angular velocities in the background at Y ¼ y=λ ¼ 1.91 and X ¼ x=λ ¼ 1.91 (color contour), and panels (c)–(e) depict the
high-density regions as reddish curved planes. Panels (b) and (c) are at the same time stage. Panel (f): The energy spectra during the MRI
at Torbit ¼ 0.31, 6.89, 7.18, 8.84, and 14.28. The dashed line is a Maxwellian fitting for Torbit ¼ 7.18.
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Particle Acceleration in 
Accretion Flows

6

Hoshino 2013; Hoshino 2015 
Riquelme et al. 2012; Kuntz et al. 2016

• Magneto-rotational instability (MRI) drives turbulence  
• Turbulence triggers magnetic reconnection
• Distribution function: Thermal → Non-thermal tail
• Magnetic reconnection accelerates CRs in plasma scale

Particle-In-Cell Simulations

巨大ブラックホール
(太陽質量の１億倍)

ブラックホール降着円盤とは？
•ブラックホールに引きつけられたガスは, 回転しながらブラックホールに
吸い込まれる (降着円盤 or 降着流). 

•ガスの重力エネルギーが変換され, 明るく輝き, 場合によってはジェット
を噴出する.

•高エネルギー天体のエネルギー源

白鳥座X-1の想像図

恒星(可視光で光る)

降着円盤
(X線で光る)

ブラックホール
(太陽質量の10倍程度)

銀河(白)

ジェット(赤)

電波銀河
の観測

2011年10月12日水曜日



7 Particle Acceleration in 
Accretion Flows

MHD + Test Particle Simulations

High-energy particles in hot accretion flows 167

Figure 3. Colormaps in the meridional plane for run A. Left: density on the φ = 0 plane. Center: magnetic energy density, B2/(8π ), on the φ = 0 plane. Right:
Azimuthally averaged Vφ , ⟨Vφ⟩L, on the R − φ plane. The white lines are iso-contours of ⟨Vφ⟩L.

Vbul, φ as the background velocity for analyses of the test-particle
simulations in Section 3.2.

Fig. 4 plots the colormaps of the density (upper) and the magnetic
energy (lower) on the equatorial plane. The magnetic fields are
frozen in the differentially rotating fluid elements that fall to the
BH. This creates the spiral structure as seen in the figure. We can
also see that the fluctuation of the density is much smaller than
that of the magnetic field energy density. This implies that the fast
modes are a sub-dominant component in the MRI turbulence.

To clarify the importance of the modes of the MHD waves (fast,
slow, and Alfven), we evaluate the Pearson correlation coefficients
between the fluctuations of the density, δρ(R, θ,φ) = ρ − ⟨ρ⟩L,
and the magnetic energy, δB2(R, θ, φ) = B2 − ⟨B2⟩L. According
to the linear MHD wave theory, the fast mode has a positive
correlation, the slow mode has a negative correlation, and the Alfven
mode has no correlation. We evaluate the correlation coefficients
as a function of R and θ , and average over them with weights
associated with the area in the meridional plane. The resulting
coefficients indicate that the density and magnetic energy are weakly
anticorrelated: the value of the coefficient is −0.22 in the disc
region (|cos θ ! 0.45|) for run A. The lower resolution runs have
higher coefficients, i.e. the anticorrelations are weaker, but no run
has a positive correlation. Therefore, the fast modes do not play
an important role in this system. This result is natural in the sub-
Alfvenic and sub-sonic turbulence.

Finally, we discuss the azimuthal power spectra of the turbulence
(cf. Sorathia et al. 2012; Suzuki & Inutsuka 2014; see Parkin &
Bicknell 2013 for three-dimensional power spectra). We take the
Fourier transformation in the azimuthal direction,

Xm = 1√
2π

∫
X exp(−imφ)dφ, (13)

where m = kφR (kφ is the wavenumber in the φ direction). Then,
we take the average of the power spectrum over the disc region:

Pm =
∫

|Xm|2RdRdθ∫
RdRdθ

, (14)

where the integration region is set to be 0.1Rc ≤ R ≤ 0.6Rc and
|cos θ | ≤ 0.45. We plot the power spectra, mPm, for the magnetic

Figure 4. Colormaps in the equatorial plane for run A. The upper and lower
panels show the density and the magnetic energy density, respectively.

MNRAS 485, 163–178 (2019)
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3.2.2. Evolution in Configuration Space

The diffusion coefficient in configuration space is estimated
to be

( )d
d

=
á ñ

D
x

t2
, 20x

i p
2

i

where ( ) ( )d d= + -x x t t x ti i i is the displacement of a particle
( =x x y,i , or z), dt is the time span for estimating the
diffusion coefficient, and áñp denotes the average over the CRs.
The estimate of the diffusion coefficient is affected by the gyro-
motion for too short dt, while it is affected by excluding the
escaped CRs for too long dt . We calculate Dxi for several values
of dt and choose suitable dt for estimating the diffusion
coefficient, which is tabulated in Table 2.

We show the temporal evolution of D D, ,x y and Dz for model
A1 in the upper panel of Figure 5. We normalize Dxi by the
Bohm coefficient,

( )= =
á ñ

á ñ
D r c

p c

e B
1
3 3

. 21p
Bohm gyro

2

v

The diffusion coefficients in configuration space have aniso-
tropy. Since the magnetic field is stretched in the y direction,
CRs easily move in the y direction. Thus, > ~D D Dy x z is
satisfied. The diffusion coefficients are almost constant in time,
and so super diffusion is not observed in our simulations (see
Xu & Yan 2013; Lazarian & Yan 2014; Roh et al. 2016).

We do not discuss the diffusion coefficient in the direction
parallel or perpendicular to the averaged magnetic field.
Although we can define the volume-averaged magnetic field
á ñB v, it does not represent the local (in the scale of gyro radius)
direction of the magnetic field due to the strong turbulence.

Dividing CRs into a few momentum bins, we estimate the
momentum dependence of Dxi. We use 20 momentum bins of
equal interval in the logarithmic space for - -p p0.1 200 .
To reduce the statistical fluctuation, we use only those
momentum bins which have more than 100 CRs. In the lower
panel of Figure 5, the momentum dependence of Dxi is shown
at =t t400 gyro,0. We can see that µD pxi , which is the same
dependence of the Bohm coefficient. These are common

features for all of the models. The diffusion coefficients in
configuration space for the other models are tabulated in
Table 2. All of the models have similar values of the diffusion
coefficients, ~D D20y Bohm and ~ ~D D D2x z Bohm.

3.2.3. Evolution in Momentum Space

We discuss the evolution of the momentum distribution
function ( )pf of CRs. Figure 6 shows the momentum
distribution of each direction dN dpi, normalized as

( )ò =dN dp dp 1i i ( =p p p, ,i x y or pz). CRs diffuse in all of
the directions in momentum space. From the upper panel, it can
be seen that the momentum distribution is isotropic in the shear
frame. The turbulent fields isotropize the motion of CRs in the
shear frame. The dispersion of the momentum distribution
monotonically increases with time. The momentum distribution
in the box frame is almost the same as that in the shear frame
because the relative shear velocity inside of a box is sufficiently
smaller than the particle velocities. On the other hand, in the lab
frame, the distribution is anisotropic due to the velocity
difference between the boxes. The dispersion in the y direction
is larger than in the other directions. In this section, we will use
the shear frame when discussing the evolution of the
distribution function. Note that the isotropy of the momentum
distribution does not conflict with the anisotropic diffusion in
configuration space. This situation is possible when the

Figure 4. Long-term evolution of the energy of CRs in the shear frame for
model A1. The thick solid line shows the evolution of energy for the most
energetic CR at =t t400 gyro,0. The thin solid line shows that for the minimum
energy CR. The dotted line shows the average energy of CRs. The most
energetic CR has about six times higher energy than the average value.

Figure 5. Diffusion coefficient in configuration space for model A1. The upper
panel shows the temporal evolution of Dx (thick solid), Dy (dashed), and Dz
(dotted) normalized by the Bohm coefficient. CRs diffuse anisotropically,

2>D D Dy x z. The lower panel shows the momentum dependence of Dxi. The
plus, cross, and asterisk points show Dx, Dy, and Dz, respectively. The Bohm
coefficients (thin solid lines) are also shown in both panels. The energy
dependence of the diffusion coefficients is almost the same as that of the
Bohm one.
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The Astrophysical Journal, 822:88 (11pp), 2016 May 10 Kimura et al.

• MRI drives turbulence  
• Turbulence interacts with CRs 
• Distribution function: broadened due to wave-particle interaction
• MHD turbulence further accelerates CRs 

170 S.S. Kimura, K. Tomida and K. Murase

Figure 6. Orbits of test particles projected to the R − θ plane (upper panel)
and the R − φ plane (lower panel) for λini = 4. The initial and final positions
of the particles are shown by the stars and circles, respectively. In the bottom
panel, the cyan circle and black arrows indicate the initial ring R = Rini and
the rotation direction, respectively.

where eφ is the unit vector of the φ direction and Vbul, φ is inde-
pendent of θ . The bottom panel shows the momentum distribution
in the fluid frame, where we can see no bulk rotational motion. In
the following sections, we use the energy distribution in the fluid
frame. Note that the particle distribution is slightly anisotropic: the
particles tend to have positive pR and negative pφ . This is because
the particles tend to move radially outward along the spiral magnetic
field, as discussed above. This anisotropy becomes stronger in later
time and for higher energy particles (see Section 3.2.3). Since this
anisotropy appears in the particle simulations with all the MHD
data sets, the grid spacing and resolutions are not the cause of the
anisotropy.

3.2.2 Diffusion in energy space

We examine evolution of the energy distribution function in the fluid
frame. The time evolution of the energy distribution for λini = 4 is
shown in Fig. 8. We can see that the width of the energy distribution
increases with time. This motivates us to consider the diffusion
equation in the energy space.

In general, the transport equation, including the diffusion and
advection terms in both configuration and momentum spaces,

Figure 7. Momentum distributions at t = 10tL in the lab frame (upper)
and the fluid flame (lower) for λini = 4. We can see a bulk motion in the
lab-frame, while the bulk motion is not seen in the fluid frame.

Figure 8. Energy distribution function at t = 4tL, 10tL, and 25 tL in fluid
flame for λini = 4. The distribution function diffuses in the energy space.

describes the evolution of the distribution function for the particles
with isotropic distribution in the fluid rest frame (e.g. Skilling
1975 ; Strong, Moskalenko & Ptuskin 2007). When the terms for
configuration space and the advection term in momentum space are
negligible, the transport equation may be simplified to the diffusion
equation only in momentum space (e.g. Stawarz & Petrosian 2008):

∂f

∂t
= 1

p2

∂

∂p

(
p2Dp

∂f

∂p

)
. (23)

Since the anisotropy in our system is not very strong, we apply this
equation to our system. We focus on the ultrarelativistic regime,
so the particle energy is approximated to be ε ≈ pc. Using the
differential number density, Nε = Np/c = 4πp2f/c, we can write

MNRAS 485, 163–178 (2019)
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High-Energy Emission

• Interaction between CRs and matter/photons 
→ efficient neutrino & gamma-ray emissions

• TeV-PeV γ-rays are absorbed by γγ pair production  
→ MeV-GeV photons from the RIAF
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Mahadevan et al. 1997; SSK et al. 2015
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Detection of Astro-Neutrinos

• IceCube experiment reported detection 
of astro-ν (E ~ PeV) in 2013

• Origin has yet to be determined
• Isotropic → extragalactic origin
• Soft spectrum in TeV-PeV range

10

IceCube 2013
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Figure 3: Left: Profile likelihood contours for single power-law parameters; this work (blue), 2-yr cascades
(green) and 8-yr diffuse nµ (red). Right: Best fit of differential flux model (see text), summed over all three
n-flavors assuming (ne : nµ : nt) = (1 : 1 : 1). The sensitive energy range (see text) is highlighted in red.

Parameter Prior Result
spectral index g - 2.48±0.08
norm astro f - (1.57+0.23

�0.22) c.u.
norm conv fconv 1.00±0.30 (1.12±0.10) ·FHKKMS06
norm prompt fprompt 0.0+1.8

�0.0 ·FBERSS < X ·FBERSS(⇤⇤)
norm muon fmuon - 1.40±0.04
scattering scale escat 1.00±0.10(⇤) 1.07±0.02
absorption scale eabs 1.00±0.10(⇤) 0.99±0.03
dom efficiency ee f f 0.99±0.10 1.00±0.06

Table 1: Single power-law fit results. (1c.u. ⌘ 10�18 GeV�1s�1sr�1cm�2). (⇤) This prior uses a bi-variate
normal distribution to account for anti-correlation. (⇤⇤) This upper limit is still under evaluation.

4. Results

4.1 The Single Power-Law In this section we assume the astrophysical neutrino flux
to follow a single, isotropic, unbroken power-law with equal contributions from all flavors:

Fn = f ⇥ (En/100TeV)�g . (4)

with per-flavor normalization f at En = 100TeV and spectral index g . The best-fit flux parame-
ters are f =

�
1.57+0.23

�0.22
�
· 10�18 GeV�1s�1sr�1cm�2 and g = 2.48 ± 0.08. The best-fit values and

uncertainties of all other fit parameters can be found in Tab. 1. The flux is measured above the
conventional neutrino background in the energy range [7] from 12TeV to 2.1PeV. Figure 2 shows
good agreement between the corresponding reconstructed energy and zenith distributions predicted
from our Monte-Carlo simulations and the observed data. The 68% confidence region (blue) for
the astrophysical parameters is shown in Fig. 3 (left) and compared to the result of the previous
analysis [9] using 2 years of IceCube data with reconstructed energies larger than 10TeV (green).
Both measurements agree well within uncertainties. Also shown is the result of the most recent
IceCube measurement, using muon neutrinos from the Northern Sky, that observed astrophysical
neutrinos above En = 119TeV (red) [7]. Both measurements are consistent only at the p = 0.04
level as estimated from the two contours. Finally we obtain better constraints on the systematic

26

IceCube ICRC 2017, 2019



Pre-IceCube Models
11

• Cosmic-ray accelerators

• Gamma Ray Bursts (GRBs)

• Star Forming Galaxies (SFG)

• Galaxy Group / Galaxy Cluster

Waxman & Bahcall 1997
Dermer & Atoyan 2003
Guetta et al. 2004

Loeb & Waxman 2006

Murase et al. 2008
Kotera et al. 2009

• Cosmic-ray reservoirs
mainly pγ interaction mainly pp interaction

• Active Galactic Nuclei (AGN)

Manheim & Biermann 1989
Stecker et al. 1991
Halzen & Zas 1997

Blazars & luminous Seyfert galaxies



Model-independent 
Constraints

• ν flux@10 TeV > γ flux@100 GeV  
→ accompanying γ overshoot Fermi data 
→ ν sources should be opaque to 
TeV γ rays 

12

Murase et al. 2013, 2016; Ahler & Halzen 2017

dark sources below 100 TeV not seen in g’s ?
gamma rays cascade in the source to lower energy
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steady source candidates
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5�IceCube
20�IceCube FSRQ

Figure 2: Left: Comparison of the diffuse neutrino emission (solid magenta band) to the effec-
tive local density and luminosity of extragalactic neutrino source populations. We indicate sev-
eral candidate populations (î) by the required neutrino luminosity to account for the full diffuse
flux [17] (see also [25]). The lower (upper) edge of the band assumes rapid (no) redshift evolu-
tion. The dark-blue-shaded region indicates IceCube’s discovery potential of the closest source
of the population (E2fnµ+n̄µ ⌃ 10�12 TeV/cm2/s in the Northern Hemisphere [26]). Right: The
same comparison for transient neutrino sources parametrized by their local density rate and bolo-
metric energy [27]. The discovery potential of the closest source is based on 10 years of livetime
(E2Fnµ+n̄µ ⌃ 0.1 GeV/cm2 in the Northern Hemisphere [28]).

ingly, several IceCube analyses [10,58] show an excess of neutrinos below 100 TeV, indicating that
the sources are opaque to g-rays, as expected, e.g., for intense X-ray and soft g-ray sources [59].

B) Precision measurements of the neutrino flux can test the idea of cosmic particle unifica-
tion, in which sub-TeV g-rays, PeV neutrinos, and UHE cosmic rays can be explained simultane-
ously [17, 41, 60, 61]. If the neutrino flux is related to the sources of UHE cosmic rays, then there
is a different theoretical upper limit (the dashed green line in Fig. 3) to the neutrino flux [62, 63].
UHE cosmic ray sources can be embedded in environments that act as “cosmic-ray reservoirs”
where magnetic fields trap cosmic rays with energies far below the highest cosmic-ray energies.
The trapped cosmic rays collide with gas and produce a flux of g-rays and neutrinos. The measured
IceCube flux is consistent with predictions of some of these models [29,39,40]; see, however, [64].

C) The attenuation of UHE cosmic rays through resonant interactions with cosmic microwave
background photons results in the production of UHE neutrinos. This mechanism, first pointed out
by Greisen, Zatsepin and Kuzmin [67, 68] (GZK), causes a suppression of the UHE cosmic ray
proton flux beyond 5✓ 1010 GeV [67, 68] and gives rise to a flux of UHE neutrinos [69], not yet
detected, shown in Fig. 3. The observation of these cosmogenic neutrinos at ⇥EeV, or a stringent
upper limit on their flux, will severely restrict models of acceleration, source evolution, cosmic ray
composition, and transition from Galactic to extragalactic components, and serve as a complement
to cosmic-ray measurements to limit possible sources (e.g., [56, 69–87]).

The strong correspondence of high-energy messengers — suggested by the diffuse data in
Fig. 3 — provides excellent motivation for multi-messenger observations. Linking together obser-
vations of multiple messengers in time and space will allow direct correlation of neutrino sources

3

• No point-source detection  
disfavors luminous sources  
(GRBs, Blazars, Jetted TDEs)

Ahler & Halzen 2017

Murase & Waxman 2016
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• Cosmic-ray accelerators

• Gamma Ray Bursts (GRBs)

• Star Forming Galaxies (SFG)

• Galaxy Group / Galaxy Cluster

Tamborra+14; Senno+ 15; Sudoh+17

Murase+13
Fang & Murase 18

• Cosmic-ray reservoirs
mainly pγ interaction mainly pp interaction

• Active Galactic Nuclei (AGN)

• LLGRBs

• Non-beamed AGN 

Models for 10 TeV Neutrinos

Kimura et al. 2015
Inoue et al.  2019

Murase et al. 2013; Boncioli et al. 2018
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FIG. 1. Schematic picture of the AGN disk-corona scenario.
Protons are accelerated by turbulence generated by the MRI
in coronae, and produce high-energy neutrinos and cascaded
gamma rays via interactions with matter and radiation.

metrically thin, optically thick disk [61]. The spectrum
is expected to have an exponential cutoff at εdisk,cut ≈
2.8kBTdisk, where Tdisk ≈ 0.49(GMṀ/16πσSBR3

S)
1/4

is the maximum effective temperature of the disk
(e.g., [62]). Here, M is the SMBH mass, Ṁ is the mass
accretion rate, and RS = 2GM/c2 is the Schwarzschild
radius. Assuming a standard disk, we use Ṁ ≈
Lbol/(ηradc2) with a radiative efficiency of ηrad = 0.1.
Although the spectra calculated by Ref. [60] extend to
low energies, we only consider photons with εdisk > 2 eV
because infrared photons would come from a dust torus.

X rays are produced via Compton upscattering by
thermal electrons with Te ∼ 109 K. The spectrum can
be modeled by a power law with an exponential cutoff.
The photon index, ΓX , is correlated with the Edding-
ton ratio as ΓX ≈ 0.167 × log(λEdd) + 2.0 [63]. The
cutoff energy is also given by εX,cut ∼ [−74 log(λEdd) +
1.5× 102] keV [29]. The electron temperature is written
as kBTe ≈ εX,cut/2 for an optically thin corona. Then,
assuming a slab geometry, the Thomson optical depth
is given by τT ≈ 10(2.16−ΓX)/1.06(kBTe/keV)

−0.3 [29].
The x-ray luminosity LX is converted into Lbol follow-
ing Ref. [64], and the SMBH mass can be estimated by
M ≈ 2.0 × 107 M⊙ (LX/1.16 × 1043 erg s−1)0.746 [65].
The thus constructed SEDs are shown in Fig. 2.

We expect the disk coronae to be characterized by two
temperatures, i.e., Tp ≫ Te [66, 67] (see Appendix). We
assume that the thermal protons are at the virial tem-
perature, Tp ≈ GMmp/(3RkB), where R = rRS is the
coronal size and r is the normalized radius. The nor-
malized proton temperature is θp = kBTp/(mpc2) ≈
5.3 × 10−3r−1

1.5. With the sound speed C2
s ≈ kBTp/mp

and Keplerian velocity VK =
√

GM/R, the scale height
is written as H ≈ (Cs/VK)R, leading to a nucleon target
density, np ≈ τT /(σTH). The magnetic field is estimated
by B ≈

√

8πmpnpkBTp/β, where β is the plasma beta.

We summarize our model parameters in Table I. Note
that most of the physical quantities can be estimated
from the observational correlations. Thus, for a given

FIG. 2. Disk-corona SEDs and CR proton differential lumi-
nosities for LX = 1042 erg s−1, 1043 erg s−1, 1044 erg s−1,
1045 erg s−1, 1046 erg s−1 (from bottom to top).

TABLE I. Parameters used in this work. Units are [erg s−1]
for LX and Lbol, [M⊙] for M , [cm] for R, [cm−3] for np, and
[%] for the ratio of the CR pressure to the thermal pressure.

logLX logLbol logM ΓX θe τT logR log np PCR/Pth

42.0 43.0 6.51 1.72 0.27 0.59 13.5 10.73 0.27
43.0 44.2 7.25 1.80 0.23 0.52 14.2 9.93 0.54
44.0 45.4 8.00 1.88 0.20 0.46 15.0 9.13 0.94
45.0 46.6 8.75 1.96 0.16 0.41 15.7 8.33 1.54
46.0 47.9 9.49 2.06 0.12 0.36 16.4 7.53 2.34

LX , β and r are the only remaining parameters. They
are also constrained in a certain range by observa-
tions [68, 69] and numerical simulations [43, 45]. For
example, recent MHD simulations show that β in the
coronae can be as low as 0.1 − 10 (e.g., [39, 44]). We
assume β ∼ 1, and adopt r = 30 throughout this work.

III. STOCHASTIC ACCELERATION AND
SECONDARY PRODUCTION IN CORONAE

For the disk coronae considered here, the infall and
dissipation time scales are estimated to be tfall ≃
2.5 × 106 s R15(αVK/4000 km s−1)

−1
and tdiss ≃ 1.8 ×

105 s R15(VK/40000 km s−1)
−1

β1/2, where α is the vis-
cosity parameter [61]. The electron relaxation time via

Coulomb collisions, tee,rlx ∼ 1.6× 103 s θ3/2e,−0.6τ
−1
T R15, is

always shorter than tdiss. The proton relaxation time is
much longer, which can ensure two temperature coronae
(see Appendix). These collisionallity arguments imply
that turbulent acceleration is promising for not electrons
but protons (although fast acceleration by small-scale re-
connections might occur [70, 71]). The situation is some-
what analogous to that in RIAFs, for which nonthermal
signatures have been studied (e.g., [72–74]).
We expect that protons are accelerated in the MHD

Murase, SSK et al. 2019
Mahadevan et al. 1997; SSK et al. 2015, 2019, in prep.
• RIAFs in LLAGNs

• Coronae in QSOs

• Transport equations for primary protons and secondary e+e- & γ 

 

 

3

turbulence. We compute steady state CR spectra by solv-
ing the following Fokker-Planck equation (e.g., [75–78]),

∂Fp

∂t
=

1

ε2p

∂

∂εp

(

ε2pDεp
∂Fp

∂εp
+

ε3p
tp−cool

Fp

)

− Fp

tesc
+ Ḟp,inj,

(1)
where Fp is the CR distribution function, Dεp ≈ ε2p/tacc
is the diffusion coefficient in energy space, t−1

p−cool = t−1
pp +

t−1
pγ +t−1

BH+t−1
p−syn is the total cooling rate, t

−1
esc = t−1

fall+t−1
diff

is the escape rate, and Ḟp,inj is the injection function
(see Appendix [79]). The stochastic acceleration time is
given by tacc ≈ η(c/VA)

2(R/c)(εp/eBR)2−q, where VA

is the Alfvén velocity and η is the inverse of the turbu-
lence strength [80, 81]. We adopt q = 5/3, which is con-
sistent with the recent MHD simulations [56], together
with η = 10. Because the dissipation rate in the coronae
is expected to be proportional to LX , we assume that the
injection function linearly scales as LX . To explain the
ENB, the CR pressure required for LX = 1044 erg s−1

turns out to be ∼ 1% of the thermal pressure, which is
reasonable. We plot εpLεp ≡ 4π(ε4p/c

3)FpV(t−1
esc+t−1

p−cool)
in Fig. 2, where V is the volume.
While the CRs are accelerated, they interact with

matter and radiation modeled in the previous section,
and produce secondary particles. Following Ref. [82, 83],
we solve the kinetic equations taking into account elec-
tromagnetic cascades. In this work, secondary injections
by the Bethe-Heitler and pγ processes are approx-
imately treated as ε2e(dṄ

BH
e /dεe)|εe=(me/mp)εp ≈

t−1
BHε

2
p(dNCR/dεp), ε2e(dṄ

pγ
e /dεe)|εe=0.05εp ≈

(1/3)ε2ν(dṄ
pγ
ν /dεν)|εν=0.05εp ≈ (1/8)t−1

pγ ε
2
p(dNCR/dεp),

and ε2γ(dṄ
pγ
γ /dεγ)|εγ=0.1εp ≈ (1/2)t−1

pγ ε
2
p(dNCR/dεp).

The resulting cascade spectra are broad, being deter-
mined by synchrotron and inverse Compton emission.
In general, stochastic acceleration models naturally

predict reacceleration of secondary pairs populated by
cascades [84]. The critical energy of the pairs, εe,cl, is
consistently determined by the balance between the ac-
celeration time tacc and the electron cooling time te−cool.
We find that whether the secondary reacceleration oc-
curs or not is rather sensitive to B and tacc. For ex-
ample, with β = 3 and q = 1.5, the reaccelerated pairs
can upscatter x-ray photons up to ∼ (εe,cl/mec2)

2
εX ≃

3.4 MeV (εe,cl/30 MeV)2(εX/1 keV), which may form a
gamma-ray tail. However, if εe,cl <∼ 1 MeV (for β = 1
and q = 5/3), reacceleration is negligible, and small-scale
turbulence is more likely to be dissipated at high Tp [85].

IV. NEUTRINO BACKGROUND AND MEV
GAMMA-RAY CONNECTION

We calculate neutrino and gamma-ray spectra for dif-
ferent source luminosities, and obtain the EGB and ENB
through Eq. (31) of Ref. [91]. We use the x-ray luminos-
ity function dρX/dLX , given by Ref. [14], taking into
account a factor of 2 enhancement by Compton thick
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FIG. 3. EGB and ENB spectra in our RQ AGN core model.
The data are taken from Swift-BAT [86] (green), Nagoya bal-
loon [87] (blue), SMM [88] (purple), COMPTEL [89] (gray),
Fermi-LAT [90] (orange), and IceCube [5] for shower (black)
and upgoing muon track (blue shaded) events. A possible
contribution of reaccelerated pairs is indicated (thin solid).

AGNs. Results are shown in Fig. 3. Our RQ AGN core
model can explain the ENB at ∼ 30 TeV energies if the
CR pressure is ∼ 1% of the thermal pressure.
In the vicinity of SMBHs, high-energy neutrinos

are produced by both pp and pγ interactions. The
disk-corona model indicates τT ∼ 1 (see Table 1), which
leads to the effective pp optical depth fpp ≈ tesc/tpp ≈
np(κppσpp)R(c/Vfall) ∼ 2τT (αVK/4000 km s−1)

−1
. Note

that VK is a function ofM (and LX). X-ray photons from
coronae provide target photons for the photomeson pro-
duction, whose effective optical depth [8, 92] is fpγ [εp] ≈
tesc/tpγ ≈ ηpγ σ̂pγR(c/Vfall)nX(εp/ε̃pγ−X)ΓX−1 ∼
0.9LX,44R

−1
15 (αVK/4000 km s−1)

−1
(1 keV/εX)ηpγ(εp/ε̃pγ−X)ΓX−1,

where ηpγ ≈ 2/(1 + ΓX), σ̂pγ ∼ 0.7 × 10−28 cm2

is the attenuation cross section, ε̄∆ ∼ 0.3 GeV,
ε̃pγ−X = 0.5mpc2ε̄∆/εX ≃ 0.14 PeV (εX/1 keV)−1,
and nX ∼ LX/(4πR2cεX) is used. The total meson
production optical depth is given by fmes = fpγ + fpp,
which always exceeds unity in our model.
Importantly, ∼ 10− 100 TeV neutrinos originate from

CRs with ∼ 0.2− 2 PeV. Different from previous studies
explaining the IceCube data [93, 94], disk photons are
irrelevant for the photomeson production because its
threshold energy is ε̃pγ−th ≃ 3.4 PeV (εdisk/10 eV)−1.
However, CRs in the 0.1-1 PeV range should efficiently
interact with disk photons via the Bethe-Heitler pro-
cess because the characteristic energy is ε̃BH−disk =
0.5mpc2ε̄BH/εdisk ≃ 0.47 PeV (εdisk/10 eV)−1, where
ε̄BH ∼ 10(2mec2) ∼ 10 MeV [95, 96]. Approximating the
number of disk photons by ndisk ∼ Lbol/(4πR2cεdisk),
the Bethe-Heitler effective optical depth [97] is
estimated to be fBH ≈ ndiskσ̂BHR(c/Vfall) ∼
20Lbol,45.3R

−1
15 (αVK/4000 km s−1)

−1
(10 eV/εdisk),

V. CASCADE GAMMA-RAY EMISSION

Hadronuclear and photohadronic processes produce
very-high-energy (VHE) gamma rays through neutral pion
decay and high-energy electron/positron pairs through
charged pion decay and the Bethe-Heitler process. The
VHE gamma rays are absorbed by soft photons through the
γγ → eþe− process in the RIAF, and produce additional
high-energy electron/positron pairs. The high-energy eþe−

pairs also emit gamma-rays through synchrotron processes,
inverse Compton scattering, and bremsstrahlung, leading to
electromagnetic cascades. We calculate the cascade emis-
sion by solving the kinetic equations of photons and
electron/positron pairs (see Refs. [87,159,160]):

∂neεe
∂t þ ∂

∂εe ½ðPIC þ Psyn þ Pff þ PCouÞneεe %

¼ _nðγγÞεe −
neεe
tesc

þ _ninjεe ; ð31Þ

∂nγεγ
∂t ¼ −

nγεγ
tγγ

−
nγεγ
tesc

þ _nðICÞεγ þ _nðffÞεγ þ _nðsynÞεγ þ _ninjεγ ; ð32Þ

where niεi is the differential number density (i ¼ e or γ),

_nðxxÞεi is the particle source term from the process xx
[xx ¼ IC (inverse Compton scattering), γγ (γγ pair pro-
duction), syn (synchrotron), or ff (bremsstrahlung)], _Ninj

εi is
the injection term from the hadronic interaction, and Pyy is
the energy loss rate for the electrons from the process yy
[yy ¼ IC (inverse Compton scattering), syn (synchrotron),
ff (bremsstrahlung), or Cou (Coulomb collision)].1

Here, we approximately treat the injection terms of
photons and pairs from hadronic interactions. The injection
terms for photons and pairs consist of the sum of the
relevant processes: _ninjεγ ¼ _nðpγÞεγ þ _nðppÞεγ and _ninjεe ¼ _nðBHÞεe þ
_nðpγÞεe þ _nðppÞεe . We approximate the terms due to Bethe-
Heitler and pγ processes to be

ε2γ _n
ðpγÞ
εγ ≈

1

2
t−1pγ ε2pnεp ; ð33Þ

ε2e _n
ðpγÞ
εe ≈ ε2νn

ðpγÞ
εν ≈

1

8
t−1pγ ε2pnεp ; ð34Þ

ε2e _n
ðBHÞ
εe ≈ t−1BHε

2
pnεp ; ð35Þ

where εγ ≈ 0.1εp and εe ≈ 0.05εp for photomeson produc-
tion, and εe ≈ ðme=mpÞεp for the Bethe-Heitler process.
For the injection terms from pp interactions, see Ref. [160].

We plot proton-induced cascade gamma-ray spectra in
Fig. 3. A sufficiently developed cascade emission generates
a flat spectrum below the critical energy at which γγ
attenuation becomes ineffective. The optical depth to the
electron-positron pair production is estimated to be

τγγðεγÞ ≈ R
Z

KðxÞ
dnγ
dεγ

dεγ; ð36Þ

where εγ is the gamma-ray energy, KðxÞ ¼ 0.652σT ×
ðx − x−2Þ lnðxÞHðx − 1Þ, x ¼ εγεγ=ðmec2Þ, and HðxÞ is
the Heaviside step function [161]. We tabulate the values
of the critical energy, εγγ , at which τγγ ¼ 1 in Table II. We
can see flat spectra below the critical energy. Note that the
tabulated values are approximately calculated using a
fitting formula, while the cascade calculations are per-
formed with the exact cross section. We overplot the Fermi-
LAT sensitivity curve in the high galactic latitude region
with a 10-year exposure obtained from Ref. [126]. The
predicted fluxes are lower than the sensitivity curve for all
the cases. The Cherenkov Telescope Array (CTA) has a
better sensitivity above 30 GeV than LAT, but the cascade
gamma-ray flux is considerably suppressed in the VHE
range due to the γγ attenuation. For a lower- _m object that
has a higher value of εγγ, such as NGC 5866, the cascade
flux is too low to be detected by CTA. Therefore, it would
be challenging to detect the cascade gamma rays with
current and near-future instruments, except for Sgr A*.
SgrA*has two distinct emission phases: the quiescent and

flaring states (see Ref. [162] for a review). The x-ray
emission from the quiescent state of Sgr A* is spatially
extended to ∼1”, which corresponds to 105RS for a black
hole of 4 × 106 M⊙ [163]. Hence, our model is not appli-
cable to the quiescent state. On the other hand, the flaring
state of Sgr A* shows a 10–300 times higher flux than the
quiescent state with a time variability of ∼1 h [164]. This
variability time scale implies that the emission region should
be ≲102RS. However, the value of _m for the brightest flare
estimated by Eq. (3) is less than 10−4. Since our model is not
applicable to such a low-accretion-rate system (see Sec. II),
we avoid discussing it in detail. A detailed estimate should be
made in the future (see Ref. [165] for a related discussion).

VI. SUMMARY

We have investigated high-energy multimessenger
emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multimessenger detection pros-
pects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone model
is roughly consistent with the observed x-ray features,
such as an anticorrelation between the Eddington ratio
and the spectral index. RIAFs with _m≳ 0.01 emit
strong MeV gamma rays through Comptonization, which

1We calculate the cascade spectra using spherical coordinates,
while the other calculations are made in cylindrical coordinates.
The effect of geometry have little influence on our result.
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V. CASCADE GAMMA-RAY EMISSION

Hadronuclear and photohadronic processes produce
very-high-energy (VHE) gamma rays through neutral pion
decay and high-energy electron/positron pairs through
charged pion decay and the Bethe-Heitler process. The
VHE gamma rays are absorbed by soft photons through the
γγ → eþe− process in the RIAF, and produce additional
high-energy electron/positron pairs. The high-energy eþe−

pairs also emit gamma-rays through synchrotron processes,
inverse Compton scattering, and bremsstrahlung, leading to
electromagnetic cascades. We calculate the cascade emis-
sion by solving the kinetic equations of photons and
electron/positron pairs (see Refs. [87,159,160]):

∂neεe
∂t þ ∂

∂εe ½ðPIC þ Psyn þ Pff þ PCouÞneεe %

¼ _nðγγÞεe −
neεe
tesc

þ _ninjεe ; ð31Þ

∂nγεγ
∂t ¼ −

nγεγ
tγγ

−
nγεγ
tesc

þ _nðICÞεγ þ _nðffÞεγ þ _nðsynÞεγ þ _ninjεγ ; ð32Þ

where niεi is the differential number density (i ¼ e or γ),

_nðxxÞεi is the particle source term from the process xx
[xx ¼ IC (inverse Compton scattering), γγ (γγ pair pro-
duction), syn (synchrotron), or ff (bremsstrahlung)], _Ninj

εi is
the injection term from the hadronic interaction, and Pyy is
the energy loss rate for the electrons from the process yy
[yy ¼ IC (inverse Compton scattering), syn (synchrotron),
ff (bremsstrahlung), or Cou (Coulomb collision)].1

Here, we approximately treat the injection terms of
photons and pairs from hadronic interactions. The injection
terms for photons and pairs consist of the sum of the
relevant processes: _ninjεγ ¼ _nðpγÞεγ þ _nðppÞεγ and _ninjεe ¼ _nðBHÞεe þ
_nðpγÞεe þ _nðppÞεe . We approximate the terms due to Bethe-
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t−1pγ ε2pnεp ; ð34Þ
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εe ≈ t−1BHε

2
pnεp ; ð35Þ

where εγ ≈ 0.1εp and εe ≈ 0.05εp for photomeson produc-
tion, and εe ≈ ðme=mpÞεp for the Bethe-Heitler process.
For the injection terms from pp interactions, see Ref. [160].

We plot proton-induced cascade gamma-ray spectra in
Fig. 3. A sufficiently developed cascade emission generates
a flat spectrum below the critical energy at which γγ
attenuation becomes ineffective. The optical depth to the
electron-positron pair production is estimated to be

τγγðεγÞ ≈ R
Z

KðxÞ
dnγ
dεγ

dεγ; ð36Þ

where εγ is the gamma-ray energy, KðxÞ ¼ 0.652σT ×
ðx − x−2Þ lnðxÞHðx − 1Þ, x ¼ εγεγ=ðmec2Þ, and HðxÞ is
the Heaviside step function [161]. We tabulate the values
of the critical energy, εγγ , at which τγγ ¼ 1 in Table II. We
can see flat spectra below the critical energy. Note that the
tabulated values are approximately calculated using a
fitting formula, while the cascade calculations are per-
formed with the exact cross section. We overplot the Fermi-
LAT sensitivity curve in the high galactic latitude region
with a 10-year exposure obtained from Ref. [126]. The
predicted fluxes are lower than the sensitivity curve for all
the cases. The Cherenkov Telescope Array (CTA) has a
better sensitivity above 30 GeV than LAT, but the cascade
gamma-ray flux is considerably suppressed in the VHE
range due to the γγ attenuation. For a lower- _m object that
has a higher value of εγγ, such as NGC 5866, the cascade
flux is too low to be detected by CTA. Therefore, it would
be challenging to detect the cascade gamma rays with
current and near-future instruments, except for Sgr A*.
SgrA*has two distinct emission phases: the quiescent and

flaring states (see Ref. [162] for a review). The x-ray
emission from the quiescent state of Sgr A* is spatially
extended to ∼1”, which corresponds to 105RS for a black
hole of 4 × 106 M⊙ [163]. Hence, our model is not appli-
cable to the quiescent state. On the other hand, the flaring
state of Sgr A* shows a 10–300 times higher flux than the
quiescent state with a time variability of ∼1 h [164]. This
variability time scale implies that the emission region should
be ≲102RS. However, the value of _m for the brightest flare
estimated by Eq. (3) is less than 10−4. Since our model is not
applicable to such a low-accretion-rate system (see Sec. II),
we avoid discussing it in detail. A detailed estimate should be
made in the future (see Ref. [165] for a related discussion).

VI. SUMMARY

We have investigated high-energy multimessenger
emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multimessenger detection pros-
pects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone model
is roughly consistent with the observed x-ray features,
such as an anticorrelation between the Eddington ratio
and the spectral index. RIAFs with _m≳ 0.01 emit
strong MeV gamma rays through Comptonization, which

1We calculate the cascade spectra using spherical coordinates,
while the other calculations are made in cylindrical coordinates.
The effect of geometry have little influence on our result.
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LAT sensitivity curve in the high galactic latitude region
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predicted fluxes are lower than the sensitivity curve for all
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better sensitivity above 30 GeV than LAT, but the cascade
gamma-ray flux is considerably suppressed in the VHE
range due to the γγ attenuation. For a lower- _m object that
has a higher value of εγγ, such as NGC 5866, the cascade
flux is too low to be detected by CTA. Therefore, it would
be challenging to detect the cascade gamma rays with
current and near-future instruments, except for Sgr A*.
SgrA*has two distinct emission phases: the quiescent and

flaring states (see Ref. [162] for a review). The x-ray
emission from the quiescent state of Sgr A* is spatially
extended to ∼1”, which corresponds to 105RS for a black
hole of 4 × 106 M⊙ [163]. Hence, our model is not appli-
cable to the quiescent state. On the other hand, the flaring
state of Sgr A* shows a 10–300 times higher flux than the
quiescent state with a time variability of ∼1 h [164]. This
variability time scale implies that the emission region should
be ≲102RS. However, the value of _m for the brightest flare
estimated by Eq. (3) is less than 10−4. Since our model is not
applicable to such a low-accretion-rate system (see Sec. II),
we avoid discussing it in detail. A detailed estimate should be
made in the future (see Ref. [165] for a related discussion).

VI. SUMMARY

We have investigated high-energy multimessenger
emissions, including the MeV gamma-rays, high-energy
gamma-rays, and neutrinos, from nearby individual
LLAGNs, focusing on their multimessenger detection pros-
pects. We have refined the RIAF model of LLAGNs,
referring to recent simulation results. Our one-zone model
is roughly consistent with the observed x-ray features,
such as an anticorrelation between the Eddington ratio
and the spectral index. RIAFs with _m≳ 0.01 emit
strong MeV gamma rays through Comptonization, which

1We calculate the cascade spectra using spherical coordinates,
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TABLE II. Resulting physical quantities for various values of X-ray luminosity. The last two column shows the values for
models A/B/C

logLX,obs logLX,calc log ṁ logNp B ⌧T ⇥e logE�� logLp PCR/Pthrml

[erg s�1] [erg s�1] [cm�3] [G] [MeV] [erg s�1] [%]
38.78 38.29 -3.33 7.33 56.24 -2.38 2.75 5.58 40.24/40.07/40.8 15.8/10.7/56.1
39.68 39.73 -2.88 7.78 94.73 -1.93 2.32 5.16 40.70/40.52/41.2 15.3/10.2/51.6
40.59 40.83 -2.43 8.23 159.56 -1.48 1.79 4.04 41.15/40.97/41.7 13.9/9.3/48.4
41.50 41.64 -1.98 8.68 268.77 -1.02 1.30 3.25 41.60/41.43/42.1 11.3/7.2/41.1
42.40 42.47 -1.52 9.14 452.72 -0.57 0.91 2.14 42.05/41.88/42.6 7.7/4.1/28.6

tacc = "
2

p/D"p , is longer than tfall for "p > 1.5⇥ 104 GeV
for ṁ ⇠ 10�2 and for "p > 5.1⇥ 103 GeV for ṁ ⇠ 10�3,
the cuto↵ energy in the proton spectrum appears at a
much higher energy due to its hard spectral index and
gradual cuto↵ [cf., 26, 61]. For models B and C, the
resulting proton luminosity is almost identical to the in-
jection spectrum, because the infall dominates over the
other loss processes in all the energy range.

The pp inelastic collisions and photomeson interactions
produce pions which decay to neutrinos. We calculate the
neutrino spectrum from pp collisions using the formalism
given by Ref. [62]. For the neutrinos by p� interac-
tion, we use a semi-analytic prescription given in Ref.
[59, 63]. Owing to the moderate magnetic field strength
and plasma density, we can ignore the e↵ect of meson
cooling, as long as we focus on sub-PeV neutrinos. Then,
the neutrino flavor ratio is (⌫e, ⌫µ, ⌫⌧ ) = (1, 2, 0) at
the source and (1, 1, 1) on Earth, due to the neutrino os-
cillation during propagation. The hadronic interactions
also produce gamma rays and electron/positron pairs,
which initiate electromagnetic cascades. We calculate
the cascade emission by solving the kinetic equations of
electron/positron pairs and photons. We approximately
treat the pair injection processes by Bethe-heitler pro-
cess and photomeson production. See the accompanying
paper and Refs. [64, 65] for details.

The resulting neutrino and gamma-ray spectra are
shown in Figure 1. For the higher accretion rate case,
the pp and p� interactions produce comparable amounts
of neutrinos at "⌫ >⇠ 1014 eV. The cascade photons show
a flat spectrum below ⇠ 109 eV, often seen in well-
developed cascades [66]. On the other hand, in the lower
accretion rate case, the neutrinos are predominantly pro-
duced by pp collisions. The cascade spectrum depends on
the models; Models A and B show a high-energy cuto↵
around 109 eV, while the spectrum extends up to 1011 eV
for model C. The normalization of the cascade emission
is the highest in model C due to its higher cosmic-ray
luminosity (see Table II).

Di↵use Intensities.— The di↵use neutrino and
gamma-ray intensities are calculated as (e.g., Refs. [18,

26, 67])

�i =
c

4⇡H0

Z
dzp

(1 + z)3⌦m + ⌦⇤

Z
dLH↵⇢H↵

L"i

"i
e
�⌧i,IGM ,

(3)
where ⇢H↵ is the H↵ luminosity function, ⌧i,IGM is
the optical depth in intergalactic medium, and we use
H0 ⇠ 70 km s�1 Mpc�1, ⌦M ⇠ 0.3, and ⌦⇤ ⇠ 0.7.
H↵ luminosity function is given by Ref. [68]: ⇢H↵ ⇡
(⇢⇤/L⇤)/[(LH↵/L⇤)s1 + (LH↵/L⇤)s2 ], where ⇢⇤ ' 4.11 ⇥
10�5 Mpc�3, L⇤ = 3.26 ⇥ 1041 erg s�1, s1 = 2.78,
and s2 = 1.88. We extrapolate this luminosity func-
tion to Lmin = 1038 erg s�1, below which the Palo-
mar survey finds a hint of a flattening [69]. The sur-
vey also indicates a correlation between LX and LH↵ for
LLAGNs: LX ⇡ 5 � 7LH↵ [69]. We use a correction
factor X/H↵ = LX/LH↵ = 6.0. Then, the luminosity
integration is performed in the range of 1038 erg s�1 
LH↵  ⌘radṁLEdd/(X/H↵bol/X) ' 4.2 ⇥ 1041 erg s�1.
Since dimmer AGNs tend to have weaker redshift evolu-
tion [70–72], we assume no redshift evolution of the lu-
minosity function. The mass of SMBHs in local Seyfert
galaxies does not show any correlation with X-ray lu-
minosity and H↵ luminosity [73]. Ref. [74] provides a
sample of LLAGNs, and the average and median values
of log(MBH/M�) are 8.0 and 8.1, respectively. Also, the
local SMBH mass functions in the previous studies show
that the energy budget is dominated by the black holes
of M ⇠ 108�3⇥108 M� if the Eddington ratio function
is independent of the SMBH mass [48, 71, 75]. Hence,
we use MBH = 108 M� as a reference value. We use
⌧⌫,IGM = 0 and the values in Ref. [76] for ⌧�,IGM.
Figure 2 shows the resulting gamma-ray and neutrino

intensities. Our model can reproduce the soft gamma-
ray and neutrino data simultaneously. The soft gamma
rays are produced by the thermal electrons, while non-
thermal protons produce the high-energy neutrinos. We
tabulate the required amount of cosmic-ray luminosity
and pressure ratio of cosmic rays and thermal protons
in Table II. The pressure ratio is moderate, ⇠ 0.1, in
models A and B, while model C requires a higher value,
⇠ 0.5, which is challenging to achieve through stochastic
acceleration.
The GeV flux is considerably attenuated in the RIAF

and consistent with the Fermi data, demonstrating that

• AGN cores can account for a broad range of γ & ν bkgd.

• Seyfert: X-ray & TeV ν
• LLAGN: MeV γ & PeV ν
• GeV γs are attenuated  

in the source  
→ consistent with Fermi data

Preliminary 

SSK, Murase, Meszaros in prep.  
see also SSK, Murase, Toma 2015; 
              SSK, Murase, Meszaros 2019; 
              Murase, SSK, Meszaros 2019
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Accretion Flow  
in FR-I Galaxies
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Figure 3
Schematic drawings of the central engines of radiative-mode and jet-mode AGNs (not to scale).
(a) Radiative-mode AGNs possess a geometrically thin, optically thick accretion disk, reaching into the
radius of the innermost stable orbit around the central supermassive black hole. Luminous UV radiation
from this accretion disk illuminates the broad-line and narrow-line emission regions. An obscuring structure
of dusty molecular gas prohibits direct view of the accretion disk and broad-line regions from certain lines of
sight (Type 2 AGN), whereas they are visible from others (Type 1 AGN). In a small proportion of sources
(predominantly toward the high end of the range of black hole masses), powerful radio jets can also be
produced. (b) In jet-mode AGNs the thin accretion disk is replaced in the inner regions by a geometrically
thick advection-dominated accretion flow. At larger radii (beyond a few tens of Schwarzschild radii, the
precise value depending upon properties of the accretion flow, such as the Eddington-scaled accretion rate),
there may be a transition to an outer (truncated) thin disk. The majority of the energetic output of these
sources is released in bulk kinetic form through radio jets. Radiative emission is less powerful, but can ionize
weak, low-ionization narrow-line regions, especially where the truncation radius of the thin disk is relatively
low.

axis of the obscuring structure, it photoionizes gas on circumnuclear scales (a few hundred to a few
thousand parsecs). This more quiescent and lower-density population of clouds produces UV-,
optical-, and IR-forbidden and -permitted emission lines, Doppler-broadened by several hundred
kilometers per second, and is hence called the narrow-line region (NLR).

Observing an AGN from a sight line nearer the polar axis of the obscuring structure yields a
clear direct view of the SMBH, the disk/corona, and broad-line region (BLR). These are called
Type 1 (or unobscured) AGNs. When observing an AGN from a sight line nearer the equatorial
plane of the obscuring structure, this central region is hidden and these are called Type 2 (or
obscured) AGNs. This is the basis for the standard unified model for radiative-mode AGNs (e.g.,
Antonucci 1993), which asserts that the Type 1 and 2 populations differ only in the viewing angle
from which the AGN is observed. The presence of AGNs can still be inferred in the Type 2
objects from the thermal IR emission from the obscuring structure, from hard X-rays transmitted
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Figure 4. Evolved snapshot (see Supporting Information for the movie) of the fiducial model at t ≈ 15612rg/c showing log of rest-mass density in colour (see
the legend on the right-hand side) in both the z–x plane at y = 0 (top left-hand panel) and the y–x plane at z = 0 (top right-hand panel). The black lines trace
field lines, where the thicker black lines show where field is lightly mass-loaded. The bottom panel has three subpanels. The top subpanel shows Ṁ through
the BH (ṀH), out in the jet (Ṁ j, at r = 50rg), and out in the magnetized wind (Ṁmw,o, at r = 50rg) with legend. The middle subpanel shows ϒ for similar
conditions. The bottom subpanel shows the efficiency (η) for similar conditions. The horizontal lines of the same colours show the averages over the averaging
period, while the square/triangle/circle tickers are placed at the given time and values. In summary, the efficiency is high at η ∼ 200 per cent. Also, despite
plenty (up to 10 times around t ∼ 8500rg/c) of same-signed polarity magnetic flux surrounding the BH, the magnetic flux reaches a stable saturated value of
ϒH ≈ 17 as managed by magnetic RT modes. This suggests that the simulation has reached a force balance between the magnetic flux in the disc and the hot
heavy inflow.

However, during the field inversion, the geometric thickness re-
stores to the prior geometric thickness (θd ≃ 0.7) at all radii, which
indicates that the field (lost during the field annihilation) is respon-
sible for the thinning of the dense part of the disc. After the field
polarity inversion, the magnetic flux re-accumulates near the BH,
which leads again to the vertical compression of the disc flow. The
α-viscosity parameter holds steady at about αb ∼ 0.05. ϒ in the
pure inflow (u r < 0 only) available at large radii (here r = 50rg,
giving ϒouter in the plot) is large (the BH and ‘outer’ values are
similar for this chosen ‘outer’ radius).

The value of r%a shows the radius out to which the magnetic
polarity is the same as on the horizon. As expected, r%a drops
to the horizon during the field inversion (destruction of the inner
part of the second field loop) at t ∼ 2700rg/c. It also gradually
drops as the next polarity inversion (outer part of the third field
loop) eats away at the magnetic flux outside the BH. The process
of field inversion is also evident by looking at %H(t)/%a(t) (i.e.
ratio of time-dependent fluxes) corresponding to [the flux on the

BH] per unit [flux on the BH plus available of the same polarity
just beyond the BH]. %H(t)/%a(t) ∼ 1 is reached during the field
polarity inversion, and at late times %H(t)/%a(t) ∼ 1 is approached.
However, while ϒ holds steady, the value of |%H(t)/%a(t)| ≪ 1,
which indicates that much more same-polarity flux is available.
This shows that the saturated value of ϒ (and so η) is controlled
by some force balance condition and not simply limited by initial
conditions. Finally, |% tH(t)/&H(t)| ∼ 1 shows that the horizon’s field
is dipolar (l ≈ 1).

5.3 Time-averaged poloidal (r − θ ) dependence

Fig. 6 shows the time-averaged flow field and contours for other
conditions. The figure is comparable to the snapshot shown in
Fig. 3. The jet region contains significant magnetic flux and same-
signed polarity field exists near the BH ready to be accreted. In the
quasi-stationary state, the BH’s magnetic flux oscillates around its
saturated magnitude, whose time-averaged value is determined by

C⃝ 2012 The Authors, MNRAS 423, 3083–3117
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Figure 4. Evolved snapshot (see Supporting Information for the movie) of the fiducial model at t ≈ 15612rg/c showing log of rest-mass density in colour (see
the legend on the right-hand side) in both the z–x plane at y = 0 (top left-hand panel) and the y–x plane at z = 0 (top right-hand panel). The black lines trace
field lines, where the thicker black lines show where field is lightly mass-loaded. The bottom panel has three subpanels. The top subpanel shows Ṁ through
the BH (ṀH), out in the jet (Ṁ j, at r = 50rg), and out in the magnetized wind (Ṁmw,o, at r = 50rg) with legend. The middle subpanel shows ϒ for similar
conditions. The bottom subpanel shows the efficiency (η) for similar conditions. The horizontal lines of the same colours show the averages over the averaging
period, while the square/triangle/circle tickers are placed at the given time and values. In summary, the efficiency is high at η ∼ 200 per cent. Also, despite
plenty (up to 10 times around t ∼ 8500rg/c) of same-signed polarity magnetic flux surrounding the BH, the magnetic flux reaches a stable saturated value of
ϒH ≈ 17 as managed by magnetic RT modes. This suggests that the simulation has reached a force balance between the magnetic flux in the disc and the hot
heavy inflow.

However, during the field inversion, the geometric thickness re-
stores to the prior geometric thickness (θd ≃ 0.7) at all radii, which
indicates that the field (lost during the field annihilation) is respon-
sible for the thinning of the dense part of the disc. After the field
polarity inversion, the magnetic flux re-accumulates near the BH,
which leads again to the vertical compression of the disc flow. The
α-viscosity parameter holds steady at about αb ∼ 0.05. ϒ in the
pure inflow (u r < 0 only) available at large radii (here r = 50rg,
giving ϒouter in the plot) is large (the BH and ‘outer’ values are
similar for this chosen ‘outer’ radius).

The value of r%a shows the radius out to which the magnetic
polarity is the same as on the horizon. As expected, r%a drops
to the horizon during the field inversion (destruction of the inner
part of the second field loop) at t ∼ 2700rg/c. It also gradually
drops as the next polarity inversion (outer part of the third field
loop) eats away at the magnetic flux outside the BH. The process
of field inversion is also evident by looking at %H(t)/%a(t) (i.e.
ratio of time-dependent fluxes) corresponding to [the flux on the

BH] per unit [flux on the BH plus available of the same polarity
just beyond the BH]. %H(t)/%a(t) ∼ 1 is reached during the field
polarity inversion, and at late times %H(t)/%a(t) ∼ 1 is approached.
However, while ϒ holds steady, the value of |%H(t)/%a(t)| ≪ 1,
which indicates that much more same-polarity flux is available.
This shows that the saturated value of ϒ (and so η) is controlled
by some force balance condition and not simply limited by initial
conditions. Finally, |% tH(t)/&H(t)| ∼ 1 shows that the horizon’s field
is dipolar (l ≈ 1).

5.3 Time-averaged poloidal (r − θ ) dependence

Fig. 6 shows the time-averaged flow field and contours for other
conditions. The figure is comparable to the snapshot shown in
Fig. 3. The jet region contains significant magnetic flux and same-
signed polarity field exists near the BH ready to be accreted. In the
quasi-stationary state, the BH’s magnetic flux oscillates around its
saturated magnitude, whose time-averaged value is determined by
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Figure 4. Evolved snapshot (see Supporting Information for the movie) of the fiducial model at t ≈ 15612rg/c showing log of rest-mass density in colour (see
the legend on the right-hand side) in both the z–x plane at y = 0 (top left-hand panel) and the y–x plane at z = 0 (top right-hand panel). The black lines trace
field lines, where the thicker black lines show where field is lightly mass-loaded. The bottom panel has three subpanels. The top subpanel shows Ṁ through
the BH (ṀH), out in the jet (Ṁ j, at r = 50rg), and out in the magnetized wind (Ṁmw,o, at r = 50rg) with legend. The middle subpanel shows ϒ for similar
conditions. The bottom subpanel shows the efficiency (η) for similar conditions. The horizontal lines of the same colours show the averages over the averaging
period, while the square/triangle/circle tickers are placed at the given time and values. In summary, the efficiency is high at η ∼ 200 per cent. Also, despite
plenty (up to 10 times around t ∼ 8500rg/c) of same-signed polarity magnetic flux surrounding the BH, the magnetic flux reaches a stable saturated value of
ϒH ≈ 17 as managed by magnetic RT modes. This suggests that the simulation has reached a force balance between the magnetic flux in the disc and the hot
heavy inflow.

However, during the field inversion, the geometric thickness re-
stores to the prior geometric thickness (θd ≃ 0.7) at all radii, which
indicates that the field (lost during the field annihilation) is respon-
sible for the thinning of the dense part of the disc. After the field
polarity inversion, the magnetic flux re-accumulates near the BH,
which leads again to the vertical compression of the disc flow. The
α-viscosity parameter holds steady at about αb ∼ 0.05. ϒ in the
pure inflow (u r < 0 only) available at large radii (here r = 50rg,
giving ϒouter in the plot) is large (the BH and ‘outer’ values are
similar for this chosen ‘outer’ radius).

The value of r%a shows the radius out to which the magnetic
polarity is the same as on the horizon. As expected, r%a drops
to the horizon during the field inversion (destruction of the inner
part of the second field loop) at t ∼ 2700rg/c. It also gradually
drops as the next polarity inversion (outer part of the third field
loop) eats away at the magnetic flux outside the BH. The process
of field inversion is also evident by looking at %H(t)/%a(t) (i.e.
ratio of time-dependent fluxes) corresponding to [the flux on the

BH] per unit [flux on the BH plus available of the same polarity
just beyond the BH]. %H(t)/%a(t) ∼ 1 is reached during the field
polarity inversion, and at late times %H(t)/%a(t) ∼ 1 is approached.
However, while ϒ holds steady, the value of |%H(t)/%a(t)| ≪ 1,
which indicates that much more same-polarity flux is available.
This shows that the saturated value of ϒ (and so η) is controlled
by some force balance condition and not simply limited by initial
conditions. Finally, |% tH(t)/&H(t)| ∼ 1 shows that the horizon’s field
is dipolar (l ≈ 1).

5.3 Time-averaged poloidal (r − θ ) dependence

Fig. 6 shows the time-averaged flow field and contours for other
conditions. The figure is comparable to the snapshot shown in
Fig. 3. The jet region contains significant magnetic flux and same-
signed polarity field exists near the BH ready to be accreted. In the
quasi-stationary state, the BH’s magnetic flux oscillates around its
saturated magnitude, whose time-averaged value is determined by
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Figure 4. Evolved snapshot (see Supporting Information for the movie) of the fiducial model at t ≈ 15612rg/c showing log of rest-mass density in colour (see
the legend on the right-hand side) in both the z–x plane at y = 0 (top left-hand panel) and the y–x plane at z = 0 (top right-hand panel). The black lines trace
field lines, where the thicker black lines show where field is lightly mass-loaded. The bottom panel has three subpanels. The top subpanel shows Ṁ through
the BH (ṀH), out in the jet (Ṁ j, at r = 50rg), and out in the magnetized wind (Ṁmw,o, at r = 50rg) with legend. The middle subpanel shows ϒ for similar
conditions. The bottom subpanel shows the efficiency (η) for similar conditions. The horizontal lines of the same colours show the averages over the averaging
period, while the square/triangle/circle tickers are placed at the given time and values. In summary, the efficiency is high at η ∼ 200 per cent. Also, despite
plenty (up to 10 times around t ∼ 8500rg/c) of same-signed polarity magnetic flux surrounding the BH, the magnetic flux reaches a stable saturated value of
ϒH ≈ 17 as managed by magnetic RT modes. This suggests that the simulation has reached a force balance between the magnetic flux in the disc and the hot
heavy inflow.

However, during the field inversion, the geometric thickness re-
stores to the prior geometric thickness (θd ≃ 0.7) at all radii, which
indicates that the field (lost during the field annihilation) is respon-
sible for the thinning of the dense part of the disc. After the field
polarity inversion, the magnetic flux re-accumulates near the BH,
which leads again to the vertical compression of the disc flow. The
α-viscosity parameter holds steady at about αb ∼ 0.05. ϒ in the
pure inflow (u r < 0 only) available at large radii (here r = 50rg,
giving ϒouter in the plot) is large (the BH and ‘outer’ values are
similar for this chosen ‘outer’ radius).

The value of r%a shows the radius out to which the magnetic
polarity is the same as on the horizon. As expected, r%a drops
to the horizon during the field inversion (destruction of the inner
part of the second field loop) at t ∼ 2700rg/c. It also gradually
drops as the next polarity inversion (outer part of the third field
loop) eats away at the magnetic flux outside the BH. The process
of field inversion is also evident by looking at %H(t)/%a(t) (i.e.
ratio of time-dependent fluxes) corresponding to [the flux on the

BH] per unit [flux on the BH plus available of the same polarity
just beyond the BH]. %H(t)/%a(t) ∼ 1 is reached during the field
polarity inversion, and at late times %H(t)/%a(t) ∼ 1 is approached.
However, while ϒ holds steady, the value of |%H(t)/%a(t)| ≪ 1,
which indicates that much more same-polarity flux is available.
This shows that the saturated value of ϒ (and so η) is controlled
by some force balance condition and not simply limited by initial
conditions. Finally, |% tH(t)/&H(t)| ∼ 1 shows that the horizon’s field
is dipolar (l ≈ 1).

5.3 Time-averaged poloidal (r − θ ) dependence

Fig. 6 shows the time-averaged flow field and contours for other
conditions. The figure is comparable to the snapshot shown in
Fig. 3. The jet region contains significant magnetic flux and same-
signed polarity field exists near the BH ready to be accreted. In the
quasi-stationary state, the BH’s magnetic flux oscillates around its
saturated magnitude, whose time-averaged value is determined by
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• Powerful jet → Strong magnetic field 
→ Magnetically Arrested Disks (MAD)

• Reconnection with strong magnetic field 
→ most of released energy may 
go to non-thermal protons 

4854 G. R. Werner et al.

Figure 22. Electron and ion particle energy distributions (at the end of reconnection) for a range of σ i from 0.03 (upper left) to 30 (lower right) versus energy
per particle; black lines indicate the slope corresponding to the fitted power-law indices of the electron distributions.

simple formula (which hopefully may find useful applications for
astrophysical modelling, see Section 5)

p(σi) ≈ 1.9 + 0.7/
√

σi . (4)

For large σ i, where ei reconnection should be identical to
electron–positron reconnection, p approaches a value around 1.9,
consistent with previous studies of pair–plasma reconnection. For
these simulations, by virtue of our initial setup, σ hot → 25 as
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Figure 18. A snapshot of the electrostatic potential (satisfying −∇2! =
4πρ) at a time during mid-reconnection for σ i = 0.1.

Figure 19. The electrostatic potential difference between upstream and the
major X-point and O-point (averaged over mid-reconnection) versus σ i.

the initial magnetic energy is converted during reconnection into
particle kinetic energy (Fig. 7, left); the precise amount of mag-
netic dissipation depends weakly on σ i, with about 29 per cent of
the magnetic energy being dissipated for σ i = 0.03, 35 per cent for
σ i = 1, increasing to approximately 41 per cent in the ultrarela-
tivistic limit. Almost all the released in-plane (xy) magnetic energy
goes to particles, with a comparatively small amount going to elec-
tric and out-of-plane magnetic field. The partitioning of released
energy between electrons and ions is of great astrophysical impor-
tance because electrons are much more efficient radiators than ions,
and so only the energy transferred to electrons may have direct
observational consequences. Knowing the partition is therefore an

Figure 20. The final energy partition between background electrons and
ions, versus σ i.

important step in estimating the energy budgets of astrophysical
phenomena, based on intensity of observed radiation from, e.g. sys-
tems like BH-powered (blazar) jets and accreting BH coronae (e.g.
Rees et al. 1982; Rees 1984).

Our simulations are sufficiently large that over 90 per cent of
the dissipated magnetic energy goes to background particles, with
less than 10 per cent absorbed by initially drifting particles in the
Harris sheets. Ions (collectively) gain more energy than electrons,
although the difference disappears as σ i increases, so that the scale
separation between electrons and ions becomes negligible (Fig. 20).
As σ i is lowered, transitioning into the semirelativistic regime, the
ion-to-electron energy gain ratio increases (hence the electron heat-
ing fraction qe decreases). However, we find that this ratio does not
continue to increase indefinitely as σ i drops well below 1, but levels
out, with ions gaining about three times as much energy as electrons
in our lowest σ i runs (σ i = 0.03 and 0.1). It is interesting to note
that this asymptotic ratio is similar to what has been seen in non-
relativistic reconnection: the ratio of ion-to-electron energy gain
has been found to be ≃2 in MRX laboratory experiments (Yamada
et al. 2014); PIC simulations have yielded ratios around 1.4–2.6
(Yamada et al. 2015; Haggerty et al. 2015); and spacecraft obser-
vations in Earth’s magnetotail yielded values around 1.6–2.7 (East-
wood et al. 2013). Observations of reconnection with asymmet-
ric upstream plasma conditions in Earth’s magnetopause reported
higher ion-to-electron energy gain ratios from 3 to about 15, with an
average around 8 (Phan et al. 2013, 2014); however, the ion/electron
energy partition was shown to be sensitive to the upstream temper-
ature ratio Te/Ti (Haggerty et al. 2015), and perhaps this sensitivity
extends to differing upstream temperatures in asymmetric recon-
nection. In addition, we note that in the very early stages of low-σ i

simulation, background electrons (collectively) gain energy faster
than background ions; as the simulation proceeds, the ions’ energy
gains overtake the electrons’.

Overall, we find that the electron fraction of the dissipated mag-
netic energy is well fitted across all our simulations by the simple,
empirical formula

qe = 1
4

(
1 +

√
σi/5

2 + σi/5

)
. (3)

This electron heating fraction, as a function of σ i, may potentially
serve as a physically motivated prescription for calculating radiative

MNRAS 473, 4840–4861 (2018)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/473/4/4840/4265350 by KER
IS N

ational Access user on 17 January 2020

McKinney et al. 2012

Ball et al. 2018



Model
19

c.f.) Mahadevan et al. 1997; 
SSK et al. 2015, 2019, in prep

• Consider Steady & one-zone accreting plasma
• Non-thermal protons emit gamma-rays through hadronic interactions
• Thermal electrons emit soft photons through Synchrotron & SSC 
→ take γγ attenuation by soft photons into account

• Secondary e+e- pairs emit soft radiations through Synchrotron 

contributions from flaring blazars should be less than
∼10–50% [36,49].
Another constraint is provided by the extragalactic

gamma-ray background detected by Fermi [50]. When
astrophysical neutrinos are produced through pion decay,
gamma rays are also produced simultaneously. The gen-
erated gamma-ray luminosity is comparable to the neutrino
luminosity, and the TeV–PeV gamma rays are cascaded
down to the GeV–TeV energy range during their propa-
gation towards Earth. In order to avoid overproducing the
observed extragalactic gamma-ray background, the neu-
trino spectral index should be smaller than 2.1–2.2 [51],
which is in tension with the best-fit spectrum of the obser-
ved neutrinos in the shower analyses [4,5,52,53]. Also, the
neutrino flux at 1–100 TeV is higher than that above
100 TeV [4,5], although this might be due to the strong
atmospheric background [54]. If such a “medium-energy
excess” is real, the serious tension with the gamma-ray
background is unavoidable, suggesting that the main
sources are opaque and hidden in high-energy gamma
rays [55]. This argument disfavors many astrophysical
scenarios as the origin of these neutrinos, including
starburst galaxies [51,56–64], galaxy clusters [51,65–69],
and radio galaxies [70,71].
We consider high-energy neutrino emission from the

vicinity of supermassive black holes (SMBHs) in active
galactic nuclei (AGNs) [72–78]. A luminous AGN hosts
a geometrically thin, optically thick accretion disk that
produces copious UV photons [79–81], and the ratio of the
observed UV to x-ray luminosity is very high [82–84].
Such target photon fields lead to a hard neutrino spectrum
at PeV energies [85,86]. The accretion shock has been
considered, but the existence of such a shock has not been
supported by numerical simulations so far. On the other
hand, recent studies on magnetorotational instabilities
suggest that particle acceleration via magnetic reconnec-
tions and turbulence is promising in AGN coronae, and
Ref. [87] showed that the mysterious 10–100 TeV compo-
nent in the diffuse neutrino flux can be explained by the
AGN core model of radio-quiet AGNs. It was found that the
Bethe-Heitler process is critically important, which led to
robust predictions of MeV gamma rays via proton-induced
cascades.
Low-luminosity AGNs (LLAGNs), however, have

different spectral energy distributions, in which a UV
bump is absent [88]. This indicates that there is an opti-
cally thin, hot accretion flow instead of an optically thick
disk. Remarkably, plasma properties of hot AGN coronae
and radiatively inefficient accretion flows (RIAFs [89,90])
in LLAGNs seem similar in the sense that the plasmas
are expected to be collisionless for ions. It is natural
to consider the same type of proton acceleration in both
Seyfert galaxies and LLAGNs. Reference [91] consi-
dered the stochastic acceleration expected in such RIAFs
of LLAGNs, and showed that the neutrinos produced
by the accelerated protons can account for the diffuse

astrophysical neutrino background (see also Refs. [92,93]
for neutrino emissions from LLAGNs). The LLAGNmodel
can avoid the gamma-ray and the point-source constraints,
thanks to its compact emission region and high number
density, although Ref. [91] did not provide details of the
resulting gamma-ray spectra.
In this paper, we describe a refined LLAGN model, and

show how multimessenger information on neutrinos and
gamma rays can be used as a test of the proposed LLAGN
model. We estimate the physical quantities in the RIAFs of
several nearby LLAGNs including the photons from the
thermal electrons in Sec. II. We then estimate the high-
energy proton spectra in Sec. III, and calculate the high-
energy neutrino spectra and their detectability in Sec. IV.
We calculate the gamma rays from proton-induced electro-
magnetic cascades in Sec. V. Finally, we summarize the
results and discuss their implications in Sec. VI. We note
that our refined model can reproduce the diffuse MeV
gamma-ray and the TeV–PeV neutrino backgrounds simul-
taneously without overshooting the Fermi data, which is
shown in an accompanying paper. In this paper, we focus
on the detection prospects of individual nearby LLAGNs.

II. PHYSICAL QUANTITIES IN RIAFs

We consider a RIAF of size R and mass accretion rate
_M around a SMBH of mass MBH. We use the notation
Qx ¼ 10x in cgs units, unless otherwise noted. To represent
the physical quantities in the RIAF, it is convenient
to normalize R by the Schwarzschild radius: R ¼
RRS ≃2.95 × 1014R1M8, where RS ¼ 2GMBH=c2 is the
Schwarzschild radius, G is the gravitational constant, and c
is the speed of light. The mass accretion rate is normalized
by the Eddington accretion rate: _m ¼ _Mc2=LEdd, where
LEdd ≃ 1.3× 1046M8 erg s−1 is the Eddington luminosity.
According to recent magnetohydrodynamic (MHD)

simulations (see e.g., Refs. [94–99]), the radial velocity,
the sound velocity, the scale height, the number density, the
magnetic field, and the Alfven velocity in the RIAF are
estimated to be

VR ≈
1

2
αVK ≃3.4 × 108R−1=2

1 α−1 cm s−1;

Cs ≈
1

2
VK ≃3.4 × 109R−1=2

1 cm s−1;

H ≈
1

2
R ≃ 1.5 × 1014R1M8 cm;

np ≈
_M

4πmpRHVR
≃ 4.6× 108R−3=2

1 α−1−1M
−1
8 _m−2 cm−3;

B ≈

ffiffiffiffiffiffiffiffiffiffi
8πPg

β

s

≃2.6× 102R−5=4
1 α−1=2−1 M−1=2

8 _m1=2
−2β

−1=2
0.5 G;

VA ≈
Bffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi

4πmpnp
p ≃2.7× 109R−1=2

1 β−1=20.5 cm s−1;
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Figure 3
Schematic drawings of the central engines of radiative-mode and jet-mode AGNs (not to scale).
(a) Radiative-mode AGNs possess a geometrically thin, optically thick accretion disk, reaching into the
radius of the innermost stable orbit around the central supermassive black hole. Luminous UV radiation
from this accretion disk illuminates the broad-line and narrow-line emission regions. An obscuring structure
of dusty molecular gas prohibits direct view of the accretion disk and broad-line regions from certain lines of
sight (Type 2 AGN), whereas they are visible from others (Type 1 AGN). In a small proportion of sources
(predominantly toward the high end of the range of black hole masses), powerful radio jets can also be
produced. (b) In jet-mode AGNs the thin accretion disk is replaced in the inner regions by a geometrically
thick advection-dominated accretion flow. At larger radii (beyond a few tens of Schwarzschild radii, the
precise value depending upon properties of the accretion flow, such as the Eddington-scaled accretion rate),
there may be a transition to an outer (truncated) thin disk. The majority of the energetic output of these
sources is released in bulk kinetic form through radio jets. Radiative emission is less powerful, but can ionize
weak, low-ionization narrow-line regions, especially where the truncation radius of the thin disk is relatively
low.

axis of the obscuring structure, it photoionizes gas on circumnuclear scales (a few hundred to a few
thousand parsecs). This more quiescent and lower-density population of clouds produces UV-,
optical-, and IR-forbidden and -permitted emission lines, Doppler-broadened by several hundred
kilometers per second, and is hence called the narrow-line region (NLR).

Observing an AGN from a sight line nearer the polar axis of the obscuring structure yields a
clear direct view of the SMBH, the disk/corona, and broad-line region (BLR). These are called
Type 1 (or unobscured) AGNs. When observing an AGN from a sight line nearer the equatorial
plane of the obscuring structure, this central region is hidden and these are called Type 2 (or
obscured) AGNs. This is the basis for the standard unified model for radiative-mode AGNs (e.g.,
Antonucci 1993), which asserts that the Type 1 and 2 populations differ only in the viewing angle
from which the AGN is observed. The presence of AGNs can still be inferred in the Type 2
objects from the thermal IR emission from the obscuring structure, from hard X-rays transmitted
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Soft photons in RIAFs

• Synchrotron peak at radio
• SSC for IR to MeV gamma
• high accretion rate  
→ luminous & hard

• higher black hole mass 
→ luminous

• Electron temperature:  
always MeV range

• Our model is consistent with  
X-ray observation in terms of  
- softening in hard X-ray range  
- anti-correlation of λEdd - Γx
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where VK ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
GMBH=R

p
is the Keplerian velocity, α is

the viscous parameter [79], mp is the proton mass, β ¼
8πPg=B2 is the plasma beta, and Pg ¼ mpnpC2

s is the
gas pressure. We assume pure proton composition for
simplicity. The magnetic field strength in the hot accretion
flows depends on the configuration of the magnetic field:
β ∼ 10–100 for standard and normal evolution (SANE)
flows, whereas β ∼ 1–10 for magnetically arrested disks
(e.g., Refs. [95,97,100,101]). We use β ∼ 3.2 as a reference
value because lower-β plasmas are suitable for producing
nonthermal particles [102]. For the viscous parameter α,
SANE models tend to give a lower value, α ≃ 0.03 [98,99],
while observations of x-ray binaries and dwarf novae
suggest α ≃ 0.1–1 (see Ref. [103] and references therein).
Here, we set α ¼ 0.1 as a reference value.
Although cooling processes have little influence on the

dynamical structure in the RIAF, the thermal electrons
supply target photons for photohadronic interactions and γγ
two-photon annihilation. We calculate the characteristics of
the target photons in the RIAF using a method similar to
Ref. [91]. We consider synchrotron, bremsstrahlung, and
inverse Compton emission processes. The calculation
method of the emission spectrum due to each process
was discussed in the Appendix of Ref. [91]. Note that this
treatment is valid only for flows with Thomson optical
depths τT ≈ npσTR < 1, where σT is the Thomson cross
section.
As long as _m≳ 10−2α2 ∼ 10−4α2−1, the balance between

the cooling rate and heating rate of the thermal electrons
determines the electron temperature, Θe ¼ kBTe=ðmec2Þ,
where me is the electron mass and kB is the Boltzmann
constant [90,104]. Then, the electron heating rate is equal
to the bolometric luminosity from the thermal electrons. If
the Coulomb collisions with the thermal protons are the
dominant heating process, the heating rate is proportional
to n2p, which leads to Lbol ∝ _m2. Then, the bolometric
luminosity is phenomenologically given by (see, e.g.,
Refs. [105,106])

Lbol ≈ ϵrad;sd

"
_m
_mcrit

#
2

_mcritLEdd; ð1Þ

where _mcrit is the normalized critical accretion rate above
which the RIAF solution no longer exists [107,108] and
ϵrad;sd ∼ 0.1 is the radiation efficiency of the standard thin
disk. The critical accretion rate can be expressed as a
function of α [104,109]. Following Ref. [109], we represent
_mcrit ∼ 3α2 ≃ 3 × 10−2α2−1. Note that the dissipation proc-
esses in collisionless accretion flows are still controversial.
If the electrons are directly heated by plasma dissipation
processes induced by kinetic instabilities [110–118], the
electron heating rate may be proportional to _m, leading to
Lbol ∝ _m as assumed in Ref. [91]. In reality, the scaling
relation may be located between the two regimes. In this
paper, we use Eq. (1) for simplicity.

Observations give us the x-ray luminosity, LX, which is
connected to _m in our model. Using the bolometric
correction factor, κbol=X, the x-ray luminosity is related
to the bolometric luminosity as

Lbol ≈ κbol=XLX: ð2Þ

According to the x-ray surveys, κbol=X is higher for a higher
Lbol or λEdd, where λEdd ¼ Lbol=LEdd is the Eddington
ratio. At the low-luminosity end, κbol=X becomes almost
constant, κbol=X ∼ 5–20 [84,119,120]. Using Eqs. (1) and
(2) with a constant κbol=X, we can write _m as a function of
observables:

FIG. 1. Soft photon spectra for NGC 3516 (red-solid line),
NGC 4203 (blue-dashed line), NGC 3998 (green-dotted line),
and NGC 5866 (purple-dot-dashed).

TABLE I. Observational quantities for nearby LLAGNs. These
LLAGNs are selected as the ten brightest ones in the x-ray band
except NGC 5866, which is an LLAGN with a lower accretion
rate shown in Fig. 1. Units are [erg s−1 cm−2] for FX;obs, [erg s−1]
for LX;obs, [M⊙] for MBH, [Mpc] for dL, and [deg] for δ.

ID logFX;obs logLX;obs logMBH dL δ
NGC Type [erg s−1 cm−2] [erg s−1] [M⊙] [Mpc] [deg]

4565 S1.9 −10.73 41.32 7.43 9.7 26.0
3516 S1.2 −10.84 42.42 8.07 38.9 72.6
4258 S1.9 −10.84 40.90 7.62 6.8 47.3
3227 S1.5 −11.06 41.64 7.43 20.6 19.9
4138 S1.9 −11.26 41.28 7.17 17.0 43.7
3169 L2 −11.32 41.35 8.16 19.7 3.5
4579 S1.9/L −11.36 41.17 7.86 16.8 11.8
3998 L1.2 −11.43 41.32 9.23 21.6 55.5
3718 L1.9 −11.48 41.06 7.77 17.0 53.1
4203 L1.9 −11.68 40.37 7.89 9.7 33.2
4486 L2 −11.71 40.82 9.42 16.8 12.4
3031 S1.5 −11.71 39.48 7.82 3.6 69.1

5866 T2 −14.16 38.29 7.92 15.3 55.8
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Non-thermal Protons
• Transport equation: 
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nonthermal proton production efficiency. We use the
Chang-Cooper method to solve the equation [147,148],
and calculate the time evolution until steady state is
achieved. Note that the normalization is different from
that used in Ref. [87], where we normalized the injection
such that _F 0 ¼ finjLX;obs=ð4π2ε3injR3Þ. Here, finj is the
efficiency of the injection to the stochastic acceleration, and
finj needs to be much smaller than ϵp.

C. Power-law injection models (B and C)

For models B and C, we consider a generic acceleration
mechanism, and the steady-state proton spectrum, Nεp ¼
dN=dεp, is obtained by solving the transport equation:

d
dεp

!
−

εp
tcool

Nεp

"
¼ _Nεp;inj −

Nεp

tesc
; ð11Þ

where _Nεp;inj is the injection function. We consider a power-
law injection with an exponential cutoff:

_Nεp;inj ¼ _N0

!
εp

εp;cut

"−sinj
exp

!
−

εp
εp;cut

"
; ð12Þ

where _N0 is the normalization factor, sinj is the injection
spectral index, and εp;cut is the cutoff energy. We normalize
the injection by

Z
εp _Nεp;injdεp ¼ ϵp _mLEdd: ð13Þ

We can get an analytic solution of the transport equation
(cf. Ref. [149]):

Nεp ¼
tcool
εp

Z
∞

εp

dε0p _Np;injðε0pÞ exp ð−Gðεp; ε0pÞÞ; ð14Þ

Gðε1; ε2Þ ¼
Z

ε2

ε1

tcool
tesc

dε0p
ε0p

: ð15Þ

This solution includes an exponential term, so we need to
carefully treat the numerical integration. In the rest of this
paper, we show the results using Simpson’s rule and 115
grid points per energy decade. We computed the numerical
integration with the trapezoidal rule and/or with 50–200
grid points per decade, and confirmed that the error is
reduced to less than 30% using Simpson’s rule with 100
grid points per energy decade.
The maximum achievable energy of protons is deter-

mined by the balance between acceleration and loss. We
phenomenologically write the acceleration time as

tacc ≈ηacc
rL
c

ð16Þ

where ηacc is a parameter for the acceleration time scale.
Since the infall is the most efficient loss process for the
majority of the LLAGNs, we estimate the cutoff energy by
tacc ¼ tfall. This treatment approximates the cutoff energy
within an error of a factor of a few.

D. Escape and cooling time scales

High-energy protons escape from the RIAF via advec-
tion or diffusion. The advective escape time is equal to the
infall time given by Eq. (6). The diffusive escape time
depends on the magnetic field configuration. According
to MHD simulations, the magnetic fields in RIAFs are
stretched in the azimuthal direction. The nonthermal pro-
tons’ mean free path perpendicular to the magnetic field
is much shorter than that along the field line (e.g.,
Refs. [99,133]). In the turbulence with a power spectrum
of Pk ∝k−q, the parallel mean free path and the
perpendicular diffusion coefficient are estimated to be
(e.g., Refs. [145,146,150,151])

λk ≈
rL
3ζ

!
H
rL

"
q−1

; ð17Þ

D⊥ ≈
Dk

1þ ðλk=rLÞ2
: ð18Þ

The Larmor radius in the RIAF is estimated to be

rL ≃1.3 × 1010εp;15R
−5=4
1 α−1=2−1 M−1=2

8 _m1=2
−2 β

−1=2
0.5 cm; ð19Þ

with our fiducial parameter set (see Table III) and
εp;15 ¼ εp=PeV. Then, we obtain λk=rL ≃2.3 × 104, lead-
ing toD⊥=Dk ≃1.9 × 10−9. Hence, we ignore the diffusive
escape process in this paper, i.e., we use tesc ¼ tfall. The
value of D⊥ could be larger due to possible cross-field
diffusion. To understand the behavior of high-energy
protons in configuration space, much more elaborate
calculations would be required, which are beyond the
scope of this paper (see Ref. [99] for a related discussion).
As for the proton cooling processes, we take into account

pp inelastic collisions, photomeson production, proton
synchrotron processes, and the Bethe-Heitler process.
The pp cooling rate is

t−1pp ≈npσppcκpp; ð20Þ

where σpp and κpp are the cross section and inelasticity for
pp interactions, respectively. σpp was given in Ref. [152],
and κpp is set to be 0.5. The photomeson production rate is

t−1pγ ¼ c
2γ2p

Z
∞

ε̄th

dε̄γσpγκpγε̄γ

Z
∞

ε̄γ=ð2γpÞ
dεγε−2γ

dnγ
dεγ

; ð21Þ

where γp ¼ εp=ðmpc2Þ, ε̄p;th ≃145 MeV is the threshold
energy for the photomeson production, ε̄γ is the photon
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nonthermal proton production efficiency. We use the
Chang-Cooper method to solve the equation [147,148],
and calculate the time evolution until steady state is
achieved. Note that the normalization is different from
that used in Ref. [87], where we normalized the injection
such that _F 0 ¼ finjLX;obs=ð4π2ε3injR3Þ. Here, finj is the
efficiency of the injection to the stochastic acceleration, and
finj needs to be much smaller than ϵp.

C. Power-law injection models (B and C)

For models B and C, we consider a generic acceleration
mechanism, and the steady-state proton spectrum, Nεp ¼
dN=dεp, is obtained by solving the transport equation:

d
dεp

!
−

εp
tcool

Nεp

"
¼ _Nεp;inj −

Nεp

tesc
; ð11Þ

where _Nεp;inj is the injection function. We consider a power-
law injection with an exponential cutoff:

_Nεp;inj ¼ _N0

!
εp

εp;cut

"−sinj
exp

!
−

εp
εp;cut

"
; ð12Þ

where _N0 is the normalization factor, sinj is the injection
spectral index, and εp;cut is the cutoff energy. We normalize
the injection by

Z
εp _Nεp;injdεp ¼ ϵp _mLEdd: ð13Þ

We can get an analytic solution of the transport equation
(cf. Ref. [149]):

Nεp ¼
tcool
εp

Z
∞

εp

dε0p _Np;injðε0pÞ exp ð−Gðεp; ε0pÞÞ; ð14Þ

Gðε1; ε2Þ ¼
Z

ε2

ε1

tcool
tesc

dε0p
ε0p

: ð15Þ

This solution includes an exponential term, so we need to
carefully treat the numerical integration. In the rest of this
paper, we show the results using Simpson’s rule and 115
grid points per energy decade. We computed the numerical
integration with the trapezoidal rule and/or with 50–200
grid points per decade, and confirmed that the error is
reduced to less than 30% using Simpson’s rule with 100
grid points per energy decade.
The maximum achievable energy of protons is deter-

mined by the balance between acceleration and loss. We
phenomenologically write the acceleration time as

tacc ≈ηacc
rL
c

ð16Þ

where ηacc is a parameter for the acceleration time scale.
Since the infall is the most efficient loss process for the
majority of the LLAGNs, we estimate the cutoff energy by
tacc ¼ tfall. This treatment approximates the cutoff energy
within an error of a factor of a few.

D. Escape and cooling time scales

High-energy protons escape from the RIAF via advec-
tion or diffusion. The advective escape time is equal to the
infall time given by Eq. (6). The diffusive escape time
depends on the magnetic field configuration. According
to MHD simulations, the magnetic fields in RIAFs are
stretched in the azimuthal direction. The nonthermal pro-
tons’ mean free path perpendicular to the magnetic field
is much shorter than that along the field line (e.g.,
Refs. [99,133]). In the turbulence with a power spectrum
of Pk ∝k−q, the parallel mean free path and the
perpendicular diffusion coefficient are estimated to be
(e.g., Refs. [145,146,150,151])

λk ≈
rL
3ζ

!
H
rL

"
q−1

; ð17Þ

D⊥ ≈
Dk

1þ ðλk=rLÞ2
: ð18Þ

The Larmor radius in the RIAF is estimated to be

rL ≃1.3 × 1010εp;15R
−5=4
1 α−1=2−1 M−1=2

8 _m1=2
−2 β

−1=2
0.5 cm; ð19Þ

with our fiducial parameter set (see Table III) and
εp;15 ¼ εp=PeV. Then, we obtain λk=rL ≃2.3 × 104, lead-
ing toD⊥=Dk ≃1.9 × 10−9. Hence, we ignore the diffusive
escape process in this paper, i.e., we use tesc ¼ tfall. The
value of D⊥ could be larger due to possible cross-field
diffusion. To understand the behavior of high-energy
protons in configuration space, much more elaborate
calculations would be required, which are beyond the
scope of this paper (see Ref. [99] for a related discussion).
As for the proton cooling processes, we take into account

pp inelastic collisions, photomeson production, proton
synchrotron processes, and the Bethe-Heitler process.
The pp cooling rate is

t−1pp ≈npσppcκpp; ð20Þ

where σpp and κpp are the cross section and inelasticity for
pp interactions, respectively. σpp was given in Ref. [152],
and κpp is set to be 0.5. The photomeson production rate is

t−1pγ ¼ c
2γ2p

Z
∞

ε̄th

dε̄γσpγκpγε̄γ

Z
∞

ε̄γ=ð2γpÞ
dεγε−2γ

dnγ
dεγ

; ð21Þ

where γp ¼ εp=ðmpc2Þ, ε̄p;th ≃145 MeV is the threshold
energy for the photomeson production, ε̄γ is the photon
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• Power-law injection:

• Normalization:

nonthermal proton production efficiency. We use the
Chang-Cooper method to solve the equation [147,148],
and calculate the time evolution until steady state is
achieved. Note that the normalization is different from
that used in Ref. [87], where we normalized the injection
such that _F 0 ¼ finjLX;obs=ð4π2ε3injR3Þ. Here, finj is the
efficiency of the injection to the stochastic acceleration, and
finj needs to be much smaller than ϵp.

C. Power-law injection models (B and C)

For models B and C, we consider a generic acceleration
mechanism, and the steady-state proton spectrum, Nεp ¼
dN=dεp, is obtained by solving the transport equation:

d
dεp
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−

εp
tcool

Nεp

"
¼ _Nεp;inj −

Nεp

tesc
; ð11Þ

where _Nεp;inj is the injection function. We consider a power-
law injection with an exponential cutoff:

_Nεp;inj ¼ _N0

!
εp

εp;cut

"−sinj
exp

!
−

εp
εp;cut

"
; ð12Þ

where _N0 is the normalization factor, sinj is the injection
spectral index, and εp;cut is the cutoff energy. We normalize
the injection by

Z
εp _Nεp;injdεp ¼ ϵp _mLEdd: ð13Þ

We can get an analytic solution of the transport equation
(cf. Ref. [149]):

Nεp ¼
tcool
εp

Z
∞

εp

dε0p _Np;injðε0pÞ exp ð−Gðεp; ε0pÞÞ; ð14Þ

Gðε1; ε2Þ ¼
Z

ε2

ε1

tcool
tesc

dε0p
ε0p

: ð15Þ

This solution includes an exponential term, so we need to
carefully treat the numerical integration. In the rest of this
paper, we show the results using Simpson’s rule and 115
grid points per energy decade. We computed the numerical
integration with the trapezoidal rule and/or with 50–200
grid points per decade, and confirmed that the error is
reduced to less than 30% using Simpson’s rule with 100
grid points per energy decade.
The maximum achievable energy of protons is deter-

mined by the balance between acceleration and loss. We
phenomenologically write the acceleration time as

tacc ≈ηacc
rL
c

ð16Þ

where ηacc is a parameter for the acceleration time scale.
Since the infall is the most efficient loss process for the
majority of the LLAGNs, we estimate the cutoff energy by
tacc ¼ tfall. This treatment approximates the cutoff energy
within an error of a factor of a few.

D. Escape and cooling time scales

High-energy protons escape from the RIAF via advec-
tion or diffusion. The advective escape time is equal to the
infall time given by Eq. (6). The diffusive escape time
depends on the magnetic field configuration. According
to MHD simulations, the magnetic fields in RIAFs are
stretched in the azimuthal direction. The nonthermal pro-
tons’ mean free path perpendicular to the magnetic field
is much shorter than that along the field line (e.g.,
Refs. [99,133]). In the turbulence with a power spectrum
of Pk ∝k−q, the parallel mean free path and the
perpendicular diffusion coefficient are estimated to be
(e.g., Refs. [145,146,150,151])

λk ≈
rL
3ζ
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H
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q−1

; ð17Þ

D⊥ ≈
Dk

1þ ðλk=rLÞ2
: ð18Þ

The Larmor radius in the RIAF is estimated to be

rL ≃1.3 × 1010εp;15R
−5=4
1 α−1=2−1 M−1=2

8 _m1=2
−2 β

−1=2
0.5 cm; ð19Þ

with our fiducial parameter set (see Table III) and
εp;15 ¼ εp=PeV. Then, we obtain λk=rL ≃2.3 × 104, lead-
ing toD⊥=Dk ≃1.9 × 10−9. Hence, we ignore the diffusive
escape process in this paper, i.e., we use tesc ¼ tfall. The
value of D⊥ could be larger due to possible cross-field
diffusion. To understand the behavior of high-energy
protons in configuration space, much more elaborate
calculations would be required, which are beyond the
scope of this paper (see Ref. [99] for a related discussion).
As for the proton cooling processes, we take into account

pp inelastic collisions, photomeson production, proton
synchrotron processes, and the Bethe-Heitler process.
The pp cooling rate is

t−1pp ≈npσppcκpp; ð20Þ

where σpp and κpp are the cross section and inelasticity for
pp interactions, respectively. σpp was given in Ref. [152],
and κpp is set to be 0.5. The photomeson production rate is

t−1pγ ¼ c
2γ2p

Z
∞

ε̄th

dε̄γσpγκpγε̄γ

Z
∞

ε̄γ=ð2γpÞ
dεγε−2γ
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where γp ¼ εp=ðmpc2Þ, ε̄p;th ≃145 MeV is the threshold
energy for the photomeson production, ε̄γ is the photon
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SED for M87

• Roughly consistent with observed broadband spectrum
• LCR = 0.1Mc → MAD model achieves observed GeV flux
• radio (<10 GHz) & TeV γ should be produced by other regions
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SED for NGC 315

• Rough agreement with observed dat  
with the same parameter set of M87 except for MBH & M
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High-Energy Backgrounds 
from MAD in Radio Galaxies

• Radio luminosity function  
for “jet-mode AGN”
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spectrum is given by

dN/dϵ ∝
{
ϵ−(p+1)/2 ϵ ! ϵbr,
ϵ−(p+2)/2 ϵ > ϵbr,

(1)

where ϵbr corresponds to the IC photon energy from electrons
with γbr (Rybicki & Lightman 1979).

The SED fitting for NGC 1275 and M87 shows that the IC
peak energy in the rest frame is located at ∼5 MeV (Abdo et al.
2009b, 2009c). In this study, we use the mean photon index, Γc,
as Γ at 0.1–10 GeV and set a peak energy, ϵbr, in the photon
spectrum at 5 MeV for all gamma-ray-loud radio galaxies as a
baseline model. Then, we are able to define the average SED
shape of gamma-ray-loud radio galaxies for all luminosities
as dN/dϵ ∝ ϵ−2.39 at ϵ >5 MeV and dN/dϵ ∝ ϵ−1.89 at
ϵ ! 5 MeV by following Equation (1).

However, only three sources are currently studied with multi-
wavelength observational data. We need to make further studies
of individual gamma-ray-loud radio galaxies to understand their
SED properties in wide luminosity ranges. We examine other
spectral models in Section 5.2.

3. GAMMA-RAY LUMINOSITY FUNCTION

3.1. Radio and Gamma-ray Luminosity Correlation

To estimate the contribution of gamma-ray-loud radio galax-
ies to the EGRB, we need to construct a GLF. However, because
of the small sample size, it is difficult to construct a GLF using
current gamma-ray data alone. Here, the RLF of radio galax-
ies has been extensively studied in previous works (see, e.g.,
Dunlop & Peacock 1990; Willott et al. 2001). If there is a cor-
relation between the radio and gamma-ray luminosities, we are
able to convert the RLF to the GLF with that correlation. In
the case of blazars, it has been suggested that there is a corre-
lation between the radio and gamma-ray luminosities from the
EGRET era (Padovani et al. 1993; Stecker et al. 1993; Salamon
& Stecker 1994; Dondi & Ghisellini 1995; Zhang et al. 2001;
Narumoto & Totani 2006), although it has also been discussed
that this correlation cannot be firmly established because of flux-
limited samples (Muecke et al. 1997). Recently, using the Fermi
samples, Ghirlanda et al. (2010, 2011) confirmed that there is a
correlation between the radio and gamma-ray luminosities.

To examine a luminosity correlation in gamma-ray-loud radio
galaxies, we first derive the radio and gamma-ray luminosity
of gamma-ray-loud radio galaxies as follows. Gamma-ray
luminosities between the energies ϵ1 and ϵ2 are calculated by

Lγ (ϵ1, ϵ2) = 4πdL(z)2 Sγ (ϵ1, ϵ2)
(1 + z)2−Γ , (2)

where dL(z) is the luminosity distance at redshift, z, Γ is the
photon index, and S(ϵ1, ϵ2) is the observed energy flux between
the energies ϵ1 and ϵ2. The energy flux is given from the photon
flux Fγ , which is in the unit of photons cm−2 s−1, above ϵ1 by

Sγ (ϵ1, ϵ2) = (Γ − 1)ϵ1

Γ − 2

[(
ϵ2

ϵ1

)2−Γ
− 1

]

Fγ , (Γ ̸= 2) (3)

Sγ (ϵ1, ϵ2) = ϵ1 ln(ϵ2/ϵ1)Fγ , (Γ = 2). (4)

Radio luminosity is calculated in the same manner.
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Figure 1. Gamma-ray luminosity at 0.1–10 GeV vs. radio luminosity at 5 GHz.
The square and triangle data represent FRI and FRII galaxies, respectively. The
solid line is the fit to all sources.
(A color version of this figure is available in the online journal.)

Figure 1 shows the 5 GHz and 0.1–10 GeV luminosity relation
of Fermi gamma-ray-loud radio galaxies. Square and triangle
data represent FRI and FRII radio galaxies, respectively. The
solid line shows the fitting line to all the data. The function is
given by

log10(Lγ ) = (−3.90±0.61) + (1.16±0.02) log10(L5 GHz), (5)

where errors show 1σ uncertainties. In the case of blazars, the
slope of the correlation between Lγ (>100 MeV), luminosity
above 100 MeV, and radio luminosity at 20 GHz is 1.07 ± 0.05
(Ghirlanda et al. 2011). The correlation slopes of gamma-ray-
loud radio galaxies are similar to those of blazars. This indicates
that the emission mechanism is similar in gamma-ray-loud radio
galaxies and blazars.

We need to examine whether the correlation between the
radio and gamma-ray luminosities is true or not. In the flux-
limited observations, the luminosities of samples are strongly
correlated with redshifts. This might result in a spurious lu-
minosity correlation. As in previous works on blazar samples
(Padovani 1992; Zhang et al. 2001; Ghirlanda et al. 2011),
we perform a partial correlation analysis to test the correla-
tion between the radio and gamma-ray luminosities exclud-
ing the redshift dependence (see the Appendix for details).
First, we calculate the Spearman rank–order correlation co-
efficients (see, e.g., Press et al. 1992). The correlation co-
efficients are 0.993, 0.993, and 0.979 between log10 L5 GHz
and log10 Lγ , between log10 L5 GHz and redshift, and between
log10 Lγ and redshift, respectively. Then, the partial correlation
coefficient becomes 0.866 with chance probability 1.65×10−6.
Therefore, we conclude that there is a correlation between the
radio and gamma-ray luminosities of gamma-ray-loud radio
galaxies.

3.2. Gamma-ray Luminosity Function

In this section, we derive the GLF of gamma-ray-loud radio
galaxies, ργ (Lγ , z). There is a correlation between the radio
and gamma-ray luminosities as shown in Equation (5). With
this correlation, we develop the GLF by using the RLF of radio
galaxies, ρr (Lr, z), with radio luminosity, Lr. The GLF is given

3

gamma-ray luminosities of this class of sources [42, 43]. More quantitatively, Ref. [23] con-
cluded that unresolved radio galaxies account for 83.3+27.4

�10.1% of the E� > 1 GeV photons that
make up Fermi’s IGRB. This result is consistent with the findings of other recent work [38–
40, 44–47], including analyses based on cross-correlations of the IGRB with multi-wavelength
data [48–51].

The realization that radio galaxies dominate the IGRB has important implications
for IceCube and their observed flux of high-energy astrophysical neutrinos. In this paper,
we demonstrate that if the gamma-ray emission observed from radio galaxies is generated
through the interactions of cosmic-ray protons with gas, then one should expect these sources
to also produce a spectrum of neutrinos that is qualitatively similar to that observed by Ice-
Cube. Given the large fraction of the IGRB that originates directly from these sources, we
argue that any di↵use contribution from electromagnetic cascades must be suppressed, for
example by very-high energy photon scattering taking place within or near the radio galaxies
themselves, or through non-negligible synchrotron losses. Although scenarios in which Ice-
Cube’s neutrinos are produced within the jets or lobes of active galactic nuclei (AGN) are
possible, we instead consider a simple model in which high-energy cosmic rays are confined
within the volumes of radio galaxies, where they interact with gas to generate the observed
neutrino and gamma-ray fluxes (similar to earlier work within the context of starburst galax-
ies [52] and galaxy clusters [53]). This model predicts a cut-o↵ in the neutrino spectrum at
energies above approximately E⌫ ⇠ 1-100PeV, resulting from the transition between Kol-
mogorov di↵usion and e↵ective free-streaming. If we extrapolate the spectrum of cosmic
rays that are accelerated by radio galaxies from ⇠108 GeV to ⇠1011 GeV, we find that these
sources can also generate the observed flux and spectrum of the ultra-high energy cosmic
rays. It is possible that cosmic rays and/or neutrinos could be detected from individual
radio galaxies in the future, making the most nearby and luminous examples of such sources
(including Centaurus A, Centaurus B, and M 87) particularly promising targets of study.

2 Gamma Rays and Neutrinos From Radio Galaxies

The sum of the emission from all unresolved radio galaxies leads to a gamma-ray flux that
is given by:

dF�

dE� d⌦
=

Z
dz

d2V

dz d⌦

Z
dF�

dE�

dL�

L� log(10)
⇢�(L� , z)(1 � !(F�(L� , z))) exp(�⌧�(E� , z)),

where d2V/dz d⌦ is the co-moving volume element, and dF�/dE� is the spectrum of gamma-
rays from a radio galaxy of luminosity L� and located at redshift z. The function ! represents
Fermi’s point source detection e�ciency [54], which accounts for the fact that resolved radio
galaxies do not contribute to the di↵use gamma-ray background2. The attenuation of the
gamma-ray spectrum from scattering with the extragalactic background light is characterized
by the optical depth, ⌧�(E� , z), for which we adopt the model of Ref. [55].

In a recent study [23], we refined the empirical correlation between the radio and gamma-
ray emission detected from radio galaxies (see also Refs. [42, 43]) and combined this informa-
tion with the measured radio luminosity function and redshift distribution [56] to determine
the gamma-ray luminosity function of radio galaxies, ⇢�(L� , z), and ultimately the total con-
tribution from all unresolved radio galaxies to the di↵use gamma-ray background. In doing

2In the case of radio galaxies, this calculation depends very little on the precise form of !, as only a very
small fraction of the total gamma-ray flux originates from above or near threshold sources.

– 2 –

• Convert Radio luminosity 
 to γ-ray luminosity
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Best & Heckman 2012), and the 6-degree-field galaxy survey (6dFGS; Mauch & Sadler 2007) are
all in excellent agreement and show that the local radio luminosity function of AGNs is well fitted
by a double power-law model similar in form to Equation 6:

ρ = ρ0/
[
(P/P0)α + (P/P0)β

]
. (7)

At 1.4 GHz, the best-fitting values from combining all four spectroscopic surveys above give
ρ0 = 10−(5.33±0.12) Mpc−3 log10(P )−1, P0 = 1024.95±0.14 W Hz−1, α = 0.42 ± 0.04, and β =
1.66 ± 0.21. Mauch & Sadler (2007) show that, at the faint end, the radio luminosity function of
radio-loud AGNs continues with the same slope down to at least P1.4 GHz ∼ 1020 W Hz−1. They
argue that the luminosity function must begin to turn over at around P1.4 GHz ∼ 1019.5 W Hz−1, or
the total space density of radio sources would exceed the space density of galaxies brighter than L∗,
which form the typical hosts. Cattaneo & Best (2009) similarly argue for a turnover no fainter than
P1.4 GHz ∼ 1019.2 W Hz−1 by comparison with the local space density of SMBHs above 106 M⊙.
Thus, the observed radio luminosity functions now broadly constrain the entire distribution of
AGN radio luminosities.

The AGN population as revealed by radio surveys is composed of two distinct categories of
sources: a population with strong QSO/Seyfert-like emission lines (historically referred to as
high-excitation sources) and a population with weak LINER-like emission lines (referred to as low-
excitation sources; e.g., Hine & Longair 1979, Laing et al. 1994). In the language of the present re-
view these are radiative-mode and jet-mode AGNs, where the high excitation sources form a small
subpopulation of radiative-mode AGNs that produce powerful jets. Best & Heckman (2012) sepa-
rated the radio luminosity function into these two radio source populations and showed that both
are found over the full range of radio powers they observed (see Figure 11). The jet-mode sources
constitute about 95% of the radio-AGN population at all radio luminosities below P1.4 GHz =
1025 W Hz−1, but the radiative-mode population becomes dominant above 1026 W Hz−1. In the
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Figure 11
The local radio luminosity function of radio-loud AGNs split into radiative-mode and jet-mode sources.
The data are largely drawn from the results of Best & Heckman (2012), who split these two populations and
derived luminosity functions using radio-selected AGNs in the Sloan Digital Sky Survey main galaxy sample.
However, as shown by Gendre et al. (2013), these results underestimate the luminosity function of the
radiative-mode AGNs above 1026 W Hz−1, where Type 1 AGNs dominate. Therefore the results of Gendre
et al. are adopted for the three highest luminosity points of the radiative-mode population. The local radio
luminosity functions are well fitted by broken power-law models.
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Best & Heckman 2012), and the 6-degree-field galaxy survey (6dFGS; Mauch & Sadler 2007) are
all in excellent agreement and show that the local radio luminosity function of AGNs is well fitted
by a double power-law model similar in form to Equation 6:

ρ = ρ0/
[
(P/P0)α + (P/P0)β

]
. (7)

At 1.4 GHz, the best-fitting values from combining all four spectroscopic surveys above give
ρ0 = 10−(5.33±0.12) Mpc−3 log10(P )−1, P0 = 1024.95±0.14 W Hz−1, α = 0.42 ± 0.04, and β =
1.66 ± 0.21. Mauch & Sadler (2007) show that, at the faint end, the radio luminosity function of
radio-loud AGNs continues with the same slope down to at least P1.4 GHz ∼ 1020 W Hz−1. They
argue that the luminosity function must begin to turn over at around P1.4 GHz ∼ 1019.5 W Hz−1, or
the total space density of radio sources would exceed the space density of galaxies brighter than L∗,
which form the typical hosts. Cattaneo & Best (2009) similarly argue for a turnover no fainter than
P1.4 GHz ∼ 1019.2 W Hz−1 by comparison with the local space density of SMBHs above 106 M⊙.
Thus, the observed radio luminosity functions now broadly constrain the entire distribution of
AGN radio luminosities.

The AGN population as revealed by radio surveys is composed of two distinct categories of
sources: a population with strong QSO/Seyfert-like emission lines (historically referred to as
high-excitation sources) and a population with weak LINER-like emission lines (referred to as low-
excitation sources; e.g., Hine & Longair 1979, Laing et al. 1994). In the language of the present re-
view these are radiative-mode and jet-mode AGNs, where the high excitation sources form a small
subpopulation of radiative-mode AGNs that produce powerful jets. Best & Heckman (2012) sepa-
rated the radio luminosity function into these two radio source populations and showed that both
are found over the full range of radio powers they observed (see Figure 11). The jet-mode sources
constitute about 95% of the radio-AGN population at all radio luminosities below P1.4 GHz =
1025 W Hz−1, but the radiative-mode population becomes dominant above 1026 W Hz−1. In the
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Figure 11
The local radio luminosity function of radio-loud AGNs split into radiative-mode and jet-mode sources.
The data are largely drawn from the results of Best & Heckman (2012), who split these two populations and
derived luminosity functions using radio-selected AGNs in the Sloan Digital Sky Survey main galaxy sample.
However, as shown by Gendre et al. (2013), these results underestimate the luminosity function of the
radiative-mode AGNs above 1026 W Hz−1, where Type 1 AGNs dominate. Therefore the results of Gendre
et al. are adopted for the three highest luminosity points of the radiative-mode population. The local radio
luminosity functions are well fitted by broken power-law models.
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spectrum is given by

dN/dϵ ∝
{
ϵ−(p+1)/2 ϵ ! ϵbr,
ϵ−(p+2)/2 ϵ > ϵbr,

(1)

where ϵbr corresponds to the IC photon energy from electrons
with γbr (Rybicki & Lightman 1979).

The SED fitting for NGC 1275 and M87 shows that the IC
peak energy in the rest frame is located at ∼5 MeV (Abdo et al.
2009b, 2009c). In this study, we use the mean photon index, Γc,
as Γ at 0.1–10 GeV and set a peak energy, ϵbr, in the photon
spectrum at 5 MeV for all gamma-ray-loud radio galaxies as a
baseline model. Then, we are able to define the average SED
shape of gamma-ray-loud radio galaxies for all luminosities
as dN/dϵ ∝ ϵ−2.39 at ϵ >5 MeV and dN/dϵ ∝ ϵ−1.89 at
ϵ ! 5 MeV by following Equation (1).

However, only three sources are currently studied with multi-
wavelength observational data. We need to make further studies
of individual gamma-ray-loud radio galaxies to understand their
SED properties in wide luminosity ranges. We examine other
spectral models in Section 5.2.

3. GAMMA-RAY LUMINOSITY FUNCTION

3.1. Radio and Gamma-ray Luminosity Correlation

To estimate the contribution of gamma-ray-loud radio galax-
ies to the EGRB, we need to construct a GLF. However, because
of the small sample size, it is difficult to construct a GLF using
current gamma-ray data alone. Here, the RLF of radio galax-
ies has been extensively studied in previous works (see, e.g.,
Dunlop & Peacock 1990; Willott et al. 2001). If there is a cor-
relation between the radio and gamma-ray luminosities, we are
able to convert the RLF to the GLF with that correlation. In
the case of blazars, it has been suggested that there is a corre-
lation between the radio and gamma-ray luminosities from the
EGRET era (Padovani et al. 1993; Stecker et al. 1993; Salamon
& Stecker 1994; Dondi & Ghisellini 1995; Zhang et al. 2001;
Narumoto & Totani 2006), although it has also been discussed
that this correlation cannot be firmly established because of flux-
limited samples (Muecke et al. 1997). Recently, using the Fermi
samples, Ghirlanda et al. (2010, 2011) confirmed that there is a
correlation between the radio and gamma-ray luminosities.

To examine a luminosity correlation in gamma-ray-loud radio
galaxies, we first derive the radio and gamma-ray luminosity
of gamma-ray-loud radio galaxies as follows. Gamma-ray
luminosities between the energies ϵ1 and ϵ2 are calculated by

Lγ (ϵ1, ϵ2) = 4πdL(z)2 Sγ (ϵ1, ϵ2)
(1 + z)2−Γ , (2)

where dL(z) is the luminosity distance at redshift, z, Γ is the
photon index, and S(ϵ1, ϵ2) is the observed energy flux between
the energies ϵ1 and ϵ2. The energy flux is given from the photon
flux Fγ , which is in the unit of photons cm−2 s−1, above ϵ1 by

Sγ (ϵ1, ϵ2) = (Γ − 1)ϵ1

Γ − 2

[(
ϵ2

ϵ1

)2−Γ
− 1

]

Fγ , (Γ ̸= 2) (3)

Sγ (ϵ1, ϵ2) = ϵ1 ln(ϵ2/ϵ1)Fγ , (Γ = 2). (4)

Radio luminosity is calculated in the same manner.
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Figure 1. Gamma-ray luminosity at 0.1–10 GeV vs. radio luminosity at 5 GHz.
The square and triangle data represent FRI and FRII galaxies, respectively. The
solid line is the fit to all sources.
(A color version of this figure is available in the online journal.)

Figure 1 shows the 5 GHz and 0.1–10 GeV luminosity relation
of Fermi gamma-ray-loud radio galaxies. Square and triangle
data represent FRI and FRII radio galaxies, respectively. The
solid line shows the fitting line to all the data. The function is
given by

log10(Lγ ) = (−3.90±0.61) + (1.16±0.02) log10(L5 GHz), (5)

where errors show 1σ uncertainties. In the case of blazars, the
slope of the correlation between Lγ (>100 MeV), luminosity
above 100 MeV, and radio luminosity at 20 GHz is 1.07 ± 0.05
(Ghirlanda et al. 2011). The correlation slopes of gamma-ray-
loud radio galaxies are similar to those of blazars. This indicates
that the emission mechanism is similar in gamma-ray-loud radio
galaxies and blazars.

We need to examine whether the correlation between the
radio and gamma-ray luminosities is true or not. In the flux-
limited observations, the luminosities of samples are strongly
correlated with redshifts. This might result in a spurious lu-
minosity correlation. As in previous works on blazar samples
(Padovani 1992; Zhang et al. 2001; Ghirlanda et al. 2011),
we perform a partial correlation analysis to test the correla-
tion between the radio and gamma-ray luminosities exclud-
ing the redshift dependence (see the Appendix for details).
First, we calculate the Spearman rank–order correlation co-
efficients (see, e.g., Press et al. 1992). The correlation co-
efficients are 0.993, 0.993, and 0.979 between log10 L5 GHz
and log10 Lγ , between log10 L5 GHz and redshift, and between
log10 Lγ and redshift, respectively. Then, the partial correlation
coefficient becomes 0.866 with chance probability 1.65×10−6.
Therefore, we conclude that there is a correlation between the
radio and gamma-ray luminosities of gamma-ray-loud radio
galaxies.

3.2. Gamma-ray Luminosity Function

In this section, we derive the GLF of gamma-ray-loud radio
galaxies, ργ (Lγ , z). There is a correlation between the radio
and gamma-ray luminosities as shown in Equation (5). With
this correlation, we develop the GLF by using the RLF of radio
galaxies, ρr (Lr, z), with radio luminosity, Lr. The GLF is given

3

P0=1024.95 W/Hz, 
ρ0=10-5.33 Mpc-3

M87-like

Heckman & Best 2014

Inoue Y. 2011



High-Energy Backgrounds 
from MAD in Radio Galaxies

• MeV gamma-rays, GeV gamma-rays, & TeV-PeV 
neutrinos can be explained simultaneously  
with the same parameter set
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Figure 3
Schematic drawings of the central engines of radiative-mode and jet-mode AGNs (not to scale).
(a) Radiative-mode AGNs possess a geometrically thin, optically thick accretion disk, reaching into the
radius of the innermost stable orbit around the central supermassive black hole. Luminous UV radiation
from this accretion disk illuminates the broad-line and narrow-line emission regions. An obscuring structure
of dusty molecular gas prohibits direct view of the accretion disk and broad-line regions from certain lines of
sight (Type 2 AGN), whereas they are visible from others (Type 1 AGN). In a small proportion of sources
(predominantly toward the high end of the range of black hole masses), powerful radio jets can also be
produced. (b) In jet-mode AGNs the thin accretion disk is replaced in the inner regions by a geometrically
thick advection-dominated accretion flow. At larger radii (beyond a few tens of Schwarzschild radii, the
precise value depending upon properties of the accretion flow, such as the Eddington-scaled accretion rate),
there may be a transition to an outer (truncated) thin disk. The majority of the energetic output of these
sources is released in bulk kinetic form through radio jets. Radiative emission is less powerful, but can ionize
weak, low-ionization narrow-line regions, especially where the truncation radius of the thin disk is relatively
low.

axis of the obscuring structure, it photoionizes gas on circumnuclear scales (a few hundred to a few
thousand parsecs). This more quiescent and lower-density population of clouds produces UV-,
optical-, and IR-forbidden and -permitted emission lines, Doppler-broadened by several hundred
kilometers per second, and is hence called the narrow-line region (NLR).

Observing an AGN from a sight line nearer the polar axis of the obscuring structure yields a
clear direct view of the SMBH, the disk/corona, and broad-line region (BLR). These are called
Type 1 (or unobscured) AGNs. When observing an AGN from a sight line nearer the equatorial
plane of the obscuring structure, this central region is hidden and these are called Type 2 (or
obscured) AGNs. This is the basis for the standard unified model for radiative-mode AGNs (e.g.,
Antonucci 1993), which asserts that the Type 1 and 2 populations differ only in the viewing angle
from which the AGN is observed. The presence of AGNs can still be inferred in the Type 2
objects from the thermal IR emission from the obscuring structure, from hard X-rays transmitted
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• Cosmic-rays are naturally accelerated in hot accretion flows,  
especially in MADs by magnetic reconnection

• Radio-galaxies likely host MADs, leading to hadronic emissions
• With a one parameter set, hadronic emission from MAD can 

reproduce the gamma-ray observations for M87 & NGC 315
• With the same parameter sets, hadronic emission from MADs will 

produce wide range of cosmic high-energy backgrounds.

Summary
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